
TRINITY COLLEGE DUBLIN
THE UNIVERSITY OF DUBLIN

SCHOOL OF PHYSICS

Connecting evolved massive stars to
interacting supernovae

Author:
Ioana Boian

Supervisor:
Prof. José Groh
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Summary

Massive stars and supernovae are not only remarkable objects on their own but
they are closely related to many other topics in Astrophysics, such as nucle-
osynthesis, star formation, and gravitational waves. However the properties of
massive stars at late stages and their links to supernovae are not well understood.
In our work we aim to improve the knowledge on these topics, by studying the
spectra of evolved massive stars and the early spectra of supernovae that interact
with the winds/atmospheres of massive stars, as they provide valuable informa-
tion about supernova progenitors, such as mass-loss rates, wind velocities, and
surface abundances.

We use the radiative transfer code for expanding atmospheres in non-local
thermodynamic equilibrium, CMFGEN. The code makes no assumptions for the
source of radiative energy at the inner boundary and hence can be employed in
modelling both stars with dense atmospheres/winds and ejecta from explosive
events interacting with the circumstellar material.

Supernova progenitors are usually constrained from post-explosion data, but
in exceptional cases they have been directly observed, mainly photometrically,
and on even rarer occasions spectroscopically. Such is the case of SN 2015bh,
a transient whose post-explosion fate is unknown, with a spectrum taken 1.5 yrs
pre-explosion. In the first part of this thesis we aim to determine the progenitor
properties of SN 2015bh using CMFGEN. Modelling the pre-explosion spec-
trum of SN 2015bh shows that the star had an effective temperature between
8700 and 10000 K, luminosity of 1.8− 4.74× 106L�, mass-loss rate of 0.6−
1.5× 10−3M�yr−1, a wind terminal velocity of 1000 kms−1, and contained at
least 25% H in mass at the surface, and half-solar Fe abundances. Therefore
we conclude that the progenitor of SN 2015bh was a warm luminous blue vari-
able star with an extended wind. Given the high wind velocity there is also the
possibility the star was an inflated Wolf-Rayet star. If SN 2015bh was an im-
postor, we expect late-time spectroscopy to reveal either a similar luminous blue
variable star or a Wolf-Rayet star, depending on how much H it retained in its
envelope. If it was a genuine supernova, its minimum mass of 35 M� at the
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pre-supernova stage makes it a remarkable case of a successful explosion with
black-hole formation.

In the second part of this thesis, we investigate the post-explosion proper-
ties of massive stars. We built an extensive library of spectra simulating the
interaction of supernovae with their progenitor’s circumstellar medium at early
times. We considered a range of progenitor mass-loss rates (Ṁ = 5× 10−4 to
10−2 M�yr−1), abundances (solar-like, CNO-processed, and He-rich), and ex-
plosion luminosities (L = 1.9×108 to 2.5×1010 L�). The diversity of massive
star properties at the pre-supernova stage causes a variety of early-time interact-
ing supernovae. We recognise three main classes of early-time spectra based on
the ionisation stages of the species present, i.e. high (e.g. HeII and OVI), medium
(e.g. CIII and NIII), and low-ionisation (e.g. HeI and FeII/III). Additionally, our
modelled spectra respond strongly to changes in surface abundances, allowing
well constrained measurements of H, He, and CNO. These can be used to obtain
the progenitor type and mass, if it followed single star evolution. We also show
that if Ṁ . 5× 10−4 (υ∞/150kms−1)M�yr−1 no interaction signatures will be
observable in the spectra.

Using our library of models described above, we then constrain the proper-
ties of a sample of 17 observed early-time interacting supernovae. We show that
these events cover a wide range of explosion and progenitor properties. They
exhibit supernova luminosities from 108 to 1012 L�, and temperatures from 10
to 60 kK. The progenitor mass-loss rates are all higher than a few 10−4 M�yr−1,
even up to 1 M�yr−1, with wind velocities spanning 100 to 800 kms−1. These
values suggest that many progenitors of supernovae interacting with circumstel-
lar material have significantly increased mass loss before explosion compared
to what massive stars show during the rest of their lifetimes. While the surface
abundances range from solar-like to H-depleted, we find that the majority of the
events in our sample have CNO-processed surface abundances. In the single star
scenario, this result points to a preference towards high-mass red supergiants as
progenitors of interacting supernovae.

Supernovae showing interaction with dense circumstellar material are ex-
tremely diverse and our grid of models can be extended to include all types of
events, from the dimmest to the brightest supernovae observed to date.
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Chapter 1

Introduction

This thesis focuses on modelling spectra of stellar explosions that interact with
circumstellar material lost by the stars prior to explosion, in order to study the
late-stage mass-loss history of massive stars and their links to the explosion prop-
erties. Towards this purpose, in this chapter we introduce the types of stars that
end their lives in violent explosions, their properties, the different types of stellar
explosions, with a focus on circumstellar material interaction, and how we can
link the observed properties of the explosions to those of the stars that produced
them.

1.1 Massive stars

Massive stars are defined as stars that weigh more than 8 M�, the mass needed
to reach Fe burning in the core and as a result end their lives in energetic explo-
sions called Supernovae (SNe). Massive stars are rare. This is due in part to the
difficulty of forming massive stars. Most stars are formed through the collapse
and fragmentation of a cloud of gas, where initially a core is formed and then it
continues to accrete mass from the cloud. For more massive cores (& 20 M�)
the radiation pressure is thought to inhibit further accretion (Larson & Starrfield
1971; Kahn 1974). A number of scenarios have been proposed to get around the
issues in massive star formation (see Tan et al. 2014; Krumholz 2015; Motte et al.
2018 for reviews), such as accreting matter in a disk, thus allowing radiation to
escape through optically thin regions (e.g. Krumholz et al. 2009; Kuiper et al.
2011), or collisions with low/intermediate cores in dense regions of the cluster
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CHAPTER 1. INTRODUCTION 1.1. MASSIVE STARS

(e.g. Bonnell et al. 1998). Massive stars are also short lived (< 50 Myrs) which
contributes to the low observed numbers. Nonetheless massive stars and super-
novae contribute to many astrophysical processes. For example, massive stars
are uniquely responsible for the formation of many chemical elements, such as
O or Na, and they are extremely efficient at chemically enriching the interstel-
lar medium and the intergalactic medium through their strong winds and their
explosive deaths (e.g. Decressin et al. 2007; Izotov & Thuan 1999). Massive
stars are believed to have been the main contributor of ionising photons to the
Epoch of Reionisation (Bromm & Yoshida 2011). Shock waves from SNe can
trigger the formation of new stars (Chevalier 1977). Depending on a number of
factors such as mass, after the SN explosion, massive stars can leave behind neu-
tron stars (NS) or black holes (BH), which in turn can produce other transients,
such as kilonovae, gravitational waves, or tidal disruption events. Not only are
massive stars and supernovae important objects in Astronomy, but they can also
affect us directly. Supernovae produce many radioactive elements which, if near-
by (< 100 pc), rain down on Earth (Fry et al. 2015; Wallner et al. 2016). They
have been proposed as causes for changes in the biosphere and even for extinc-
tion events, especially since some SNe are accompanied by gamma-ray bursts
that could severely damage our atmosphere (Beech 2011). Despite their impor-
tance, massive star evolution, especially at late stages, is not well understood.
We describe below the current evolutionary picture of massive stars and the main
currently open questions in the field.

As discussed above, from the start, massive stars present a puzzle in the way
they are born. Once they are on the main sequence and start burning H in the
core, as all stars, that is where they spend most of their lives. The mass of
the star at this stage is considered the initial mass, also known as the Zero Age
Main Sequence mass, MZAMS, and it is one of the most important parameters that
dictate a stars’ evolution. This is due to the relation between the core temperature
(Tcore) and density (ρcore), and the mass (M):

Tcore

ρcore
∝ M2

µ
3 (1.1)

where µ is the mean molecular weight. At ZAMS, massive stars are already
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very bright (stellar luminosity of L? > 103 L�) and hot ( effective temperature
of Teff > 20000 K) due to their high masses. Thus they occupy the top half
of the Hertzsprung-Russel diagram (HRD; Figure 1.1) and spectroscopically, at
this evolutionary stage, they are classified as OB-Supergiants. Their high core
temperatures also allow the burning of H through the CNO cycle, which has a
much higher reaction rate than the pp-chain, the dominant process in lower mass
stars. This explains the shorter lifetimes of massive stars (< 50 Myr). Once
H is exhausted in the core, a shell burning H around the core develops, which
causes the envelope of the star to expand, and therefore lowers the effective tem-
perature. Depending on a number of factors we will discuss in detail below,
the post-main sequence evolution of massive stars can follow several scenarios.
As they move towards lower surface temperatures they can become Blue Super-
giants (BSG), Yellow Supergiants/Hypergiants (YSG/YHG) or Red Supergiants,
at their coolest (RSGs). They can pass through phases of instability exhibiting
a variable behaviour during their blue phase, becoming what are known as Lu-
minous Blue Variables (LBVs), and if they manage to strip enough of their en-
velopes, they can increase their surface temperature up to Teff = 100000 K and
become Wolf-Rayets (WRs). Massive stars can move back and forth through
these stages and explode at any point in the HRD. We discuss below each type
of evolved massive star in more detail.

1.1.1 Red Supergiants

Red supergiant stars are massive stars with extremely extended envelopes (R? =

500−1500 R�), theorised to be the He-burning phase of stars with initial masses
between 8 and 25 M�(Meynet & Maeder 2000; Maeder 1983). Their luminosi-
ties range between 104 and 106 L�, and due to the inflated envelopes, RSGs are
very cool (Teff = 3000− 4000 K) stars. The inflation is possible due to their H
rich envelopes, therefore in theoretical evolutionary scenarios the RSGs are de-
fined as evolved massive stars whose H envelopes contain more than 5% of their
mass.

While it is accepted that the mass-loss rates of RSGs generally fall in the
10−8−10−4 M�yr−1 range, with wind velocities of 10−100 kms−1, the mass-
loss mechanism is uncertain. Several mechanisms have been proposed, from
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radiation pressure on dust grains to radial pulsations (van Loon 2010). The cur-
rent mass-loss prescriptions implemented in stellar evolution codes are derived
from observations (van Loon et al. 2005; Reimers 1975; de Jager et al. 1988;
Beasor & Davies 2016). The mass-loss rate of a RSG estimated from different
sources can vary by a factor of 10 due to the presence of dust which makes the
bolometric corrections highly uncertain (Davies & Beasor 2018).

Stellar atmosphere models are trying to reproduce the observed RSG proper-
ties, but issues arise due to the uncertainty in the opacity of molecules present
in RSGs, the plane-parallel assumption when in fact the atmospheres of RSGs
are extended, and the mixing length theory assumption that fails due to the pres-
ence of supersonic atmospheric layers that give rise to shocks and asymmetries
(Freytag et al. 2002).

The red supergiant phase can be the final stage of a star, after which it ex-
plodes as a SN or collapses directly to a black hole, or it can be a transitional
phase, after which the star will evolve back to higher Teff, becoming a YSG,
BSG, LBV or even possibly a WR (Groh et al. 2013c). However, the evolution
and fate of a RSG with specific properties is still extensively debated (Farrell
et al. 2020a,b).

1.1.2 Yellow Supergiants

Yellow supergiant and higher luminosity yellow hypergiant stars are relatively
rare (≈ 730 YSGs identified in the Magellanic clouds, M33, and M31 combined
- Massey et al. 2017 and references therein, and ≈ 23 YHG in our galaxy, the
Magellanic clouds and M33 combined - Kourniotis et al. 2017 and references
therein) evolved massive stars with a temperature in the 4000− 6000 K range.
They are generally thought to be a quick transitional stage either from blue su-
pergiants evolving towards red supergiants or red supergiants evolving blueward
(de Jager 1998).

There is evidence to suggest that some massive stars explode as SNe while
in the YSG/YHG phase, e.g. type II-L SN 2009kr (Fraser et al. 2010; Elias-
Rosa et al. 2010; but see Maund et al. 2015, who suggest that the ’YSG’ was a
compact cluster instead), and type IIb SN 2011dh (Maund et al. 2011; Bersten
et al. 2012). These were explained as RSG stars with increased mass-loss rates,

5



CHAPTER 1. INTRODUCTION 1.1. MASSIVE STARS

either due to the presence of a companion (Stancliffe & Eldridge 2009), due to
pulsations (Yoon & Cantiello 2010), or another unknown single star mechanism
(Georgy 2012).

Initially, Humphreys & Davidson (1984) showed that RSGs and YHGs have
a fairly tight upper luminosity limit around 105.8 L� (although Davies et al. 2018
infer a lower limit) and suggested that the most massive stars do not evolve to
cooler temperatures due to high mass-loss episodes, and instead turn to the blue
side of the HRD.

1.1.3 Luminous Blue Variables

‘Luminous blue variable’ was initially introduced as an umbrella term for P
Cygni, Hubble-Sandage and S-Doradus variables (Conti 1984). The current clas-
sification requires both spectral variability (a change in spectral class from hot
to cool types) and photometric variability. The photometric variability may be
cyclic, with usually 1-2 mag change on a timescale of years, or due to giant, Eta
Car-like eruptions leading to larger bolometric changes (> 2 mag; Humphreys
& Davidson 1994; Richardson & Mehner 2018). As their blue denomination
suggests, they span warmer temperatures than RSGs and YSGs, ranging from
8000 to 30000 K. They have high mass-loss rates (> 10−5M�yr−1), reaching
even a few solar masses during large eruptions, and the wind velocities are in the
100−1000 kms−1 range.

Stellar evolution models point to LBVs having MZAMS > 25 M�, but the mass
determination of observed individual LBVs is difficult. Normal OB stars have
optically thin winds in the continuum and we see down to the photosphere. As
the mass-loss rate increases, the effective temperature of the star drops and the
apparent stellar radius increases without an actual explosion of the star. There-
fore masses can only be determined in detached binaries. LBVs are close to the
Eddington limit for stability against radiation pressure, quantified in the Edding-
ton luminosity, LEdd:

LEdd =
4πcGM

κF
(1.2)

where κF is the flux-mean opacity and M is the total mass of the star. This pro-
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vides an upper limit for the mass of single LBVs. The dimensionless Eddington
parameter is defined as the ratio of radiative acceleration to gravitational accel-
eration:

Γ =
κFL

4πcGM
= (7.66×10−5gcm−2)κF

( L
L�

)( M
M�

)−1
(1.3)

The sustained mass-loss of LBVs is driven by radiation pressure on spectral
lines (Vink & de Koter 2002), but what causes the outbursts is still debated.
Two favourite scenarios involve super-Eddington winds, supported by the high
Eddington parameters of LBVs, and hydrodynamical eruptions, indicated by the
high kinetic energies of the wind (Smith et al. 2015).

Luminous blue variables have also been recently identified as progenitors
of core-collapse supernovae both theoretically (Groh et al. 2013b, 2019) and
observationally (Gal-Yam et al. 2007).

1.1.4 Wolf-Rayets

Wolf-Rayet stars, named after their discoverers, distinguished themselves through
their spectral characteristics, having strong, broad, emission lines. This is due
to their strong, fast winds (Ṁ > 10−5 M�yr−1, υ∞ = 1000−3000 kms−1). The
strong mass-loss reveals layers increasingly closer to the core, thus also leading
to the high WR temperatures (25000 to 100000 K) and weak or absent H in their
spectra. The mass-loss is due to the high radiation pressure on the spectral lines,
and possibly stripping from companion stars (Crowther 2007).

The chemical composition derived from their spectra revealed three main sub-
classes of WR stars, the WN stars that show strong He and N, the WC stars that
have prominent He and C lines, and the WO stars that have strong He and O
lines.

Wolf-Rayet stars, whether single or in binaries, have also been suggested as
progenitors of core-collapse supernovae, and in particular of supernovae that do
not show any H in their post-explosion spectra (Podsiadlowski et al. 1992; Groh
et al. 2013a).
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1.1.5 Some open topics in the evolution of massive stars

How a star evolves from the main sequence through the possible late evolution-
ary stages discussed above, and where it will die, is strongly dictated by the
stars’ properties. One of the most important factors is the initial mass of the star,
but other properties, such as mass-loss, rotation, metallicity, magnetic fields, and
binarity can change the evolutionary path, explosion properties, and remnants
significantly. All of these properties are also interconnected. Depending on the
mass-loss mechanism, lower metallicities may inhibit mass-loss, while a binary
companion can completely strip a star of its outer layers. See e.g. Maeder &
Meynet (2000); Langer (2012); Smith (2014) for in-depth reviews of massive
stars.

Generally, solar metallicity, non-rotating, single stellar evolution models have
shown that stars with MZAMS = 8−25 M� live and die as Red Supergiants, stars
above 25 M� evolve to the blue, and stars above ≈ 40 M� have strong enough
winds to become Wolf-Rayets (Figure 1.2 top left). If rotation is included, stars
between 20− 25 M� do not die as RSGs, but evolve to the blue, due to the
stronger (mechanical) mass-loss (Figure 1.2 top right). The increased rotation
leads to both stronger mixing and stronger mass-loss, which results in CNO
processed material reaching the surface of the star earlier than for non-rotating
models, and therefore different final surface abundances at the pre-supernova
stage (Figure 1.2 top, Ekström et al. 2012). Rotation becomes even more impor-
tant at lower metallicities where radiation driven mass-loss is decreased. Lower
metallicities lead to fewer RSGs, very few or no WR stars, and more stars ex-
ploding during the LBV stage (Figure 1.2 bottom, Groh et al. 2019). Magnetic
fields can influence the evolution of a massive star by changing its rotational ve-
locity through magnetic breaking, and also by inhibiting mass-loss, and creating
larger cores (Petit et al. 2017). Binary companions can enhance the mass-loss of
a massive star, and even remove its outer layers completely, or they can donate
mass, changing the surface abundances and/or core properties of the primary.
With mass transfer also comes angular momentum transfer, affecting rotational
velocities. Massive stars can also result from mergers of binary systems. Mass
gainers/mergers lead to ‘rejuvenated’ massive stars which have prolonged lives
and peculiar abundances (Song et al. 2016).
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Figure 1.2: Stellar evolution models computed with the GENEVA code, for stars at solar metal-
licity (top) and at low metallicity (0.0004 Z�, bottom), with no rotation (left) and with 0.4vcritical
(right). The figures were borrowed from Ekström et al. 2012 (top) and Groh et al. 2019 (bottom).
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Therefore the evolution of massive stars is complex, and much work is still
needed to explain their observed properties. Most notably, there is still no con-
sensus in the community on the relative ratio of blue to red supergiants (Langer &
Maeder 1995; Eggenberger et al. 2002; Higgins & Vink 2020), the final masses
of SN progenitors (Smartt 2015; Meynet et al. 2015), and the evolutionary path-
ways of WR stars (Shenar et al. 2016). Additionally, constraining mass-loss
rates from the supernova properties, which we discuss in detail in the following
sections, have pointed towards increased mass-loss in the final few years before
explosion (Moriya et al. 2014), which is not currently taken into account in stel-
lar evolution models.

The properties of a massive star in the final years before explosion dictates
the properties of the explosion. In the following section we discuss how stars
explode and how the observed properties of the explosions relate to their pro-
genitors’ properties.

1.2 Core-collapse supernovae

Massive stars end their lives in violent, energetic explosions called supernovae.
One of the first confirmed SN observations was given to us by Chinese as-
tronomers in 185 CE. They recorded the appearance of a bright star in the sky
that took about 8 months to fade, sparkled like a star, but did not move across the
sky like a comet. In ‘modern Astronomy’, the first supernova was discovered in
1885 in the Andromeda galaxy. A survey searching for novae (transients caused
by White Dwarfs accreting H from a companion) in the Andromeda galaxy from
1917 to 1927 revealed the presence of 2 clearly distinct groups, one of which
had magnitudes around m = −17 mag, two times higher than the other group.
While the uniqueness of their spectra compared to other celestial objects was
well noted, the origins were still a mystery in 1938 (Baade 1938). However,
even with the limited knowledge available at that time Baade & Zwicky (1934)
correctly deduced that a supernova is the transition of an ordinary star into a neu-
tron star. In the following years, with a significant number of SNe observed, a
picture was starting to form revealing the basic characteristics of supernovae, i.e.
SNe are as bright as galaxies, their light curves are distinct from any other ob-
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ject, with sharp rise (a few days to months), rounded peak, and gradual decline
that can take years, their spectra stay relatively constant for a long period and
show velocities of 10000− 15000 kms−1, they leave behind neutron stars and
remnants like the Crab nebula, and they are associated with cosmic rays (Zwicky
1940; Zwicky et al. 1961). Extensive campaigns ensued and laid the foundations
of our current understanding of supernovae and their progenitors.

1.2.1 Supernova classification

Supernovae are classified based on their observed light curve and spectral prop-
erties. If the spectra show weak or no H lines, it is classified as a type I SN, and
if H features are present then it is a type II. Amongst type I SNe, if they show
strong Si lines they are classified as Ia, and they are not core-collapse SNe, but
thermonuclear explosions of White Dwarfs. If Si is not present, but strong He is,
we have a type Ib SN, and if neither Si nor He can be seen in the spectra of a type
I SN, then it is classified as a Ic. In the H rich spectra, if the H lines disappear
at later times, the SN is a type IIb- analogous to the Ib type. If the spectra show
narrow lines, then the SN is a type IIn, and this is part of the interacting SNe
discussed in detail later on in this thesis. Type II SNe have also been classified
based on their light curves into type II-L if the luminosity decreases linearly after
peak, and type II-P if it plateaus for a few months (Barbon et al. 1979).

This classification system dates back to Minkowski (1941), who firstly ‘pro-
visionally’ split these energetic events into types I and II, based on their spectra,
having observed only 9 events and not having confirmation of their true nature.
At this stage it was thought that type II SNe are hotter, faster ‘normal’ novae,
while no explanation was in place for type I SNe. As more and more SNe were
observed, the other categories started to emerge and nowadays we have many
events, including transitional SNe that may start as one type and evolve to an-
other, or peculiar events that do not fit into any of the categories described above
or have some unique, outstanding properties (type IIs are broadly classified as
‘peculiar’, wheres type Is developed more subcategories such as IcBL-broad
lined). With the increasing number of SNe, we also observed that there are no
sharp transitions between the different classes, but there is rather a continuum,
with the classifications being somewhat arbitrary.
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Core-collapse 
Supernova 
Classification

Type I
 = No Hydrogen

Type II
 = Hydrogen

Type Ib = Helium, no Silicon 

Type Ic = No Helium, no Silicon 

Type IIb = Weak Hydrogen 

Type IIn = Narrow lines

Type II-L 
= Linear brightness decline

Type II-P
 =  Brightness Plateau

HeI       HI
SN 2007C 
        (~7d)

SN 2011bm 
        (~10d)

SN 2011bh
          (~7d)
       (~38 d)

SN 1998S 
        (~10d)

Figure 1.3: The main core-collapse supernova classes based on their observed properties (Boian
2020b). The spectra shown as examples were downloaded via WISeREP (Yaron & Gal-Yam
2012).

Core-collapse supernova rates

Figure 1.4 shows the observed rates of core-collapse SNe in low-mass and high-
mass galaxies, determined from the Lick Observatory Supernova Survey (LOSS,
Graur et al. 2017). These rates are in overall agreement with other works, e.g.
Li et al. (2011). The majority of the SNe are type IIP/L. Given our current ex-
pectation of the initial mass function (IMF), it is a reasonable result as they are
presumed to come from the lower end of massive stars. Type IIn supernovae
are only 7.4%, but this rate is dependent on the exact definition of the IIn class.
Including SNe that show interaction for a shorter period of time would signifi-
cantly increase this rate, as we are starting to see from surveys such as the Zwicky
Transient Facility (ZTF).

1.2.2 Explosion mechanism of core-collapse supernovae

The final burning stage in the life of a massive star (> 8 M�) is Fe, since it
can not fuse further and thus produce the supporting photons required to counter
gravity. Instead, Fe undergoes photoionisation, where it interacts with a photon
and produces He and electrons. This leads to an almost instant loss of radiative
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Figure 1.4: Relative core-collapse supernova rates from LOSS. The left and right panels corre-
spond to different host galaxy masses. The legends contain the different supernova types de-
scribed earlier in this section, with the addition of types II-87A which are SNe with lightcurves
resembling the peculiar SN 1987A, IIb-pec which are unusual type IIb SNe, Ic-BL being SNe
type Ic that have broad lines, and Ca-rich referring to SNe that have unusually strong nebular Ca
lines; and the number of events of each type after accounting for uncertainties, where N is the
total number of events.

Figure borrowed from Graur et al. 2017 (Figure 3).

pressure and the star begins to collapse under its own gravity. The core initially
forms a proto-neutron star (PNS), its collapse being stopped by electron degener-
acy pressure. Depending on its mass the core can remain a neutron star or it can
further collapse into a black hole. The outer layers continue to fall until they hit
the PNS surface, and then bounce back. This bounce forms a shock that drives
the energetic explosion known as a core-collapse supernova.

However, the exact physics of the explosion is still debated. The issue in most
current simulations is that the shock stalls after bounce, and an extra source of
energy is needed to revive it. Several mechanisms have been proposed to re-
vive the stalled shock, such as the neutrino driven explosion (neutrinos deposit
the energy generated by the core collapse into the rebounding layers; Colgate
& White 1966), the magnetic explosion (the differential rotation of the PNS
and infalling matter produces instabilities that amplify magnetic fields to super-
nova energies; Bisnovatyi-Kogan & Ruzmaikin 1976; Akiyama et al. 2003), the
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acoustic explosion (oscillations in the accreting PNS create sound pulses that
merge and become shock waves; Burrows et al. 2006), and quark-hadron phase
transition induced explosion (during a phase transition of the PNS, the equation
of state softens temporarily and the collapse is accelerated; when this stops and
the equation of state stiffens again, a second shock wave forms; Fischer et al.
2011).

1.2.3 Energy sources in core collapse supernovae

Despite the unknown explosion mechanism, what powers the emission from a
typical SN is well understood. The core collapse generates a shock wave at the
base of the stellar envelope which propagates towards the surface of the star. Due
to the very high densities in stellar envelopes, the shock is radiation mediated.
Once the shock front reaches a low enough density (τ ≈ c/v) the first photons
escape. This initial emission is called the shock breakout, and manifests briefly
as an X-ray and UV burst because the internal energy within the shocked layer is
high (1044−1047 ergs). The observed duration of the shock breakout emission is
dominated by the light time-travel effects, with stars of larger radius, e.g. RSGs
(few 100 R�), having a shock breakout emission of 1000 s, while for compact
stars like WRs (≈ 5 R�) the shock breakout lasts only≈ 10 s. The density of the
material around the progenitor also affects the duration of the shock breakout,
and we discuss this in detail in Sect. 1.3.1. Observing the shock breakout could
constrain the progenitor radius, the ratio between energy and mass of the ejecta,
and the abundances of the progenitor (since the photon diffusion depends on
the opacity). However, being such a brief stage it was observed only in SN
2008D (Soderberg et al. 2008) and in SN 2016gkg (Bersten et al. 2018). The
temperature of the shocked material at this stage is also very high (a few 100000
K). The SN then quickly cools as it expands adiabatically. The bolometric light
curve peaks at shock breakout and then declines as it cools. In various filters
(i.e. different wavelengths), however, there is a slow rise and the emission peaks
later, as dictated by the temperature evolution.

The light curve evolution after the peak is controlled by the progenitor’s at-
mosphere. The aforementioned type II-P SNe show a plateau phase after the
peak. The plateau is caused by the fact that the SN progenitor retained a signifi-
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Figure 1.5: Theoretical bolometric light curves of type II-P SNe (left) and type Ib/c SNe (right).
Figure borrowed from Bersten 2017 (Figure 3).

cant portion of its H envelope, which was then ionised by the SN shock. Ionised
H has a high opacity, hiding the central SN emission, but once the envelope
starts cooling the H recombines and gradually becomes optically thin. The front
where the recombination happens is called the photosphere, which at this point
is receding towards the core, and we start seeing deeper and deeper into the SN.
The T remains relatively constant as H recombines, and thus we see a plateau.
The duration and luminosity of the plateau phase depends on the extension of the
H envelope, with larger radii leading to brighter and longer plateaus. A larger
mass of the envelope will also lead to longer plateaus. The typical duration of
a recombination plateau is a few months, but since the H envelope spans a con-
tinuum of properties, so do the observed SN light curves. Thus we observe a
continuum of plateau properties, eventually reaching type II-L SNe, which do
not show a plateau, but a linear decline from peak. All core-collapse SNe even-
tually cool down enough for the photosphere to reach the innermost layers and
at this stage the light curve is powered by the decay of 56Ni to 56Co and of 56Co
to 56Fe. This stage also lasts a few months, characteristic of the half-life of 56Co
of ≈ 77 days, and the luminosity is controlled by the mass of 56Ni ejected. If
there is no envelope as is the case in the compact progenitors of type I SNe, after
the initial cooling phase the light curve is powered solely by radioactive decay
(Figure 1.5).
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1.2.4 Spectral evolution of core-collapse supernovae

We have seen above that there is a large diversity in SN spectra, providing the
basis of the classification scheme. Despite quantitative differences between the
SN types, which are due mainly to the progenitors’ mass-loss history, qualita-
tively, the SN spectra are similar and evolve in time analogously. Overall they
are slowly evolving and follow the temperature evolution of the SN ejecta, the
ejecta velocity, and the changes in energy sources.

As an example we describe here the spectral evolution in the optical wave-
length range of a typical type II-P SN, SN 1999em (Figure 1.6, Elmhamdi et al.
2003). The fastest changes in the spectra happen during the first few days, as
the SN is still cooling rapidly. This phase corresponds to the time frame around
the light curve peak. At this stage the temperatures are above 10000 K and the
continuum is very blue. The lines present at this stage are the H Balmer lines,
oftentimes accompanied by HeI, and/or NaI D. The lines are very broad, reflect-
ing the fast ejecta velocity at this stage, and generally have a P-Cygni profile.
The SN then transitions to the plateau phase, where the spectra remain almost
unchanged, since the temperature stalls around 5000−6000 K. The lines are nar-
rower than during the previous phase, since the ejecta velocity decreases towards
the inner regions, but they still have a P-Cygni morphology. This phase is char-
acterised by strong Balmer lines, CaII, and relatively weak FeII lines. When the
SN is powered solely by the radioactive decay we see what is known as the neb-
ular stage. During this stage the luminosity is much fainter, the energy trapped
in the SN ejecta is almost exhausted, and the continuum emission has decreased
significantly. The SN ejecta is also expanding in volume, thus reducing its den-
sity, and forbidden lines such as [OI] start appearing. Measuring the strength of
the O lines at this stage, where we probe ejecta that was part of the stellar core,
constrains the O mass of the progenitor which can be linked to a main sequence
mass (Jerkstrand et al. 2012).

The other core-collapse SNe follow qualitatively similar evolution, with the
main differences that type I SNe will not show H lines, and type Ic will not
have He lines either. They also reach the nebular phase sooner since there is no
luminosity plateau due to H recombination. SNe coming from more compact
stars like type I SNe will also have broader lines, since their ejecta velocities
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Figure 1.6: Spectral evolution of type II-P SN 1999em. Figure borrowed from Elmhamdi et al.
2003 (Figure 6).
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are higher. Interacting supernovae are spectrally the most different type and we
discuss them in detail in Sect. 1.3.1.

1.3 Interacting supernovae

Also based on spectral observations, a new category of supernovae, type IIn SNe,
showing narrow emission lines, more reminiscent of LBV/WR winds than the
high velocity SN ejecta, was introduced by Schlegel 1990 (e.g. SN 2013cu, Fig-
ure 1.7). They are also known as interacting supernovae, since the narrow lines
are caused by the SN ejecta interacting with dense circumstellar material (CSM)
deposited by the progenitor stars prior to explosion (Chevalier & Fransson 1985;
Chugai 1991; Chugai & Danziger 1994). As is the case with the general SN
classification described above, as more events were observed further subtypes
developed (Smith 2017). The first interacting supernovae observed were H rich
(hence the type II classification), and the interaction lasted for a long period of
time (months to years; e.g. SN 1988Z Turatto et al. 1993). However, type I
SNe can also show interaction with He shells, forming the Ibn class of SNe (e.g.
SN 2006jc, Pastorello et al. 2007). Additionally, rapid spectroscopic follow-up
revealed that some SNe may show interaction signatures in their spectra only
for a limited amount of time post-explosion, from a few hours (e.g. SN 2013fs,
Yaron et al. 2017) to a few days (Khazov et al. 2016). These SNe may initially be
classified as IIn and then transition to a II-P, L, or b classification. For example,
SN 2013cu (Figure 1.7, Gal-Yam et al. 2014; Groh 2014) showed interaction
for < 6 days, and afterwards behaved like a type II-b SN. The opposite may
also happen, where the CSM is detached, and at a significant distance from the
SN, and so the interaction will start months or years after the explosion (e.g.
SN 2014C, Milisavljevic et al. 2015).

While some authors may reserve the ’interacting supernova’ term for the orig-
inal type IIn, long lasting supernovae, hereafter we use it to refer to all super-
novae that show interaction signatures regardless of duration or abundances. In
the work presented in this thesis we do however focus on H rich, i.e. type II
supernovae, that show interaction at early times.
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Figure 1.7: Spectrum of type II-b supernova 2013cu at 15.5 hours post-explosion, showing nar-
row lines due to interaction with a CSM. The spectrum closely resembles modelled spectra of
hot N-rich Wolf-Rayet stars with H lines (WNh/WNL; left panel; figure borrowed from Gal-Yam
et al. 2014). The best-fit model from Groh 2014 (top right panel) also supports a WN(h) post-
explosion spectrum, but Groh (2014) emphasise that the progenitor was most likely a LBV/YHG
star (bottom right panel), and the difference between pre- and post- explosion spectra is due to
extreme differences in the ionisation structure.

1.3.1 The physics of interacting supernovae

What physically distinguishes interacting supernovae from the other types is
the additional energy source, which can dominate the emission. We showed
in Sect. 1.1 that massive stars can lose a very large amount of their mass (&
10−6 M�yr−1) at relatively low velocities (10− 3000 kms−1) compared to the
typical SN ejecta velocity (10000 kms−1). Therefore when the star explodes,
the fast SN ejecta will crash into this previously ejected ’slow’ material. If the
density of the circumstellar material is high enough, the SN ejecta will be de-
celerated. Due to conservation of momentum a fraction of the kinetic energy of
the fast ejecta is converted into radiative energy. This sudden influx of photons
ionises the rest of the CSM, and therefore increases its opacity. At this stage the
photosphere is not in the SN ejecta as would be the case for SN interacting with
low density surroundings, but further out in the CSM (Figure 1.8). Therefore the
interaction changes both the observed photometric and spectroscopic properties.
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Figure 1.8: Sketch of interacting supernovae. Left: massive star surrounded by dense material
ejected throughout its life. Right: supernova ejecta crashing into the pre-existing circumstellar
material, ionising it and thus increasing its opacity. The photosphere is located in the CSM giving
rise to the narrow emission lines characteristic of interacting supernovae (Boian 2020b).

Light curves of interacting supernovae

As discussed in Sect. 1.2, supernovae that explode in low density environments
have a sharp rise to bolometric peak followed by a fast cooling phase and then
other powering mechanisms depending on the progenitor type. Here we take as
an example the light curve of a type II-P SN, which exhibits a plateau in the light
curve (Fig. 1.5, left panel, and Fig. 1.9, cyan line). In interacting supernovae,
which are surrounded by dense regions of material ejected by the progenitor
prior to explosion, the shock breakout emission is significantly altered. Radi-
ation hydrodynamic models show that for SNe exploding in sufficiently dense
environments, the shock breakout signal is delayed and stretched over a longer
period (Figure 1.9, Moriya et al. 2011; Dessart et al. 2017a). This is due to
the fact that the photons escaping the star in the shock breakout are not free to
reach the observer, but run into the high density CSM (τCSM > 1). The CSM
has a different density structure (usually assumed to be ρ ∝ r−2) than the stel-
lar envelope, without a sharp drop in density where the photons can all leak out
suddenly, hence they slowly diffuse out of the CSM, leading to the rounded peak
of the light curve. The peak is also followed by a plateau, but this is due to the
SN-CSM interaction and not envelope H recombination. The luminosity drop in
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the models in Figure 1.9 are due to the photosphere, previously located in the
CSM, reaching the SN-CSM interaction boundary, after which the light curve
proceeds ‘normally’.
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Figure 1.9: Modelled bolometric light curves of core-collapse SNe from progenitors with large
mass-loss rates, i.e. surrounded by dense CSMs. The progenitors are 15 M� RSGs, with R? =
2× 1015 cm, that exploded with an energy of 3× 1051 ergs, in a CSM with density ρ ∝ r−2.
Figure borrowed from Moriya et al. 2011 (Figure 4).

Past shock breakout, the light curve evolution can be described analytically
using the thin shell approximation. This method assumes that the shocked gas
at the contact region between the SN ejecta and the CSM is a thin shell. This
approximation provides solutions that differ by < 30% from more accurate so-
lutions that take into account the structure of the contact shell (Chevalier 1982;
Chevalier & Fransson 2003). Several further assumptions can also be made,
such as the assumption that the CSM is formed by steady mass-loss (Chevalier
& Fransson 1994, 2003), that the unshocked CSM is optically thin (Moriya et al.
2013), or optically thick (Chatzopoulos et al. 2013).

21



CHAPTER 1. INTRODUCTION 1.3. INTERACTING SUPERNOVAE

The available kinetic energy of the SN ejecta is simply:

dEkin =
1
2

v2
shdMcsm = 2πρcsmr2

shv2
shdrsh (1.4)

where vsh is the velocity of the shocked gas, rsh is the radius of the shocked gas,
Mcsm is the CSM mass, and ρcsm is the CSM density.

Assuming the kinetic energy of the SN ejecta is the dominant energy source,
the bolometric luminosity is:

L = εk
dEkin

dt
= 2πεkρcsmr2

shv3
sh (1.5)

where εk is the conversion efficiency from kinetic energy to radiation. For
steady mass-loss (ρcsm ∝ r−2):

L =
εk

2
Ṁ
υ∞

v3
sh (1.6)

As an example, we present here the general form of the bolometric luminosity
of interacting supernovae from Moriya et al. (2013). The light curve is split in
two regimes, namely before the interacting region reaches down to the inner
ejecta, and after. Let tt be the time when the regimes change. Before tt the
luminosity can be described as L = L1tα , where:

L1 =
εk

2
(4πD)

n−5
n−s

(
n−3
n− s

)3[
(3− s)(4− s)

(n−4)(n−3)(n−δ )

[2(5−δ )(n−5)Ee j]
n−3

2

[(3−δ )(n−3)Me j]
(n−5)

2

]5−s
n−s

(1.7)
and

α =
6s−15+2n−ns

n− s
(1.8)

and after tt :

L = 2πεkρcsmr2
shρcsmv3

sh = 2πεkDr2−s
sh

[
(3− s)Me j(2Ee j/Me j)

1/2

4πDr3−s
sh +(3− s)Me j

]3

(1.9)

In the equations above, D = Ṁ/υ∞ is the density parameter, n, δ , and s are
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the slopes of the outer density of the progenitor, the inner density, and the CSM
density respectively (e.g. ρe j,out ∝ r−n), Ee j is the energy of the SN ejecta, and
Me j is the mass of the SN ejecta. Fitting observed light curves of interacting su-
pernovae with analytical or numerical models can therefore place constraints on
the mass-loss rate of the progenitor, the Ee j/Me j ratio, and the density structure
of the progenitor.

As a group, the light curves of interacting supernovae are heterogeneous due
to the diversity of progenitor and CSM properties. In the case of a more dense
CSM the light curves experience a slower rise to peak, while more extended
CSMs will show a slower decline in the light curve post-peak. The CSM den-
sity and geometry may lead to the light curve being powered by interaction for
the entire time the SN is observable, hiding the underlying SN engines, or the
interaction luminosity may subside after a few weeks or months, revealing the
radioactive decay tail, or the H recombination plateau in type II-P SNe. Interac-
tion with a clumpy or asymmetric CSM may even lead to a ’bumpy’ light curve
(Nyholm et al. 2020).

Light curve properties alone are not sufficient to classify a SN as interacting,
however interaction may be inferred from the light curve if the ’typical’ powering
mechanisms cannot explain an observed event.

Spectral evolution of interacting supernovae

The smoking gun of an interacting supernova is a spectrum showing narrow
emission lines (and the light curve and energy confirming it is indeed a SN, of
course) as can be seen in Figures 1.3 & 1.10. The location of the photosphere
in the CSM (Figure 1.8) means that the narrow lines are formed in the outer
regions of the CSM, where the line opacity is still large but electron scattering
opacity is negligible. They have a P-Cygni profile, but due to various reasons,
such as the resolution of the spectrum, this may not always be observed. Since
the lines originate in the CSM these spectra reflect its properties. The width of
the lines are given by the CSM velocities, and since the CSM is formed by the
winds of the progenitor, these velocities correspond to the terminal wind velocity
of the progenitor star, υ∞ (10 to 3000 kms−1; Sect. 1.1). Similarly, the density
of the CSM influences the strengths of the lines, the surface abundances of the
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progenitor influence the elements present in the spectra, while the temperature
structure dictates the ionisation species that can be observed. Note however that
there is a degeneracy between the density, temperature, and surface abundances,
and thus detailed radiative transfer modelling is needed to break it.

The narrow lines in the spectra of interacting supernovae are accompanied by
broad, symmetric wings (Figure 1.10; Chugai 2001; Dessart et al. 2009, 2015).
These are due to electron scattering. The width of this component reflects only
the redistribution of photons in frequency space by electron scattering. Other
broad components may appear later on, but they are produced by the supernova
ejecta.

If observed consistently throughout its evolution, a typical interacting super-
nova should start by exhibiting a blue, featureless spectrum. This initial spectrum
is due to the very high temperatures following shock breakout. As for the other
SN types, the ejecta cools quickly, and a few hours after explosion we see spec-
tra exhibiting the telltale narrow lines with the broad electron scattering wings.
Depending on the CSM density, geometry, and extension, the ’interacting spec-
trum’ may be visible from a few hours to a few years. If the interaction subsides
early enough, a ’normal’ SN spectrum will slowly emerge, with both the nar-
row lines and the intermediate to broad lines of the SN ejecta co-existing, after
which only a broad SN spectrum may be visible. Interaction signatures will also
be visible in the nebular phase.

Additionally, the interaction can be observed at all wavelengths from radio to
X-rays. The fast SN ejecta crashing into the CSM creates shock waves, which
heat the gas, emitting X-ray radiation. A fraction of the X-rays, dependent on
the CSM density, are reprocessed into UV and optical, which may dominate
the emission. The contact region is very turbulent, generating magnetic fields,
that then interact with the electrons accelerated by the shock waves, emitting
synchrotron radiation.

1.4 Supernova impostors

Given that what mainly forms an interacting supernova is fast ejecta crashing into
slower moving ejecta, any type of event that has two dense media of different
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velocities interacting can exhibit the same properties as an interacting SN. There
is a class of such transients where the SN ejecta is replaced by material ejected
in a powerful, but non-terminal eruption from a massive star. Their observed
properties are sometimes so close to those of actual interacting supernovae that
it is difficult to distinguish between the two, earning them the name of supernova
impostors (Van Dyk et al. 2000).

Supernova impostors have relatively luminous, fast evolving light curves, and
spectra populated by narrow emission lines, characteristic of ejecta-CSM inter-
action. Being powered by CSM interaction, supernova impostors show large
diversity, just like actual interacting supernovae. They do have lower energies
and temperatures than typical supernovae, and they also exhibit lower ejecta ve-
locities (a few thousand kms−1), however their values can still reach the lower
end of these SN properties (e.g. low luminosity SNe). In that case, to disentan-
gle between a non-terminal outburst and a SN explosion, the interaction has to
subside so that the surviving star or the SN remnant (if any) can be observed,
which can take several years.

Supernova impostors are theorised to occur in the late stages of some mas-
sive stars, especially in luminous blue variables of MZAMS > 40M� (Pastorello
& Fraser 2019). However a complete picture of their physics, properties, and
progenitors is still to come. Just like interacting supernovae, they also offer an
opportunity to study late stage mass-loss in massive stars. Additionally, they
affect the properties of interacting SNe since they eject enormous quantities of
material, reshaping the CSM that the supernova will later interact with. Further-
more, some stars can go even through multiple non-terminal outbursts.

Since SN impostors closely resemble interacting supernovae, the methods we
use to study the latter can also be applied to the former, and we discuss this in
detail in Chapter 4.

The interacting event SN 2015bh

One particular event where the true fate as a SN explosion or non-terminal out-
burst is still debated is SN 2015bh (Thöne et al. 2017; Elias-Rosa et al. 2016;
Ofek et al. 2016). For 21 years prior to explosion, the progenitor of SN 2015bh
showed significant variability, including several sudden brightening episodes in
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Figure 1.11: Light curve (in the R band) of SN 2015bh and its progenitor. Panel a shows the
progenitor experiencing sudden variability in 2008. Panel b zooms in on the main event, SN
2015bh. The light curve of a similar event with unknown fate, SN 2009ip, is shown in grey.
Figure borrowed from Thöne et al. 2017 (Figure 2).

2008, 2009, and 2013, which may be due to mass outbursts (Figure 1.11). The
main explosion in 2015 is double peaked (Figure 1.11 b), having an initial peak in
February (2015A, MR =−15 mag) and a second, brighter peak in May (2015B,
MR = −17.5 mag). The double peaks have been interpreted in multiple ways,
with Thöne et al. (2017) favouring a non-terminal precursor outburst (2015A)
and then an interacting explosion (2015B), while Elias-Rosa et al. (2016) pro-
posed a low luminosity SN (2015A) followed by interaction of that SN ejecta
with a CSM (2015B). Regardless, no scenario is definitive and the fate of SN
2015bh is still unknown. The luminosity at peak (2015B) is between typical val-
ues of SN impostors and those of actual supernovae. The ejected 56Ni mass is
low (< 0.003 M�, Thöne et al. 2017), which could be explained by a low energy
SN, or if the explosion was non-terminal. The velocities are on the low end (ini-
tially ≈ 6000 kms−1, Elias-Rosa et al. 2016), but higher velocity components
(≈ 15000 kms−1) may be present (Ofek et al. 2016; Thöne et al. 2017). The
spectra show LBV-like features and evolve slowly, typical of interacting SNe
and of SN impostors (Figure 1.12). At late times, strong [CaII] and weak [OI]
lines are present and resemble the late-time spectra of type IIn SNe, but the light
curve is still dominated by interaction, masking the 56Ni and 56Co decay tail if
any.
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Figure 1.12: Spectral comparison between SN 2015bh and other interacting events at three main
epochs, i.e. pre-main explosion (top), around peak (middle), and at late stages (bottom). SN
2009ip and SN 2000ch are other events with unknown fates, SN 1998S is a true interacting
supernova, and SN 2008S is a SN impostor. Figure borrowed from Thöne et al. 2017 (Figure
18).
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This event stands out because a spectrum was obtained 1.5 yrs prior to its
possible explosion, which is extremely rare. In Chapter 3 we model this pre-
explosion spectrum and determine the properties of the progenitor of SN 2015bh.

1.5 Connecting supernovae to their progenitors

The properties of a massive star determine the properties of its explosion. Know-
ing how the two stages are related contributes to our understanding of stellar
evolution, especially at late stages, to quantifying the chemical enrichment from
massive stars and supernovae, and to predictions for populations of neutron stars
and black holes. However, our knowledge on the exact links between SNe and
their progenitors is not complete.

The best way to determine the properties of a SN progenitor would of course
be directly observing the star before the explosion. Photometry can be very
useful, revealing the effective temperatures and luminosities of SN progenitors,
which can then be compared to stellar evolution models to obtain an initial mass.
Archival photometric data has been found for a number of SN progenitors, and
it revealed that most progenitors were Red Supergiants (as expected from the
IMF), all type II-P SN progenitors were RSGs, YHG can explode as type IIb
SNe, and that type Ib SNe have compact progenitors (Smartt 2009, 2015; Van
Dyk 2017). These observations also brought the controversial ’missing RSG
problem’, since no massive (> 18 M�) RSGs were identified. The problem can
be explained by the ’islands of explodability’ identified in theoretical models
of SN explosions (Sukhbold & Adams 2020) or the evolution of massive RSGs
towards bluer stages (Meynet et al. 2015). However the large errors in the bolo-
metric corrections, the low number statistics (Davies & Beasor 2018, 2020), and
the weak dependence of RSG luminosities on the envelope mass (Farrell et al.
2020a), have all been used to question whether the problem exists in the first
place.

Ideally spectral observations of the progenitor shortly before explosion would
be available. Using radiative transfer models, stellar spectra allow for a more
accurate determination of the effective temperature, and can also provide the
surface gravity, surface abundances, and the wind properties. The only available
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spectrum at the pre-explosion stage of a known SN progenitor was that of SN
1987A (Walborn et al. 1989). Several other events that resemble supernovae but
whose explosion might not be terminal (SN impostors, Sect. 1.4) also have pre-
explosion spectral observations. One such event is SN 2015bh and we model its
spectrum in Chapter 3. The spectra of SN impostors point to LBV progenitors.

Pre-explosion observations are rare, hence modelling the post-explosion light
curves and spectra is the most used method of obtaining SN progenitor prop-
erties. In Section 1.2.3 we discussed how modelling the light curve at shock
breakout can reveal information about the progenitor radius, but this is again dif-
ficult to observe due the short duration of this phase. The plateau phase of type
II SNe reveals information about the H envelope (mass and/or radius), while the
late-time, radioactive phase of the light curve reveals the mass of 56Ni ejected
in the SN. The spectra of supernovae also hint towards the progenitors’ abun-
dances, and in addition constrain the explosion velocity, which can be related
to the progenitors’ structure. Late time spectroscopy in particular can be used
to determine a core mass at the time of the explosion, which can then be linked
with the help of stellar evolution models to ZAMS masses.

Extensive work has also been put into developing theoretical models of stellar
explosions. For single stars, the SN type depends strongly on the initial mass and
mass-loss rate of the progenitor, the later being strongly affected by metallicity.
How the SN type is affected by MZAMS and metallicity is shown in Figure 1.13,
based on hydrodynamical models from Heger et al. (2003). Firstly, the actual
minimum MZAMS needed for a core-collapse varies slightly in the literature due
to differences in the codes used to determine it. Heger et al. (2003) quote this
lower limit to be 9 M� based on their modelling. Stars with 9<MZAMS < 10 M�
will collapse at the OMgNe core stage if the core exceeds the Chandrasekhar
mass. Stars with masses lower then 25 M� are expected to explode as type II-P
SNe. Stars within 25 < MZAMS < 40 M� may die as faint type II-P SNe due to
fallback of the Ni mass onto the newly formed black hole, or as type II-L/b if
they have high metallicities. Above 40 M� at high metallicities, SNe Ib/c occur.
Because higher metallicity means higher radiation-driven mass loss, the H rich
outer layers of the star are blown off and the SN spectrum will show weak or
no H. Lower metallicities at high masses will lead to direct black hole formation
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through pulsational pair instability SNe above 100 M� and non-pulsational pair
instability SNe that leave no remnant above 140 M�. A pair instability SN is
another type of explosion that occurs when electron-positron pairs form in the
core following He core burning.

Figure 1.13: Effects of the progenitors’ initial mass and metallicity on the supernova properties.
Figure borrowed from Smith 2014 (Figure 1; adapted from Heger et al. 2003).

Another property that can drastically change the evolution of a massive star
and therefore its explosion properties is rotation. Faster rotating stars are mixed
more efficiently, resulting in larger cores, higher luminosities and higher mass-
loss rates. Groh et al. (2013c) estimate the relative rates of core-collapse SNe
types and their possible progenitors based on combination of evolutionary mod-
els and radiative transfer models for solar metallicity stars (Figure 1.14). Both
rotating and non-rotating models show as other works that type II-P SNe are the
most common and come purely from RSGs, and type Ib/c SNe arise from WR
stars. The inclusion of rotation in the models affects both the SN rates and the
types of progenitors. Type IIL/b supernovae may be produced by LBVs, YHGs
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Figure 1.14: Theoretical relative supernova and progenitor rates. Figure borrowed from Groh
et al. 2013c (Figure 4).

and/or RSGs depending on rotation.
The scenarios discussed above apply to progenitors that followed single star

evolution. However, the presence of a companion can significantly affect the
SN-progenitor links. A SN progenitor in a binary system can have stronger
mass-loss to the point of being completely stripped of its outer layers. For this
reason the binary channel is a strong hypothesis for how the progenitors of type
Ib/c SN form. On the other hand, progenitors in binaries can gain mass, and even
merge with their companion, as has been suggested for SN 1987A (Menon et al.
2019). The mergers disrupt the age determination of SN progenitors, and hence
the initial mass, and also the surface abundances. Binary models by Zapartas
et al. (2019) show that a third to a half of type II progenitors were in some type
of binary interaction, affecting the observed relative fractions and accuracy of
determining the progenitor properties at the post-explosion stage.

Since interacting supernovae can reveal the progenitor properties at very late
evolutionary stages, which are otherwise difficult to observe, they are particu-
larly useful in revealing the SN-progenitor connections. Furthermore, there is
no singular evolutionary path that leads to an interacting supernova. All that is
needed is a fast enough ejecta crashing into dense enough CSM, which may be
formed by a multitude of stars through a number of processes. Therefore all SN
types can show interaction at some point in their evolution.
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Interacting supernovae can constrain the progenitors’ mass-loss rates and
wind velocities shortly before explosion, which if they correspond to the ’typi-
cal’ mass-loss mechanisms can point to a progenitor type. The mass-loss rates
can be determined both through modelling the spectra of interacting supernovae
(Groh 2014; Shivvers et al. 2015; Gräfener & Vink 2016), or their light curves
(Moriya et al. 2014; Förster et al. 2019). For both of these methods detailed
modelling (radiative transfer and hydrodynamics) is needed. Lower limits on the
mass-loss rates can also be placed using the Hα luminosity alone (Ofek et al.
2013b) or the radio emission (Chevalier & Fransson 2003). Modelling the spec-
tra of interacting SNe can also reveal the surface properties of the progenitor,
and specifically they can constrain CNO ratios. These again, with the help of
evolutionary models, can be linked to an initial mass (Chapter 4, but see also
Davies & Dessart 2019).

All the different methods to link supernovae to their progenitors are com-
plementary to each other and contribute towards a complete picture of stellar
evolution.

1.6 Science questions and thesis outline

This chapter described how complex the lives and deaths of massive stars are,
and how they are affected by many interconnected aspects. In our work, we aim
to improve our knowledge on this topic focusing on the following questions:

1. What are the properties of massive stars at late pre-explosion stages?

2. How do massive stars look right after explosion?

3. How are supernovae and massive stars linked?

We tackle these questions by modelling the spectra of evolved massive stars
and of early-time interacting supernovae. We describe the modelling in detail in
Chapter 2, where we introduce the theory of radiative transfer (Sect. 2.1), its im-
plementation in the code we use, CMFGEN (Sect. 2.2), and the specific set-up
of our models (Sect. 2.5). Towards answering question 1, we first model one
of the few pre-explosion spectra of a possible supernova, SN 2015bh (Sect. 1.4
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& Chapter 3). Based on its pre-explosion spectrum we determine the properties
of SN 2015bh’s progenitor, including its immediate circumstellar environment
(Sect. 3.3), and discuss extensively the implications of our results on the clas-
sification of the progenitor, on the possibility of a companion, on other similar
events, and on the post-explosion behaviour (Sect. 3.4). Then, we aim to system-
atically explore the parameter space of interacting SNe in order to disentangle the
effects various explosion and progenitor properties have on the spectra (Chapter
4). Therefore, we created a large library of radiative transfer models of inter-
acting supernovae at early times, exploring variations in explosion luminosities,
and progenitor mass-loss rates and composition. We broadly discuss the diver-
sity we see in our models and how they can be used to link supernovae to their
progenitors in Sect. 4.3. These models are then employed in the analysis of a
sample of observed interacting supernovae, further cementing the heterogeneity
of this class of events and their progenitors (Sect. 4.4). Since many astrophysi-
cal transients can exhibit interaction with surrounding material, this work can be
taken into several directions, which we briefly present in Chapter 5. For exam-
ple, CSM interaction was observed in extremely bright supernovae (Sect. 5.1),
and in the dimmest explosions alike (Sect. 5.2 ), and could help constrain the
properties of the highly debated progenitors for both classes of transients.
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Chapter 2

Radiative transfer modelling

The spectra of astrophysical objects hold a wealth of information about the un-
derlying physical properties, but to decipher them radiative transfer modelling is
needed.

In this chapter we describe the radiative transfer code used throughout this
work, CMFGEN. Firstly, however, we aim to provide a foundational understand-
ing of radiative transfer, defining key quantities, and introducing the main equa-
tions that dictate the radiation-matter interactions in stellar atmospheres out of
thermodynamic equilibrium.

The main focus of the chapter is on how the physics of radiative transfer is im-
plemented in CMFGEN, and the assumptions and limitations of the code. CM-
FGEN models the transport of radiation through spherically symmetric, dense,
expanding atmospheres in non-local thermodynamic equilibrium. We apply it in
modelling both the spectra of massive stars with expanded atmospheres, and the
spectra of supernovae that interact with those atmospheres post-explosion.

We conclude this chapter by describing the specific set-up of our models.
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2.1 Basics of radiative transfer

Before we describe the complex physics and computational methods included in
CMFGEN, let us first define some basic quantities and paint a general picture
of radiative transfer. The information included in this section is adapted from
Rutten (2003), Crivellari et al. (2020), and references therein.

Radiative transfer quantifies the transport of energy, the atomic physics, and
the light-matter interactions with the use of a number of ’macroscopic’ quan-
tities. The energy transported by a number of identical photons along a ray is
represented through the specific (monochromatic) intensity Iν , given by:

dEν = Iν(~r,~l, t)dAdtdνdΩ

= Iν(x,y,z,θ ,φ , t)cosθdAdtdνdΩ
(2.1)

where dEν is the amount of energy passing through an area dA, at the location
~r with~n the normal to dA, between times t and t+dt, in the frequency band ν and
ν + dν , over the solid angle dΩ, around the direction ~l with polar coordinates
θ and φ (Fig. 2.1). It can also be written as a function of wavelength, as Iλ =

Iνc/λ 2.

z

x

y

θ

ɸ

dA

dΩ=sin θ dθ dɸ

r

Figure 2.1: Sketch illustrating the basic geometry in spherical coordinates required to define the
specific intensity in Equation 2.1 (Boian 2020b).

The following quantities are called the moments of intensity and are defined
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as [Jν ,Hν ,Kν ,Nν ] =
1
2
∫ 1
−1 Iν [µ

0,µ1,µ2,µ3]dµ , where µ = cosθ . We discuss
in detail the first two, as they relate to important physical quantities, and are
employed in numerically solving the radiative transfer equation (Section 2.2.2).

The 0th moment of intensity, also referred to as the mean intensity, Jν , is the
intensity averaged over all directions:

Jν(~r, t) =
1

4π

∫
IνdΩ =

1
4π

∫ 2π

0

∫
π

0
Iν sinθdθdφ =

1
2

∫ 1

−1
Iνdµ (2.2)

The (monochromatic) radiative flux, Fν , is the net flow of energy per unit
time through an area at~r perpendicular to~n:

Fν(~r, t) =
∫

Iν cosθdΩ =
∫ 2π

0

∫
π

0
Iν sinθ cosθdθdφ = 2π

∫ 1

−1
Iν µdµ (2.3)

The radiative flux is related to the 1st moment of intensity, also known as the
Eddington flux, Hν :

Hν =
Fν

4π
=

1
2

∫ 1

−1
Iν µdµ (2.4)

The two latter quantities are related to the astrophysical flux, Fν = Fν

π
= Hν

4 .
Furthermore the intensity and the radiative flux can be split into their emer-

gent (when µ > 0; denoted with a ”+” superscript) and incident (when µ < 0;
denoted with a ”−” superscript) components:

Fν = F+
ν −F−

ν (2.5)

Assuming an isotropic field:

F+
ν = 2π

∫ 1

0
Iν µdµ = 2πIν (2.6)

Further assuming blackbody radiation, i.e. Iν = Bν (the Planck function), the
total amount of energy flux escaping the star is:

F+ =
∫

∞

0
F+

ν dν = σT 4 (2.7)
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Equation 2.7 is known as the Stefan-Boltzmann law, where σ = 5.6704×
10−5 ergscm−2 s−1 K−4 is the Stefan-Boltzmann constant, and T is generally
defined as the effective temperature, Teff. Integrating over the surface of a star of
radius R? gives the total amount of energy leaving the star per unit time, i.e. the
luminosity:

L =
∮

F+dS = 4πR2
?σT4

eff (2.8)

Before we move on to the radiative transfer equation we also need to define
the emission and extinction coefficients. Conceptually, the emission coefficient
is just the contribution from local emission to a ray, s:

ην(s) =
dIν(s)

ds
, (2.9)

while the extinction coefficient gives the fraction of energy taken away from a
ray:

χν(s) =−
1
Iν

dIν(s)

ds
(2.10)

In practice these two coefficients depend on the atomic populations as we will
show later on. The extinction coefficient can also be defined per particle:

σν =− 1
nIν

dIν(s)

ds
(2.11)

where n is the particle density of the absorbing material; or per gram:

κν =− 1
ρIν

dIν(s)

ds
(2.12)

where ρ is the density of the absorbing material in gcm−3. The latter, κν , is
commonly referred to as opacity. Oftentimes, in order to simplify calculations
of for e.g. the temperature structure (Sect. 2.2.1), it is also necessary to know
the opacity averaged over all frequencies, known as the Rosseland mean opacity,
κR:

1
κR

=

∫
∞

0
1

κν

∂Bν (T )
∂T dν∫

∞

0
∂Bν (T )

∂T dν

(2.13)

Additionally, the extinction coefficient defines the optical depth as:
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τν =
∫ s

0
χν(s)ds (2.14)

Integrating equation 2.10 gives:

Iν(s) = Iν(0)e−
∫ s

0 χν (s)ds = Iν(0)e−τν (2.15)

One can see that for an optical depth τν > 1 the emergent intensity decays
rapidly. Thus an observer sees mostly emission from τν ≤ 1. The opacity and
optical depth are related by dτν = κνds.

2.1.1 The radiative transfer equation

The way radiation propagates through material is described by the radiative
transfer (RT) equation:

∂

∂ t

(Iν

c

)
+∇

(
Iν~n
)
= ην −χνIν (2.16)

where ∇(Iν~n) = ∂

∂x(Iν~nx ·~n)+ ∂

∂y(Iν~ny ·~n)+ ∂

∂ z(Iν~nz ·~n). A derivation of the RT
equation can be found in Appendix A.

Radiative transfer codes in 1D, can adapt two geometries of the medium the
radiation travels through. Plane-parallel geometry can be assumed if the cur-
vature of the medium is insignificant for the photons’ path, which means that
∂ Iν
∂ z = ∂ Iν

∂y = 0 and ~nx ·~n = cosθ = µ . The RT eq. in plane-parallel geometry is:

1
c

∂ Iν

∂ t
+µ

∂ Iν

∂x
= ην −χνIν (2.17)

However plane-parallel geometry is not suitable for optically thick atmo-
spheres and spherical geometry is required. In spherical geometry, the RT eq.
becomes:

1
c

∂ Iν

∂ t
+µ

∂ Iν

∂ r
+

1−µ2

r
∂ Iν

∂ µ
= ην −χνIν (2.18)

The RT equation can also be written in terms of the source function, Sν =

ην/χν . In order to solve the RT equation we need to know Sν , which brings
us to the following topics, the need for non-local thermodynamic equilibrium
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(NLTE) and statistical equilibrium.

2.1.2 Thermodynamic equilibria

A system can be in several states of thermodynamic equilibrium (TE). If a system
is isolated from its surroundings and the temperature and energy exchange within
the system is homogeneous one could assume global TE, and the source function
would simply be the Planck function, Sν = Bν(T ). If the changes in the system
are slow, one can assume local thermodynamic equilibrium (LTE), where each
volume element of a system is in TE. In LTE the source function at each depth is
the Planck function, Sν(τν) = Bν(T (τν)), and the excitation and ionisation rates
can be approximated by the Saha-Boltzmann equations:

nr,s

nr,t
=

gr,s

gr,t
e−(Er,s−Er,t)kT (2.19)

where nr,s = number of atoms per cm3 in level s of ionisation stage r, gr,s =
statistical weight of level s in stage r, Er,s = de-excitation energy; and

nr+1,1

nr,1
=

1
Ne

2gr+1,1

gr,1

(2πmekBT
h2

)3/2
e−Er/kBT (2.20)

where nr,1 = population density of ground state of the ionisation stage r, Ne =
electron density, me = electron mass, Er = ionisation energy of stage r, h = the
Planck constant, and kB = the Boltzmann constant.

LTE can be safely assumed in RT codes when the radiation is trapped and
reaches equilibrium with the matter, the amount of radiation escaping is very
small, the number of collisions is sufficiently large so that the Saha-Boltzmann
distributions still apply, or when the densities are high (since a high density leads
to a high collision rate).

However volume elements in stellar atmospheres are not closed systems and
interactions with photons affect the atomic level populations, which no longer
follow the Saha-Boltzmann distributions. To determine the ionisation and exci-
tation distributions in non-local thermodynamic equilibrium all individual level
populating and depopulating processes need to be considered.
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2.1.3 Absorption and emission coefficients

The transitions between two atomic levels can be due to interactions with pho-
tons (radiative) or with electrons (collisional). They can happen between two
energy levels in a system (i.e. an atom, ion, or molecule) in which case it is
a bound-bound transition, between an aforementioned system and an electron
(bound-free), or between two energetic particles (free-free). The radiative de-
excitation (or emission) can also can be spontaneous or induced.

The rates are calculated with the help of Einstein coefficients:
Aul = the probability of spontaneous de-excitation from state u (upper) to state l
(lower) per unit time;
Blu = the probability that the radiation field causes a transition from l to u (i.e.
excitation; Bul for de-excitation) per unit of intensity and time;
Clu = the probability of collisional excitation per unit time (Cul for de-excitation).
The Einstein coefficients are related by:

Blu/Bul = gu/gl,

Aul/Bul = 2hν
3/c2,

Cul/Clu = (gl/gu)eEul/kT .

(2.21)

The transition rates are generally of the form of number of atoms in a certain
state × probability of transition, e.g. the rate of spontaneous de-excitation from
level u to level l is nuAul.

However these transitions are not sharp, but follow a certain probability dis-
tribution around the line centre, ϕ(ν−ν0) (due to the uncertainty principle and
other line broadening mechanisms). In RT codes the assumption of complete
frequency redistribution (CFR) is often made, which states that the frequency
and direction of a photon producing an absorption is not correlated to the same
properties of the re-emitted photon, and therefore the line profile distributions
from the different transition types are equal.

The line (bound-bound) opacity and emissivity are calculated as follows:

κ
L
ν =

hν

4π
ϕν(nlBlu−nuBul) (2.22)
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ε
L
ν =

hν

4π
ϕνnuAul (2.23)

Together with eq. 2.21 this makes the line source function:

SL
ν =

nuAul

nlBlu−nuBul
=

2hν3

c2
1

gunl
glnu
−1

(2.24)

If we assume LTE and thus can replace nl/nu by the Boltzmann distribution,
then Sν = Bν .

The emission and absorption coefficients can also be written in terms of the
cross-sections. For example for bound-bound transitions:

σlu =
hν

4π
ϕBlu =

πe2

mc
f (2.25)

The second formulation of the cross-section comes from the classical os-
cillator formula, where f is the oscillator strength. Cross-sections, oscillator
strengths and line opacities are measured in labs and included as inputs in the
RT codes.

Together with eq. 2.21 , equations 2.22 and 2.23 can be written as:

κ
L
ν = σlu(ν)

[
nl−

gl

gu
nu

]
(2.26)

ε
L
ν = σlu(ν)

2hν3

c2
gl

gu
nu (2.27)

Similarly, the coefficients for the other types of transitions are:

κ
b− f
ν = σik(ν)

[
ni−n∗i e−

hν

kbT
]

(2.28)

and

ε
b− f
ν = σik(ν)

2hν3

c2 n∗i e−
hν

kbT (2.29)

for bound-free transitions, and

κ
f− f

ν = σkk(ν)nenk

(
1− e−

hν

kbT
)

(2.30)
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and

ε
f− f

ν = σkk(ν)nenk
2hν3

c2 e−
hν

kbT (2.31)

for free-free transitions; where n∗i are the population numbers calculated using
the Saha-Boltzmann equations, and ne is the number of free electrons.

A particular atomic process we would also like to discuss here is Hydrogen
recombination, as it holds particular relevance to the results discussed in Chap-
ter 4. Recombination happens when an electron recombines with a proton into
a bound state and then cascades down emitting photons. For H, transitions to
the ground state (n = 1) give the Lyman series, to n = 2 give the Balmer se-
ries, etc. The distribution of electrons tends towards a Maxwellian distribution
and therefore the collision rates depend on the temperature defined by it. The
recombination coefficient of H to a certain level is given by:

α(H0,T ) =
∫

∞

0
σ(H0,v)v f (v)dv (2.32)

where v is the velocity of the electrons, σ(H0,v) is the recombination cross-

section and depends on v−2, and f (v) = 4√
π

(
m

2kBT

)3/2
v2e−

mv2
kT is the electron

distribution (Osterbrock 1989). The H recombination coefficient ends up being
proportional to T−1/2, therefore when T increases, the strength of the H lines
decreases. This effect is seen in our models and discussed in Section 4.3.

The final net emission and absorption rates are a summation of all the emis-
sion and absorption coefficients due to the different processes described above.

2.1.4 Statistical equilibrium

The number of atoms at each excitation and ionisation level in NLTE is obtained
by solving the statistical equilibrium (SE) equations.

The statistical equilibrium equations simply state that the rate of transitions
into a state equals the rate of transitions out of that state:

ni ∑
i6= j

Pi j = ni ∑
j 6=i

Pji (2.33)

where ni is the occupation number of state i of each element in the stellar atmo-
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sphere and Pi j is the probability per unit time of a transition from the state i to
the state j.

The probability of a transition Pi j is the sum of the radiative rates, Ri j and the
collisional rates, Ci j.

In addition, the radiative rates, are defined as

Ri j = Ai j +Bi jJ̄ν = 4π

( ni

n j

)∗∫ ∞

0

σi j(ν)

hν

(2hν3

c2 + Jν

)
e−

hν

kbT dν (2.34)

where σi j is the previously discussed cross-section; and the collisional rates are

Ci j =
∫

∞

0
σi j(v)ne f (ν)dν (2.35)

In this case σi j represents the probability that an atom in state i will suffer a
transition to level j due to an impact with an electron with velocity v, given an
electron distribution f (v).

We can now see that the RT eq. and the SE eq. are coupled, since we need
to know the source function to solve the RT eq. (i.e. to obtain I), but in order to
get the source function in NLTE we need to know the level populations, which
in turn depend on the radiative rates, and therefore on J and I. Several numeri-
cal methods to solve this issue are implemented in the current radiative transfer
codes, such as the accelerated lambda iteration (ALI), and/or linearisation tech-
niques. CMFGEN uses a linearisation method which we discuss in detail is Sect.
2.2.2.

2.2 Radiative transfer with the CMFGEN code

Radiative transfer codes are complex and come in many flavours, focusing on
various applications (e.g. stellar atmospheres, planetary atmospheres, nebulae),
using different numerical methods, and making numerous assumptions (LTE,
NLTE, stationary, static, etc.).

In our work we simulate the dense, extended, expanding atmospheres/winds
of massive stars and interacting supernovae. Generally, to model the spectra of
stellar atmospheres in NLTE, one needs to iteratively solve the equations describ-
ing the hydrodynamics to obtain the density and velocity structures (although in
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Figure 2.2: Theoretical flowchart of a code modelling radiative transfer through stellar atmo-
spheres, highlighting the coupling between the equations that need to be solved. The quantities
are as defined in Sect. 2.1. Additionally Z represents the abundances, p is the gas pressure, grad is
the radiative acceleration, with contributions from continuum emission and scattering gcont , Hrad

is the radiative flux, Hdiss the energy generated by dissipative processes This figure is borrowed
from Pauldrach et al. 1994 (Figure 1).
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many cases a quasi-hydrodynamic or a hydrostatic solution is assumed as de-
scribed in Sect. 2.2.1), the radiative transfer for the flux, the rate equations for
the level populations, and the energy equation for the temperature. Figure 2.2
shows how a radiative transfer code cycles through these equations.

We employ the radiative transfer code CMFGEN (Co-Moving Frame GEN-
eral, Hillier & Miller 1998). The code can be used for any case involving an ex-
panding atmosphere, such as O and B-type stars, Wolf-Rayets, Luminous Blue
Variable stars, and supernovae.

In this section we describe in detail how each step in Fig. 2.2 is implemented
in CMFGEN, after discussing the assumptions required to solve these equations
efficiently, in the following subsection.

CMFGEN is open-source and can be downloaded from http://kookaburra.

phyast.pitt.edu/hillier/web/CMFGEN.htm. This section is based on Hillier
& Miller (1998), where more details about CMFGEN can be found.

2.2.1 Assumptions

Often in radiative transfer codes certain assumptions are necessary to reach a
compromise between accuracy and computational time. In order to quantify the
impact of each of our assumptions on our results we would have to implement
the respective changes in CMFGEN and compare the models. As this would re-
quire extensive efforts, we limit ourselves to speculating on the magnitude of the
possible effects and importance of each assumption, taking into consideration re-
sults from other works that may explore these effects. Given that computational
time is the main reason for employing many of these assumptions, we suggest
that further development of CMFGEN in perhaps employing faster numerical
methods would be extremely beneficial. We present the assumptions we make
in our CMFGEN models of SNe and dense stellar atmospheres below, together
with the possible caveats.

Geometry: Spherical Symmetry

CMFGEN computes the transport of radiative energy in spherical symmetry. In
some cases plane-parallel symmetry is a good approximation (e.g. solar pho-
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Figure 2.3: Sketch of p-z geometry. The p-rays are parallel lines tangential to the spherical
shells, the z points are at the intersections between the p-rays and the shells, and θ is the angle
between a p-ray and a ‘beam’ r, with µ = cosθ (Eq. 2.46).

tosphere or chromospheres, dwarfs), however the expanding envelopes around
massive stars have significant curvature, which required the RT equation to be
solved in spherical symmetry.

p-z geometry

To solve the radiative transfer equation in spherical symmetry a ray-by-ray method
called p-z (Mihalas 1978, Fig. 2.3) is used as follows. The medium is split into
n shells. For each shell define a p-ray, tangential to the shell (the core is aug-
mented with multiple p-rays), where p is called the impact parameter. The z j,i

points are defined at the intersection of pi-rays and the shell at radius r j, and all
z j,i, i = 1, ..,n are located on the same shell and therefore have the same physical
parameters. The RT equation is solved along each p-ray.
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Deviations from spherical symmetry

In this work we assume that the atmospheres, winds, and circumstellar mate-
ria (CSM) of massive stars are spherically symmetric. Observationally, CSM
around evolved massive stars are sometimes spherically symmetric (Weis 2011
and references there-in). In other cases the rotational velocity of a star (such as
Be stars), pulsational instabilities, spots and granulation, or a binary companion
have led to deviations from sphericity, including disk-like geometries, hour-glass
shapes (e.g. Eta Car), and other more complex geometries. These deviations
from spherical symmetry will affect the observed line morphology. In our case,
the main effected of fitting aspherical objects with spherically symmetric mod-
els would be on the mass-loss rate, which may be under- or over-estimated in
the spherically symmetric case compared to the true geometry depending on the
viewing angle. For example, if the CSM is disk-like and we are looking through
the equator, we will overestimate the mass-loss rate, but if we look through the
poles it will be underestimated. Smith (2017) suggest that the explosion energies
and Ṁ estimates from LC modelling that do not account for multidimensional ef-
fects may be erroneous by a factor of 10.

We do not explore geometrical effects in our grid of models. We specu-
late that fitting an aspherical CSM with a spherical model may introduce the
largest errors in our results. However our work sets the ground for future multi-
dimensional studies.

Stationarity

For the sake of saving computational time, which is essential when running a
large grid of models, we assume our CSM is stationary. A stationary outflow is
one whose properties do not change with time. While this is not the case long
term or in fast evolving phenomena (e.g. supernovae), in the outflows of massive
stars time-independence can be safely assumed on short timescales. This means
that all of the time-dependent derivatives in the equations above can be reduced
to 0.

This may pose a problem for an extended outflow if the radiative time-scale
is smaller than the CSM travel time. The time travel effects affect the lower
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density CSM more than the high density ones. Erroneously assuming time inde-
pendence may result in underestimating the luminosity and density, and it may
also affect the derived surface abundances depending on where the lines form.
For example, in the case of SN 2013cu, Gräfener & Vink (2016) find that in-
cluding light-travel-time effects results in a 0.47 dex increase in luminosity and
a mass-loss rate ≈ 1.5 times higher than found by Groh (2014) through time-
independent CMFGEN modelling. Additionally they also find a lower N/C ra-
tio, although both determinations point to CNO processed material. While the
effects of including time dependence seem moderate they add up to a signifi-
cant discrepancy in CSM mass, where time-dependent models measure a mass
10− 100 times higher. Both estimates are however lower limits based on the
maximum extension of the line formation regions. For a detailed discussion on
these effects, see Shivvers et al. (2015), Gräfener & Vink (2016) or Dessart et al.
(2017b).

Another issue may come from the fact that we compute interacting supernova
models with various L and Ṁ, although the time variation of L should depend on
the diffusion timescale, and thus Ṁ. We note that the diffusion timescale is ≈ 10
hours for our highest density models, i.e. Ṁ = 10−2 M�yr−1, υ∞ = 150 kms−1,
and Rin = 8×1013 cm (Chevalier & Irwin 2011).

Hydrostatic equilibrium and the structure of the circumstellar medium

In our models, we do not solve for a self-consistent hydrodynamical solution
for the outflow. Not only does this introduce additional equations that are non-
linearly coupled with the rate and radiative transfer equations (Figure 2.2), mak-
ing the calculations more computationally expensive, but also it is more difficult
to manipulate the density and velocity structures. Instead, we assume an inner
density gradient with a specific scale height depending on the modelled object
(i.e. massive stars or supernovae) joined smoothly, just below the sonic point to
a wind with a different density structure.

The inner density structure is derived from the assumption of hydrostatic
equilibrium, i.e.:

dP
dr

=−ρ(r)g(r) (2.36)
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where P is the pressure on a surface area, and g = GM
r2 . Further assuming an ideal

gas (P = ρkT
mH µ

), and a density variation with radius far greater than a temperature

variation ( 1
ρ

dρ

dr �
1
T

dT
dr ), Eq. 2.36 becomes:

k
mH µ

[
T

dρ

dr
+ρ

dT
dr

]
=−ρ(r)g(r) (2.37)

1
ρ

dρ

dr
=−gmH µ

kT
=

1
H

(2.38)

where H is the pressure scale height.
Integrating the equation above gives:

ρ(r) = ρ(r0)e−
r−r0

H (2.39)

The stationary wind on the other hand has a density profile derived from the
mass continuity equation

ρ(r) =
Ṁ

4πr2v(r)
(2.40)

and accelerates following a beta-type law

v(r) =
v0 +(v∞− v0)(1−R?/r)β

1+ v0/vcoree([R?−r]/heff)
, (2.41)

where vo is the velocity at a reference radius close to R?, vcore is the velocity
at the inner radius R?, υ∞ is the terminal velocity of the wind, and heff is the
scale height in units of R?. The code has multiple variations of the wind accel-
eration equation, which can allow for e.g. an extended acceleration region or a
SN velocity law. The β parameter gives the steepness of the velocity law, thus
changing the density structure in the inner regions of the wind.

We have ensured that the photosphere (where the Rosseland mean optical
depth is τRoss = 2/3) is located in the progenitor wind for the radiation field and
hydrodynamics of the inner region to minimally affect the spectra.

Models that take into account the dynamics of the inner regions and thus pro-
vide more realistic density and velocity structures do exist (e.g. Dessart et al.
2016, 2017b). However they are more computationally expensive and therefore
explore a more limited set of parameters, aiming for a more qualitative compar-
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ison to observations. Dessart et al. (2017b) also study SN 2013fs and while they
obtain similar mass-loss rates to hydrostatic models of the early-time spectra,
they suggest the CSM is less extended.

Homogeneity

Due to radiative acceleration instabilities, the winds of massive stars can quickly
become inhomogeneous and form clumps of denser material which also propa-
gate outward into the CSM.

CMFGEN can account for the effects of clumping in the winds/atmospheres
of massive stars. The way CMFGEN incorporates clumping is by the use of the
volume filling factor, f = 〈ρ〉2/〈ρ2〉. It assumes that the medium is made of
small, uniform density, optically thin clumps that occupy a fractional volume f .
The density in any clump is given by the average density divided by f :

ρc(r) =
Ṁ

4πr2v(r) f (r)
(2.42)

While this assumption is an idealised scenario, the approximation provides an
excellent fit to the observed line morphologies of massive stars with clumped
winds (Hillier & Miller 1999). Including clumping effects in the winds of mas-
sive stars has improved the modelling of spectral observations in many cases,
such as Eta Car (Hillier et al. 2001; Groh et al. 2012), AG Car (Groh et al.
2009b), and the Pistol Star and FMM362 (Najarro et al. 2009).

The inclusion of clumping in a model should require a scaling in the mass-
loss rate of

√
f to maintain the strengths of the emission lines constant, however

this scaling is not perfect since the optical depth structure is also affected. For
example, we compare clumped and unclumped models in the case of the pro-
genitor of SN 2015bh (Sect. 3.3.3) and find the mass-loss rate needs to be 6
times higher for an unclumped wind to maintain a similar (yet poorer) fit to the
observations as our best-fit model which includes clumping.

Radiative equilibrium

In our models we ensure that at the inner boundary the Rosseland optical depth is
high enough (τRoss > 100) that LTE and radiative equilibrium are reasonable ap-
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proximations. The assumption of radiative equilibrium states that the frequency
averaged flux entering a region is equal to that exiting:∫

∞

0
κν(Jν −Sν)dν = 0. (2.43)

It allows the computation of the temperature structure as follows. We begin
with a given initial temperature structure T (τRoss), Rosseland mean optical depth
( τRoss(R)), and source function (Sν = Bν(T ) since LTE can be assumed). Then
we solve the radiative transfer equation in LTE and obtain Jν . We check if the
radiative equilibrium condition is satisfied and if it isn’t, we correct T (τRoss) and
start again. The temperature is computed as:

T 4(τRoss) =
3
4

T 4
e f f (τRoss +q(τRoss)) (2.44)

where q(τRoss) is called the Hopf function and varies slowly between 0.57 at
τRoss = 0 and 0.71 at τRoss = ∞. q(τRoss) = 2/3 in the Eddington approximation
(J = 3K), giving what is known as the grey temperature.

Super-levels

Super-levels are a solution to include a large number of levels and transitions
required by elements such as Fe, in the SE equations (Anderson 1989; Hillier &
Miller 1998). The method consists of grouping levels with similar energies into
one ’super-level’, i.e.

∑
i

Fni j =
Sn j (2.45)

where Fni j is the occupation number on the individual state i and Sn j is the
occupation number on the super-level j.

This decreases the number of levels whose atomic populations must be ex-
plicitly solved for, thus improving computational time and memory require-
ments.

Super-levels lead to more reliable models as they allow for the inclusion of
more species and levels. However, there is a risk of poor super-level assignments
which may affect the line strengths and the temperature structure. In CMFGEN,
the electron cooling rate can offer a consistency check for the super-level as-
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signments (Hillier & Miller 1998, 1999), and the models can then be adjusted
accordingly.

Atomic data

To calculate the transition rates (Eqs. 2.26 to 2.31 ), knowledge about the indi-
vidual cross-sections or oscillator strengths of the atoms and particles included
are required. These are determined experimentally and compiled into collec-
tions of atomic data. There are a number of sources of atomic data available.
The data used in CMFGEN and our models is provided by a number of sources
(e.g. OPAL - Rogers & Iglesias 1992; Iglesias & Rogers 1996), as described
originally in Hillier & Miller (1998), and it is continuously updated.

2.2.2 Numerical methods

Here we describe the numerical methods implemented in CMFGEN at each
stage.

Boundary conditions

Because CMFGEN uses iterative methods, boundary conditions are necessary
both in frequency and space.

For the frequency, the boundary conditions are specified at the highest fre-
quency. At the highest ν only continuum opacities and emissivities are ac-
counted for. The RT equation is then determined using this frequency and ig-
noring the ν derivative. This provides the radiation field needed to solve the
derivative for the next frequency, and thus all subsequent lower frequencies.

In terms of spatial boundary conditions, at the inner boundary, diffusion ap-
proximation is used. This approximation is generally used to describe complex
stochastic processes as diffusive processes for simplicity. As previously dis-
cussed, in stellar atmospheres, at large depths (τν >> 1), due to the very high
densities, LTE can be safely assumed. Therefore at the inner boundary the source
function becomes the Planck function. At the outer boundary the incident inten-
sity is a function of frequency and the impact parameter.
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Solving the radiative transfer equation

CMFGEN solves the equation of radiative transfer in a stationary ( ∂

∂ t = 0), spher-
ically symmetric, expanding atmosphere. Additionally, solving Eq. 2.18 gives
the flux in the observer’s frame, however, due to the dependencies of the emis-
sion and absorption coefficients on direction, solving Eq. 2.18 numerically
would result in a large number of computations. To circumvent this issue CMF-
GEN solves the radiative transfer equation in the co-moving frame (CMF):

µ
∂ I(r,µ,ν)

∂ r
+

1−µ2

r
∂ I(r,µ,ν)

∂ µ
−
[

νv(r)
rc

][
(1−µ

2)+µ
2
(d lnv

d lnr

)]
∂ I(r,µ,ν)

∂ν

= η(r,ν)−χ(r,ν)I(r,µ,ν)

(2.46)

where, as before, I(r,µ,ν) is the specific intensity at the radial coordinate r,
angular coordinate (µ = cosθ ; where θ is the angle the light ray forms with the
normal to the surface at r) and CMF frequency ν , v is the velocity of the outflow,
η(r,ν) is the total emission coefficient and χ(r,ν) is the absorption coefficient.

Equation 2.46 is solved using the moments of intensity J, H, K, and N, as
follows:

1
r2

∂ (r2H)

∂ r
−
(

νv
rc

)[
∂ (J−K)

∂ν
+
(d lnv

d lnr

)
∂K
∂ν

]
= η−χJ (2.47)

∂K
∂ r

+
(3K− J)

r
−
(

νv
rc

)[
∂ (H−N)

∂ν
+
(d lnv

d lnr

)
∂N
∂ν

]
=−χH (2.48)

However, now this is a system of 2 equations with 4 unknowns. An iterative
solution can be found if K and N are written in terms of J and H. Equations 2.47
and 2.48, are the solved with the use of Eddington factors:

f (r,ν) = K(r,ν)/J(r,ν) (2.49)

and
g(r,ν) = N(r,ν)/H(r,ν) (2.50)
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and sphericity factor, q:

lnr2qν =
∫ r

R?

(3−1/ fν)/rdr+ lnR? (2.51)

Eq. 2.47 and 2.48 become:

q
∂ r2H
∂X

+
( vν

χrc

)
∂ (1+σ f )r2J

∂ν
= r2

(
J− η

χ

)
(2.52)

and

∂ f qr2J
∂X

+
( vν

χrc

)
∂ (1+σg)r2H

∂ν
(2.53)

where dX =−χqdr and σ = d lnv/d lnr−1. Solving the above equations gives
new Eddington factors, which give a new solution to the radiation field. For the
first iteration the Eddington factors at the current frequency are assumed to be
the same as the Eddington factors at the previous frequency.

The equations above are solved for the mean intensity at each frequency as a
function of spatial coordinate, under the discretized form:

Tm.Jm = Xm +Um.Jm−1 +Vm.Hm−1 (2.54)

and
Hm = Am.Jm +Bm.Hm−1 (2.55)

where J is a column vector containing the mean intensity at each depth, and
therefore has size ND - number of shells the atmosphere is split into; H if the
flux column vector, of size ND−1; T is a tridiagonal matrix of size ND×ND, V
is a lower bidiagonal matrix of size ND×ND−1, A is an upper bidiagonal matrix
of size ND−1, B is a diagonal matrix of size ND−1×ND−1, and X is a column
vector of length ND.

The RT equation is solved at the same time as the SE equation, which we
describe below.
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Solving the statistical equilibrium equation

As previously mentioned, the equation of radiative transfer (Eq. 2.46), and the
rate equations (2.33) are non-linearly coupled. Therefore an iterative technique
is needed. To treat this dependence, a partial linearisation technique that con-
siders only the coupling between the radiation field and the populations locally
and at adjacent grid points has been developed (Hillier & Miller 1998) and it is
summarised below.

The constraint equations (statistical equilibrium, charge conservation, radia-
tive equilibrium) can be written as:

S(Ne,Te,n1d,n2d, ...,J1d,J2d, ...,Z1d,Z2d, ...) = 0 (2.56)

where Ne and Te are the electron density and temperature, Jmd is the mean inten-
sity of the radiation field at νm, nid is the population of level i and Zld is the net
radiative bracket for line l, defined as Z = 1− Jl/Sl where Jl is the mean line
intensity, and Sl is the line source function.

Linearisation of the constraint equations leads to a system of equations:

∂ S̄d.δ N̄d =−∆S̄d (2.57)

for each depth d. The quantity ∂ S̄ represents the linearised constraint equations.
It is a matrix of dimensions NC×NT , with NC being the number of constraint
equations, and NT the number of variables. The current error in the constraint
equations evaluated with the current populations and radiation field are contained
in ∆S̄, a vector of length NC. The unknown corrections are given in δ N̄, a vector
of the form (δNe,δTe,δn1d, ...,δJ1d, δJ2d, ...,δZ1d,δZ2d, ...).

Using the linearised radiative transfer equation and the linearised emission
and absorption coefficients, the δJ and δZ terms can be written in terms of the
corrections in the populations ( δn) and eliminated from the linearised constraint
equations. Because only local and neighbouring terms are considered, equation
2.57 results in block tridiagonal system of equations of dimensions NT ×NT

coupled over the ND depths. The system is solved for δn using routines from the
Fortran 77 library, LAPACK.

Convergence is reached when the corrections are small enough. An iteration
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is defined as any cycle loop that changes the level populations. When corrections
for successive iterations are less that 0.1 %, the observed spectrum usually shows
negligible changes between successive iterations.

To reduce computational time, the linearisation technique (Eq. 2.57) is in-
terleaved with accelerated lambda iterations, which are also commonly used in
other radiative transfer codes.

Accelerated Lambda Iteration

In general, the process of numerically solving the RT and SE equations is an
iterative process that can be simply described as follows: after making an initial
guess for the mean intensity Jν , loop through computing the source function Sν ,
i.e. the emission and absorption coefficients, which then allows the calculation
of a new Jν , which is used to recompute Sν , etc. In practice this is done by
writing:

Jν = Λ[Sν ] (2.58)

where Λ is a mathematical operation (or set of operations) performed on the
quantity within the square brackets. Thus this method is called the lambda itera-
tion.

The source function can then be written as:

Snew
ν = ενBν(T )+(1− εν)Λ[Sold

ν ] (2.59)

Each iteration can be thought of in physical terms as each photon interacting
with another particle or atom once. As we are dealing with optically thick media
(τ � 1), the photons will need a long time to escape. Therefore this technique
needs an extremely large number of iterations for convergence. The need to
speed up this process lead to the development of the accelerated lambda iteration
technique (also referred to as the approximate lambda iteration; see Hubeny 2003
for review).

In ALI, the exact lambda operator needed to accurately solve the equations is
replaced by:

Λ = Λ
?+(Λ−Λ

?) (2.60)
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where Λ? is called the approximate lambda operator and is a simplification of the
exact lambda operator (Cannon 1973). The source function can now be written
as:

Snew
ν = ενBν(T )+(1− εν)Λ

?[Snew
ν ]+ (1− εν)(Λ−Λ

?)[Sold
ν ] (2.61)

The operations in Λ? are much faster than the those of the exact lambda oper-
ator. Its inverse is also easier to calculate if needed. The difference between the
exact and approximate lambda operator acts on the old, known source function
and a formal solution can be easily calculated.

However, choosing the approximate lambda operator is not trivial and several
methods have been developed. For example, the approximate lambda operator
can be the diagonal of the exact lambda operator (Olson et al. 1986) or the upper
triangle of the exact lambda operator (Scharmer 1981).

2.3 Flux in the observer’s frame

As mentioned previously, CMFGEN does all the calculations in the co-moving
frame, where the emissivities and opacities are isotropic. To compute the spec-
trum in the observer’s frame, we use CMF FLUX (Busche & Hillier 2005).

The flux in the frame of the observer is determined using:

Fν =
2π

d2

∫
∞

0
pI(p)d p (2.62)

and
I(p) =

∫
∞

0
Se−τdτ (2.63)

where d is the distance to the source, p is the impact parameter, I(p) is the
outer boundary intensity calculated for each impact parameter, S is the source
function, and τ the optical depth.

I(p) can also be calculated using:

I(p) =
∫ zmax

zmin

ηe−τdz (2.64)

where η is the emissivity in the observers’ frame.
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The default CMF FLUX output gives the flux in Janskys assuming a distance
of d = 1 kpc. We convert our models to cgs units (ergss−1 cm−2 Å−1) and scale
to the appropriate distance when comparing to specific observed events.

2.4 CMFGEN flowchart

To summarise the previous chapter we describe the CMFGEN cycle for the set-
tings selected in our models in Figure 2.4. For a more detailed flowchart please
check the CMFGEN documentation.

2.5 Our set-up

We employ CMFGEN to study both the spectra of evolved stars with extended,
dense winds (Chapter 3), and of supernovae that interact with circumstellar ma-
terial (Chapter 4).

The main input physical quantities that the code requires to compute the spec-
trum are:

– Rin- the inner boundary radius; in the case of the SN models represents the
extent of the SN into the CSM, while in the stellar case, it is the radius of
the star.

– Rout - the outer boundary radius; we chose it large enough to account for all
the emission line region

– Ṁ- the constant mass-loss rate of the star or SN progenitor

– υ∞- the terminal wind velocity of the star or SN progenitor

– the surface abundances of the star or SN progenitor

– L - the bolometric luminosity; it can be of the order of SN luminosities or
stellar luminosities

The values for each of the parameters above vary widely in our grid of models
and are mentioned in their respective sections.

An additional parameter that describes the physical properties of the medium
is the density volume filling factor, f . For simplicity and generality, all of our
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Flux in the co-moving frame
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CMFGEN Basic Flowchart
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Update rate equation
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Update SE Eq. considering the abundance constraints

For all 
frequencies

Figure 2.4: Simplified flowchart of a CMFGEN model.
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supernova models assume an unclumped wind ( f = 0.9). On the other hand, both
observational evidence and theoretical models support the idea that the winds of
LBVs can be clumped (Hillier et al. 2001; Groh et al. 2009b, 2012; Najarro et al.
2009), therefore our stellar models for the progenitor of SN 2015bh models do
include clumping with volume filling factor of f = 0.1.

We mentioned earlier in this chapter that we assume the inner region is in
hydrostatic equilibrium. Therefore the density structure in the inner region is
estimated using a scale height of 0.02 R? when simulating the spectrum of a star
with an extended wind, while in the interacting supernova scenario we assume a
much steeper gradient of 0.008 Rin.

In terms of the numerical inputs, for the majority of our models the spatial
grid is split into ND = 80 shells between Rin and Rout, unless a finer grid was
required for convergence.

While not explicitly pertaining to the model inputs, we would also like to
specify here that we define the photosphere as the region where τRoss = 2/3. In
future chapters we will refer to the temperature in that region as the effective
temperature, Teff. Because the winds of the stars considered in this work are
dense, the photosphere is located in the wind. Therefore, to fully characterise
the underlying object, we will also quote the temperature at the base of the wind,
referred to as T? and defined where τRoss = 20.

Any other modelling details specific to each case are discussed in their re-
spective chapters.

Semi-automation of CMFGEN models

In our work we aimed to explore a wide range of properties with a reasonable
sampling, therefore we needed to compute a large number of models in a lim-
ited amount of time. Towards this goal we used a Python tool developed by
Götberg et al. (2018) that automatically computes multiple CMFGEN models in
a row, within a given set of parameters. The Python code still requires as input
a converged CMFGEN model, and so it was employed only after we manually
computed a number of initial CMFGEN models. More specifically, this tool
performs the following main steps:

– set-up starting model;
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– read-in starting model properties, final properties, and allowed maximum
fractional change in their values (e.g. LSN, Rin, Ṁ, etc.);

– run model with new set of properties, where the new values are the old
values + allowed maximum change;

– once the model has finished running, the code checks for convergence;

– if a model is not converged, the code will try to relax the corrections to the
populations at problematic depths;

– if the model is still not converged, the difference between the old and new
set of parameters is decreased; the previous three steps are repeated until
convergence is reached;

– when a model is converged, it is saved and then used as a starting point for
the next model, until the (input) final set of parameters is reached.

The two methods implemented in the automation script to facilitate the con-
vergence of a model are based on the CMFGEN documentation and therefore
work well, however convergence can be impeded by many issues (temperature
structure, development of an ionisation front, density too high or too low, etc.)
which sometimes require interference from the user to solve. As there are many
steps that can be taken depending on the issue, we refer the reader to the CMF-
GEN documentation which contains detailed troubleshooting instructions.

2.6 CMFGEN outputs and diagnostic tools

As listed in the CMFGEN flowchart (Fig. 2.4), the code outputs not only the flux,
but also a multitude of quantities that contribute to the analysis of the modelled
object, to check the consistency of a model, and to understand the underlying
physics. Here we present the main outputs of an example CMFGEN model,
outputs that we often use in our analysis in Chapters 3 & 4. This is a model
of a SN interacting with the CSM, with the following properties: LSN = 1.5×
109 L�, Ṁ = 3× 10−3 M�yr−1, υ∞ = 150 kms−1, Rin = 8.6× 1013 cm, and
solar-like surface abundances. CMFGEN can compute the flux for a large range
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Figure 2.5: CMFGEN model of an interacting supernova. The model has LSN = 1.5× 109 L�,
Ṁ = 3×10−3 M�yr−1, υ∞ = 150 kms−1, Rin = 8.6×1013 cm, and solar-like surface abundances
(Boian 2020b).

of wavelengths. Figure 2.5 shows the flux for the example model in the regions
of most interest to us (and most often observed), i.e. UV, optical, and NIR.

For all of the species present, CMFGEN outputs information such as their for-
mation region ( Figure 2.6, top right panel ) or the ionisation structure ( Figure
2.6, bottom panels). Other useful diagnostics output by CMFGEN include the
temperature structure (Figure 2.6, top left panel), the velocity structure, the den-
sity structure, the opacity, the source functions, etc. All of these quantities can
be given as a function of radius, as exemplified in Figure 2.6, or as a function of
mean optical depth.

2.7 Applications to observed spectra

The main application of computing synthetic spectra is determining the physical
properties of observed objects. In Chapter 3 we compute a grid of models in
order to fit the spectrum of an observed massive star before explosion, while in
Chapter 4 we use our models to fit a sample of observed early-time interacting
supernovae. In this section we first describe how we selected the observed events
we fit in Chapters 3 & 4, and then we describe how we post-process the modelled
spectra to facilitate the comparison to the observations.
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Figure 2.6: Profiles of the interacting SN model in figure 2.5. Here R? refers to Rin, the radius
at the inner boundary, which in this model corresponds to the radius of the SN ejecta. Top left:
temperature structure. Top right: formation region of the HIλ6563 line, where ξ is related to
the equivalent width by W =

∫
∞

Rin
ξ (R)dlog(R). Bottom: ionisation structures for H (left) and He

(right).

2.7.1 Building an observational sample

In Chapter 3 we model the spectrum of an evolved massive star, the progenitor
of SN 2015bh. This rare pre-explosion spectrum was obtained serendipitously
and we considered it was a unique opportunity to analyse this spectrum with our
models and hence directly characterise the progenitor of a possible SN.

In Chapter 4 we compute spectra of type II supernovae that interact with their
progenitors’ winds at early times. The number of observed events is currently
relatively low, but the advent of new time-domain facilities such as Zwicky Tran-
sient Facility (ZTF) or the Rubin Observatory Legacy Survey of Space and Time
(LSST) will increase it significantly. The reason for this is that these surveys
will observe the same region of sky at short time intervals (≈ 3 days), and in
their transient-oriented programmes they trigger fast spectroscopic follow-up.
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This ensures that supernovae that show interaction only for a brief period of time
(e.g. SN 2013fs), will not be missed.

In our current sample, the majority of early-time interacting supernovae were
observed during the Palomar Transient Factory (PTF) and intermediate PTF
(iPTF) surveys (the predecessors of ZTF), with contributions from the All Sky
Automated Survey for Supernovae (ASAS-SN), Gaia, and Asteroid Terrestrial-
impact Last Alert System (ATLAS), and the spectroscopy was performed by a
number of instruments (Table 4.2). We selected publicly available SNe with
early-time (a few days post-explosion) spectra that show interaction with the
progenitor’s CSM. We collected these spectra from online catalogs such as WIS-
eREP1 and the Open Supernova Catalog2. Details on each individual object are
given in Section 4.4.

2.7.2 Finding the best-fitting models

To obtain the properties of an observed spectrum we aim to match the models
to the observations as closely as possible. For the two main projects described
in this thesis our modelling strategies differ slightly. In essence, in all cases,
the fitness of a model to an observed spectrum was mainly assessed by eye. We
aimed to have an overall good fit to all the features present in the spectrum, rather
than having an excellent fit for, for example, one emission line, but a poor fit for
all other lines. We prioritise strong features that are well above the noise, and
features that are good indicators of key properties such as line ratios sensitive to
the temperature. Quantifying the goodness of a fit through statistical methods
may be beneficial, but only to a point. Due to the errors associated with both the
limitations of the code (Sect. 2.2.1) and the quality of the observed spectra, the
precision obtained by over-fitting the spectra may not be much more useful in
the analysis that an assessment by eye.

For modelling the spectrum of the progenitor of SN 2015bh, we did not have
a pre-computed fine grid of models to search through. Instead, all of the models
presented in Chapter 3 were computed specifically in search of a best-fit for this
spectrum. Once a model containing all the lines present in the observed spectrum

1https://wiserep.weizmann.ac.il, Yaron & Gal-Yam (2012)
2https://sne.space, Guillochon et al. (2017)
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of SN 2015bh was found, it was fine-tuned to match their strengths. Section 3.3.3
describes in detail how changes in the properties that have the strongest effects
on the spectrum result in a better or worse fit to the observations.

On the other hand, for modelling the post-explosion spectra of interacting su-
pernovae (Chapter 4), an initial grid was developed exploring a wide range of
‘typical’ interacting supernova properties. Then, when comparing the observed
events to the models, a search for the closest fitting models in the pre-computed
library was performed. Since our library contains hundreds of models, finding a
best-fit model to an observed spectrum by eye can be cumbersome and time con-
suming. We minimise this issue by initially comparing the quantified strengths
of certain lines instead of the entire spectrum, and then comparing the closest
models by eye. We selected lines that are generally strong in type II interacting
supernovae and that can be used as proxies for key properties such as temper-
ature and CSM density. We chose to quantify line strengths in the equivalent
width, as described below.

Measuring equivalent widths

We calculate the equivalent width as follows:

W =
∫

λmax

λmin

(
1− Fλ

Fcont

)
dλ (2.65)

with λmin−λmax = the wavelength range encompassing the line, Fλ = the absolute
flux, and Fcont = the continuum flux.

As opposed to other spectral line measures such as the FWHM, the advantage
of the equivalent width is that it represents the area under a line and thus it does
not depend on the spectral resolution, as long as the line is isolated. It will
however depend on the signal-to-noise ratio of the observed spectrum, and on
how the equivalent width is measured, specifically on the assumptions made
about the continuum emission.

Spectral resolution

The need for rapid spectral observations of early-time interacting supernovae
and the large distances to these objects led to the majority of these spectra hav-
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ing low-to-medium resolution. CMFGEN computes spectra at arbitrarily high
resolution. To compare our high resolution models to the observations we de-
grade the models by convolving the spectra with a Gaussian function with full-
width half maximum (FWHM) that matches the resolution in velocity space of
individual observations ( ∆v, Table 4.2), of the form:

f (λ ) =
1

σ
√

2π
e−

1
2

λ2

σ2 (2.66)

where σ is the resolution we want to downgrade to.

Figure 2.7: The CMFGEN model of an interacting SN from Fig. 2.5 and the same synthetic
spectrum downgraded to a resolution of 1000 kms−1 (resolving power R = 300). The bottom
panel is a zoomed in region of the top panel (Boian 2020b).

For comparison, Figure 2.7 shows the model exemplified in Sect. 2.6 at the
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default CMFGEN resolution and the same model degraded to a resolution of
1000 kms−1.
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Chapter 3

Massive stars before explosion
The outstanding case of SN 2015bh
The contents of this chapter were published in Boian, I., Groh, J.H., 2018, A&A,
617, A115.

This chapter focuses on modelling the rare pre-explosion spectrum of a luminous
transient, SN2015bh. This object belongs to a class of events for which the fate
as a core-collapse supernova or a non-terminal explosion is still under debate.
We model its pre-explosion spectrum using the radiative transfer code CMF-
GEN. Our results suggest that the progenitor of SN2015bh had an effective tem-
perature of 8700−10000 K, luminosity of 1.8−4.74×106L�, contained at least
25% H in mass at the surface, and 0.5Z� Fe. We also show that the progenitor
of SN2015bh generated a wind with a mass-loss rate of 0.6−1.5×10−3M�yr−1

and a velocity of 1000 kms−1, that extended to at least 2.57×1014 cm and started
at least 30 days prior to the observations, releasing 5×10−5 M� into the circum-
stellar medium. We propose that this is the material the explosive ejecta could
interact with at late epochs, perhaps producing signatures that can be probed
with future observations. We conclude that the progenitor of SN2015bh was
most likely a luminous blue variable. Considering the high wind velocity, we
cannot exclude the possibility that the progenitor was an inflated Wolf-Rayet
star, similar to HD5980 during its 1994 episode. If the star survived, late-time
spectroscopy may reveal either a similar LBV or a Wolf-Rayet star, depending
on the mass of the H envelope before the explosion. If the star exploded as a gen-
uine SN, it would be a remarkable case of a successful explosion after black-hole
formation in a star with a possible minimum mass 35 M� at the pre-SN stage.
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3.1 Introduction

The interaction between two regions of dense material expanding at different
velocities, as is the case in interacting supernovae (SNe), is efficient in converting
the kinetic energy to radiation. This leads to a significant luminosity increase,
such that in some cases it is difficult to determine whether the event is a genuine
SN that interacts with pre-existing circumstellar material (CSM) or if the star
survived after a series of massive eruptions. Such transients are classified as SN
impostors (e.g. Van Dyk et al. 2000).

One of the best observed transients whose fate is under discussion is SN
2009ip, which has been monitored photometrically and spectroscopically with
exquisite time coverage (Fraser et al. 2013; Levesque et al. 2014; Margutti et al.
2014; Mauerhan et al. 2013; Ofek et al. 2013a; Pastorello et al. 2013; Prieto
et al. 2013; Smith et al. 2014). The spectrum, energetics, low Ni mass, and
late time evolution resemble both scenarios, SN and SN impostor, with Graham
et al. (2017), Smith et al. (2014), Ofek et al. (2013a), and Mauerhan et al. (2013)
favouring the core-collapse case, while Fraser et al. (2015) states that there is no
conclusive evidence for it. Moriya (2015) proposes a two-component medium,
an inner shell and an outer wind. Inside this medium, an explosion took place
and the material crashed into the inner shell creating the apparent SN. The slow
decay is maintained by the continuous interaction with the outer wind. The ex-
plosion properties estimated by Moriya (2015) point to either a SN impostor
or a peculiar SN. SN 2009ip is still showing signs of interaction, masking the
remnant of the event, if any.

Recent studies suggest that several other events are similar to SN 2009ip,
forming a distinct class of transients (Thöne et al. 2017; Elias-Rosa et al. 2016;
Pastorello et al. 2018). Among these, SN 2015bh bears a remarkable resem-
blance to SN 2009ip, as discussed extensively in Thöne et al. (2017), Elias-Rosa
et al. (2016), Pastorello et al. (2018), and has a unique pre-explosion spectrum
observed at the lowest ever flux level for this class of transients. SN 2015bh,
also known as SNhunt275 or PTF13efv, was first officially reported as a SN
candidate in February 2015 (Elias-Rosa et al. 2015), due to a brightening event
dubbed 2015A that peaked at an absolute magnitude of MR = −15 mag. This
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was the first of two light curve peaks, with the second peak, now labelled 2015B,
reaching MR =−17.5 mag on May 2015.

There is a significant amount of information on the precursor of SN 2015bh.
Its host galaxy was monitored for 21 years before the discovery of SN 2015bh,
which provided extended photometric data of the progenitor. This revealed a
long-term photometric variation of ±2 mag sometimes showing sudden changes
in brightness in 2008, 2009, and 2013 (Thöne et al. 2017). Serendipitous spec-
troscopy of the progenitor of SN 2015bh was obtained on 12 November 2013,
when its absolute magnitude was MR ∼−10.5 mag. Although the star has docu-
mented variability, at this point the spectrum does not show any signs of interac-
tion. This spectrum is characterised by H and FeII emission (Thöne et al. 2017),
and is one of the first times that a spectrum of a potential SN progenitor has
been observed. Therefore, these observations reveal invaluable information on
massive stars and their pre-SN behaviour. The 12 November 2013 observations
were taken right at the onset of another eruption, detected in December 2013 by
iPTF (Ofek et al. 2016). The first iPTF photometric detection of this outburst
was on 26 November 2013, but Ofek et al. (2016) mention the possibility that it
had started at an earlier date. After the December 2013 event, SN 2015bh shows
another sudden increase in brightness of 2 mag. The light curve of SN 2015bh
is discussed in detail in both Thöne et al. (2017) and Elias-Rosa et al. (2016).

Ofek et al. (2016) analyse the pre-explosion spectrum of SN 2015bh obtained
during the December 2013 outburst. The spectrum exhibits a strong, narrow Hα

line with a P-Cygni absorption component extending up to 1300 kms−1. By fit-
ting a black body to the continuum, Ofek et al. (2016) obtained an effective tem-
perature of 5750 K and a radius of 4× 1014 cm. Assuming a super-Eddington
continuum-driven wind, they estimated the total mass lost during the Decem-
ber 2013 event to be M ' 4×10−5M�. Thöne et al. (2017) analyse both the pre-
and post-explosion observations, proposing that SN 2015bh was a luminous blue
variable (LBV) star in outburst for over 20 years that experienced a possible SN
explosion (2015B) after several precursor events. They also entertain the possi-
bility of the star surviving and becoming a Wolf-Rayet (WR) star and, given the
similarities to a number of other events (SN 2009ip, SNhunt248, and SN1961V)
they propose the existence of a new category of transients. The members of this
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category show variations of' 2 mag for at least a few decades, a bright precursor
rapidly followed by a main event resembling a SN, and LBV-type spectra during
the outbursts and until after the maximum of the main event. Elias-Rosa et al.
(2016) also propose that SN 2015bh was a massive blue star. However, they ar-
gue that the SN explosion was actually the 2015 A event, explaining that the low
luminosity was due to massive fallback of material onto a collapsed core. They
further suggest that the 2015B event was the result of the SN ejecta interacting
with a dense CSM, but do not completely rule out a non-terminal explosion.

SN 2015bh offers the unique opportunity of investigating the pre-SN spec-
trum of a massive star before explosion. Here we model the spectrum obtained
on 12 November 2013. Other spectra of higher signal-to-noise ratio were ob-
tained before the first lightcurve peak of SN 2015bh, such as the spectrum ob-
tained on 9 February 2015 (Elias-Rosa et al. 2016). However, this spectrum was
obtained at the onset of the 2015A event, at a higher luminosity than the 2013
observations, and than the average of the pre-explosion photometric observa-
tions. Together with the inferred behaviour between 2013 and 2015 this points
to the star experiencing instabilities at the time of the 9 February 2015 spectrum,
or even undergoing the actual SN explosion (Elias-Rosa et al. 2016). Therefore,
in this chapter, we only focus on modelling the earliest spectrum, which we are
sure was obtained before explosion. Modelling later spectra could help build a
timeline of the progenitors’ behaviour before explosion. We defer this to future
work (Sect. 5.4).

We model the 12 November 2013 spectrum by employing the radiative trans-
fer code CMFGEN described in detail in Chapter 2. The specific set-up for this
case is outlined in the following section.

3.2 Radiative transfer modelling

We investigate the properties of the SN 2015bh progenitor by computing radia-
tive transfer models of the outflow produced by the star. We fit the spectrum
obtained on 12 November 2013 by Thöne et al. (2017) with the Gran Telescopio
Canarias (GTC) and downloaded via the WISeREP1 repository (Yaron & Gal-
Yam 2012). We employ the line-blanketed atmospheric/wind radiative transfer
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code CMFGEN (Chapter 2).
The input physical quantities that the code requires to compute the stellar

spectrum are the inner boundary radius (R?), a constant mass-loss rate (Ṁ), the
wind terminal velocity (υ∞), surface abundances, and the bolometric luminosity
(L?). As mentioned in Chapter 2, CMFGEN does not solve for a self-consistent
hydrodynamical solution for the outflow, but assumes a density scale height for
the atmosphere of the star joined smoothly to the wind just below the sonic point.
The stationary wind has a density profile derived from the mass continuity equa-
tion (Eq. 2.40) and accelerates following a beta-type law (Eq. 2.41). Our 2015bh
models assume v0 = 10 kms−1, vcore = 0.85 kms−1, heff = 0.02R?, and β = 2.5.
These values are chosen to mimic the inner density structure in the winds of
massive stars. We explore the effects of the β parameter in more detail later on
in Sect. 3.3.3. Our models also include clumping with a volume filling factor of
f = 0.1. We also explore the effects of clumping in Sect. 3.3.3. Figure 3.1 shows
the velocity, density, and optical depth structures of the SN 2015bh progenitor,
output by CMFGEN.

Figure 3.1: Velocity (red), density (blue), and Rosseland optical depth structures (green) for the
2015bh progenitor based on the CMFGEN modelling of the 12 November 2013 spectrum.

We assume diffusion approximation at the inner boundary and adjust vcore

to obtain a Rosseland optical depth of τRoss=150 at R?. Because the 2015bh
progenitor has a dense wind, the photosphere is located in the wind. Hereafter we

1https://wiserep.weizmann.ac.il
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define Teff as the effective temperature computed at the radius where τRoss = 2/3,
and likewise T? at τRoss = 20. The outer boundary is defined at Rout = 250 R?

and is chosen to be large enough to account for all the emission line region. The
region between R? and Rout is split into 77 depth points where we calculate the
values of each physical quantity necessary to simultaneously solve for the energy
level populations and the properties of the radiation field. The atoms included
in the model are summarised in Table 3.1, together with the number of ‘super’
levels used and the number of atomic levels. Our models account for the effects
of charge-exchange reactions. In the context of this work, one reaction of major
importance for the FeII spectrum is Fe2++H↔ Fe++H+ (Hillier et al. 2001)
since it affects the Fe ionisation structure.

After computing the atmospheric and wind structure, we use CMF FLUX
(Busche & Hillier 2005, Section 2.3) to calculate the synthetic spectrum in the
observer’s frame. Additionally, while the original model spectra have an arbitrar-
ily high spectral resolution, we use a degraded version by convolving the origi-
nal model spectrum with a Gaussian function with full width at half maximum
FWHM = 300 kms−1 to better match the spectral resolution of the observations.

We determine the properties of the SN 2015bh progenitor mainly by com-
paring the observed optical spectrum (4000−6700 Å) to the synthetic spectrum
generated from our models by eye. Fitting the strength of the emission lines to
the ones in the observed spectrum, we were able to constrain Ṁ and Teff indi-
rectly by modifying R? and L?, and the metallicity Z. Then we matched the width
of the emission lines to obtain a good approximation for υ∞. The value of L? is
constrained by comparing the observed flux to our model and accounting for
interstellar extinction using the reddening law from Fitzpatrick (1999). Thöne
et al. (2017) quote a distance of d = 27 Mpc to the host galaxy, while Elias-Rosa
et al. (2016) derived d = 29.3± 2.1 Mpc from the recessional velocity of the
galaxy. We have added the distance uncertainty to our luminosity calculations.
Following this procedure, we found a best-fit model that reproduces the observed
properties reasonably well and is discussed in detail in the next section.
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Summary of Model Atoms
Species No. of super levels No. of atomic levels

HI 20 30
HeI 40 45
HeII 22 30
CI 38 80
CII 39 88
CIII 32 59
NI 44 104
NII 157 442
NIII 42 158
OI 69 161
OII 26 80
OIII 33 92
NaI 18 44
MgI 37 57
MgII 18 45
AlII 38 58
AlIII 17 45
SiII 22 43
SiIII 20 34
SiIV 22 33
CaI 23 39
CaII 17 46
TiII 33 314
TiIII 33 380
FeI 69 214
FeII 67 403
FeIII 48 346
NiII 29 204
NiIII 28 220

Table 3.1: Atomic model used in the CMFGEN analysis of SN 2015bh.
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3.3 Results

3.3.1 Physical properties of the SN 2015bh progenitor

The SN 2015bh spectrum taken on 12 November 2013 shows strong HI λ6363
emission; a multitude of FeII λλ4924, 5018, 5196, 5198, 5235, 5276, 5317
lines; and the NaI λ5889 line. All the lines have P Cygni profiles. Figure 3.2
shows the observed normalised 2013 spectrum of SN 2015bh (grey) and the nor-
malised synthetic spectrum from one of our best-fitting models (red) at optical
wavelengths. Our models reproduce the strength of the Hα line reasonably well
(Fig. 3.2c), but it slightly overestimates the Hβ emission (Fig. 3.2b). This could
be due to the ionisation and/or density structures not being fully reproduced by
our models. In a similar manner, most FeII lines are well fitted, but two of them
are overestimated (FeII λ5169 and FeII λ5317). A summary of the physical
properties of the progenitor of SN 2015bh is presented in Table 3.2.
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Figure 3.2: Panel (a): Continuum normalised optical spectrum of one of our best-fitting models
(red) compared to the observed spectrum taken on 12 November 2013 (grey) in the 4300–6700 Å
region; see text for model parameters. Panel (b): Zoom-in from 4800 Å to 5400 Å, containing
the Hβ line and a forest of FeII lines. Panel (c): Zoom-in around the Hα line.

We can constrain Ṁ and T? by fitting the strength of the HI and FeII lines. For
the model in Fig. 3.2 we have Ṁ = 10−3 M�yr−1 and T? = 15000 K. Because
of the high wind density, the optical depth towards the hydrostatic layers of the
star is >> 1. The photosphere is extended and formed of moving layers, in a
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SN 2015bh Progenitor Model Parameters
L? 1.8 − 4.7×106 L�
R? 5.1 − 25.9×1012 cm (74–374 R�)
υ∞ 1000 kms−1

Ṁ 0.6 − 1.5×10−3 M�yr−1

T? 13000− 19500 K
Teff 8700− 10000 K

E(B−V ) 0.25
Abundances

Element Mass Fraction (χ) c/cSun
H 0.49 0.7
He 0.5 1.8

C (assumed) 5.6×10−5 0.02
N (assumed) 8.2×10−3 7.5
O (assumed) 1.3×10−4 0.02

Na 3.5×10−5 1
Si (assumed) 6.6×10−4 0.9

Fe 6.8×10−4 0.5
Table 3.2: CMFGEN model parameter ranges for the best-fitting models of the SN 2015bh
progenitor. The abundances correspond to those from the model shown in Figure 3.2. The CNO
and Si abundances have been assumed, while the H/He abundance is degenerate with Ṁ (see text
for details).

similar way to other LBVs such as AG Car (Groh et al. 2009b, 2011), HR Car
(Groh et al. 2009a), P Cygni (Najarro et al. 1997; Najarro 2001), and Eta Car
(Hillier et al. 2001; Groh et al. 2012). This causes Teff to be lower than T? (see
discussion in Groh et al. 2009b), and our CMFGEN model shown in Fig. 3.2 has
Teff = 8700 K. Other combinations of Ṁ and T? would also fit due to degeneracy,
which is further analysed in Section 3.3.3. Table 3.2 lists the ranges of possible
values for the parameters of the SN 2015bh progenitor. We note that even our
lowest Teff is higher than the 5750 K value determined by Ofek et al. (2016). The
latter is constrained by fitting a black-body continuum to the observed spectrum,
and should therefore be regarded as a lower limit since it does not account for
blanketing effects.

Figure 3.3 displays the flux-calibrated observed spectrum of SN 2015bh in 12
November 2013 and one of our best-fit models, assuming RV = 3.1 and d = 27
Mpc. By comparing the absolute flux levels, after T? was already constrained
by fitting the lines, we are able to constrain L?. In this process we also redden
the synthetic spectra using the reddening law from Fitzpatrick (1999) and de-
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termined the values for the colour excess, E(B−V ), and for R(V ), that best-fit
the observed spectrum by eye. Under these assumptions, our CMFGEN models
indicate that the bolometric luminosity of SN 2015bh on 12 November 2013 is
L? = 2.7× 106 L� and E(B−V ) = 0.25. The colour excess is in remarkable
agreement with the value of E(B−V ) = 0.21 estimated by Thöne et al. (2017)
based on the strength of interstellar Na D lines using the relation from Poznan-
ski et al. (2012). However, we were also able to fit the optical spectrum using
other values of RV between 2 and 5. The differences in RV have more influ-
ence at smaller wavelengths; therefore, we would like to stress the importance of
multi-wavelength observations for future events. Taking into consideration the
uncertainties in RV and d, the L? ranges from 1.8×106L� (log(L?/L�) = 6.25)
for the lowest values of RV and d, to 4.74×106L� (log(L?/L�) = 6.67) for the
highest values of RV and d.
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Figure 3.3: Flux-calibrated spectrum of SN 2015bh observed on 12 November 2013 (grey) com-
pared to one of our best-fit CMFGEN models (red). This model has been scaled to a distance of
d = 27 Mpc and reddened using E(B−V ) = 0.25 and RV = 3.1.

The morphology and width of the lines allowed us to determine υ∞, which we
have estimated to be ' 1000 kms−1. The line profiles also show an asymmetric
bump on the left side of the Hα and Hβ lines. This could indicate a higher wind
velocity; we discuss the various possibilities in Section 3.3.3.

We have used the strength of the FeII lines to determine the Fe abundance of
the SN 2015bh progenitor. Our models indicate the progenitor star had about
half-solar Fe abundance. It is interesting to contrast the Fe abundance of SN
2015bh to the O abundance of the surrounding regions of SN 2015bh. Thöne
et al. (2017) suggest that the O abundance of the surrounding regions is half-
solar. In principle, there is no reason to expect that the progenitor of SN 2015bh
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will have the same O abundance as that of its environment. In particular for
LBVs, the O abundance is expected to be severely affected by the presence of
CNO-burning products at the surface (Groh et al. 2009b, 2014). Unfortunately,
the progenitor spectrum analysed here does not show any strong emission of
CNO lines, and therefore the abundance of these elements cannot be constrained
using solely the 12 November 2013 spectrum.

The model discussed in this section has a H mass fraction of X = 0.49, and a
He mass fraction of Y = 0.50. However, we have found that, for different values
of Ṁ and T?, we can still reasonably fit the observed spectrum for H abundances
in the range X = 0.25 to X = 0.75. A similar degeneracy has been found for
other LBVs, such as HDE 316285 (Hillier et al. 1998). Throughout the range of
parameters of our models, the NaI λ5889 line showed the weakest dependence
on Ṁ and T?. However, the morphology of the NaI λ5889 line is affected by HeI

λ5875 emission, which appears when the model has low Ṁ or high T?.
We can estimate a lower limit for the mass of the progenitor given the lumi-

nosity obtained from the modelling. By assuming that the star is at the Eddington
limit, we have L? = LEDD. The relation between LEDD and the mass required for
stability is

LEDD = 3.22×104
[N(H)/N(He)+4

N(H)/N(He)+2

]( M
M�

)
L� . (3.1)

Considering the assumptions discussed previously, our best-fit model indi-
cates that L? = 2.7×106L� and that N(H)/N(He) = 3.846; therefore, the mini-
mum mass of the progenitor of SN 2015bh at the pre-explosion stage is Mmin '
62 M�. However, taking into account the H abundance and the L? uncertainties,
the minimum mass range changes significantly, giving Mmin = 35−120 M�.

3.3.2 Properties of the circumstellar material

Based on our CMFGEN models, we can infer lower limits for the properties of
the CSM surrounding the progenitor of SN 2015bh, such as its extent and mass,
and the duration of the stellar wind ejection required to give the November 2013
spectrum.

– CSM extension: CMFGEN is able to compute the regions where the spectral
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lines are formed, which allows us to estimate how extended the CSM is. For this
purpose we use the Hα line; we predict that this line forms over the largest
distance from the star (Fig. 3.4). The extension of the Hα emitting region is
estimated as rCSM = rHα = 101.7 R? = 50 R? ' 2.57×1014 cm. This is a lower
limit for the extension of the CSM, since we do not have other optical diagnostics
that form over larger distances.

Figure 3.4: Formation region of the Hα line as a function of distance to the star. The quantity ξ

is related to the equivalent width of the line as EW =
∫

∞

R?
ξ (R)d(log(R)).

– Duration of stellar wind ejection: We can determine the minimum time, ∆t,
required for an outflow of v = 1000 kms−1 to extended to rCSM = 2.57× 1014

cm as

∆t ' rCSM× v−1 ' 30 days
( r

2.57×1014cm

)( v
1000kms−1

)−1
. (3.2)

– CSM mass: Another quantity we determined using the CMFGEN models
is the mass-loss rate. The lower limit for the mass-loss rate from our models is
Ṁ = 0.6×10−3 M�yr−1. Given that the stellar wind ejection lasted at least ∆t =
30 days, the amount of material ejected by the star in the surrounding medium
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in ∆t is
MCSM ' 5×10−5M�

(
∆t

30days

)
. (3.3)

– CSM energetics: Our CMFGEN models indicate a minimum radiative lumi-
nosity of LRAD = 1.8×106 L� and kinetic luminosity of LKIN = 1.2186×104 L�.
Assuming a duration of the stellar wind ejection of 30 days, this corresponds
to a radiated energy of ERAD ' 1.8× 1046 erg and kinetic energy of EKIN =

1.26× 1044 erg. This leads to a radiative efficiency of ε = ERAD/EKIN ' 140,
which is within the range expected for stellar winds of hot massive stars.

3.3.3 Sensitivity of the derived parameters and model degeneracies

In this section we explore possible degeneracies of our best-fit model by analysing
a grid of synthetic CMFGEN spectra covering a large parameter space.

– Temperature: Figure 3.5a shows a set of models with L? = 2.7× 106 L�,
Ṁ = 10−3 M�yr−1, υ∞ = 1000 kms−1, identical abundances (Table 3.2), and
different T? in the range 10200−20700 K. Going from lower to higher temper-
atures, the emission of all HI lines (see Hα in Fig. 3.5c) and FeII lines (Fig. 3.5)
increases. This happens because an increase in T? leads to more H ionisation, up
to the point where H is essentially fully ionised in the region of the CSM where
Hα originates. The only line not affected by the effective temperature is NaI

λ5889 because Na is completely neutral in this temperature range.
– Mass-loss rate: Another factor that shapes the ionisation structure is the

mass-loss rate. Figure 3.5d contains a set of models with fixed L?, υ∞, and
abundances (Table 3.2), but exploring variations in Ṁ from 10−4 M�yr−1 to
10−2 M�yr−1. A model with Ṁ = 10−4 M�yr−1 (red line in Fig. 3.5d) un-
derestimates all emission lines compared to the observed spectrum. Increas-
ing Ṁ by a factor of 2 (orange line in Fig. 3.5d) produces a better fit of the
Hα line (Fig. 3.5f), but grossly underestimates FeII λλ5198,5235,5276,5317
(Fig. 3.5e). At Ṁ ≥ 4.5× 10−4 M�yr−1, the HI emission lines decreases. For
example, a model with Ṁ = 6.7× 10−4 M�yr−1 shows a lower HI emission
than observed. A model with Ṁ somewhere in the range 4.5× 10−4 – 6.7×
10−4 M�yr−1 would also fit the observed spectrum. Raising Ṁ to values higher
than 6.7× 10−4 M�yr−1 results in less HI emission. This is caused by the re-
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H abundance effects ( 𝐿∗ = 2.7 × 106𝐿𝑆𝑢𝑛 , 𝑇∗ ≈ 15000 K ,  ሶ𝑀 = 10−3𝑀𝑆𝑢𝑛/𝑦𝑟 , 𝑣∞ = 1000 km/s )

ሶ𝑀 effects ( 𝐿∗ = 2.7 × 106𝐿𝑆𝑢𝑛 , 𝑇∗ = 12000 − 19000 K, 𝑣∞ = 1000 km/s , 𝑋 = 0.5 )

𝑇∗ effects ( 𝐿∗ = 2.7 × 106𝐿𝑆𝑢𝑛 ,  ሶ𝑀 = 10−3𝑀𝑆𝑢𝑛/𝑦𝑟 , 𝑣∞ = 1000 km/s , 𝑋 = 0.5 )

Figure 3.5: Grid of CMFGEN synthetic spectra around the best-fit model of the 2015bh pro-
genitor, exploring variations in T? (Panels a− c), Ṁ(d− f ), and H abundance (g). The model
parameters are indicated above each group of panels.
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Figure 3.6: H ionisation structure for SN 2015bh progenitor models with different values of Ṁ.
The continuous line represents the amount of neutral hydrogen, while the dotted line represents
the ionised hydrogen.

combination of ionised hydrogen into neutral hydrogen. Figure 3.6 shows that
as Ṁ increases, more and more ionised hydrogen recombines. When we reach
Ṁ = 6.7× 10−4 M�yr−1, neutral hydrogen dominates in the formation region
of Hα , leading to reduced emission. In these models the temperature varies
slightly together with the mass-loss rates, due to the method we followed in de-
veloping this grid. As previously explained, an increase in temperature would
lead to higher ionisation lines; therefore, the increasing temperature in the lower
mass-loss rate side only leads to a faster increase in ionisation. In other words, if
we had a model with T? = 10000 K, we would need a much lower mass-loss rate
to find a fit for the Hα emission. Models with Ṁ < 3× 10−4 M�yr−1 do not fit
the observed spectrum, since no satisfactory fit can be simultaneously obtained
for Hα, Hβ , and FeII lines in this regime. For Ṁ < 3× 10−4 M�yr−1, the FeII

lines are too weak and an increase in temperature is needed to fit Hα and Hβ .
However, this causes HeI λ5875.66 emission on the red side of NaI λ5889.95 in
the synthetic spectrum, which does not fit the observations.

On the high Ṁ end, changes in Ṁ have a much greater impact on the models.
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For example, for Ṁ = 1.5×10−3 M�yr−1 we already require T? ' 19500 K to
find a reasonable fit for the observations. For Ṁ > 2.3×10−3 M�yr−1 we were
not able not fit the emission lines since all H is already ionised. Therefore, a
further increase in temperature would not lead to Hα emission comparable to
the observations.

– Clumping: Our models underestimate the observed red-wing emission of
the Hα and Hβ lines (Fig. 3.2 ). Models with unclumped winds show increased
electron scattering emission as expected (Hillier 1991); however, this is not suf-
ficient to explain the feature observed in our spectrum (Fig. 3.7). The origin of
this feature is not clear. One possibility is that the progenitor at this point has
a time-dependent wind. Another possibility would be that the velocity structure
is more complex than our assumptions and presents regions of higher wind ve-
locities. If the outflow is indeed unclumped, then a higher Ṁ than that quoted in
Table 3.2 is required to fit the observed spectrum. For example, the unclumped
wind model shown in Fig. 3.7 has Ṁ = 6× 10−3 M�yr−1. This is not propor-
tional to 1√

f due to the change in the optical depth structure.

Figure 3.7: Comparison of Hα line between our best-fit model from Fig. 3.2 which has a clumped
wind with f = 0.1 (red) and a model with an unclumped wind, i.e. f = 1 (blue). The observed
spectrum is shown in grey.

– Velocity law: As mentioned in Section 2, the β parameter gives the steep-
ness of the velocity law, thus changing the density structure in the inner regions.
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A decrease in β would require an increase in Ṁ in order to keep ρ constant.
Our models show that a decrease to a value of β = 1, overestimates the emission
lines. The spectrum fits well again once Ṁ is increased to 1.65×10−3 M�yr−1.
Given the relatively small change in Ṁ due to the change in the β parameter,
the variation in β is covered in the range we determined for Ṁ. In addition,
the shape of the emission line is slightly affected by the change in the veloc-
ity/density structure, and our β = 1 model clearly shows a poorer fit to the line
morphology.

– Abundances: Figure 3.5g shows the spectra of three models that are iden-
tical in every way except for the abundances of H and He: the red spectrum is
our best-fit model discussed in Section 3.3.1, having the abundances presented
in Table 3.2 (i.e. X = 0.5); the orange spectrum is a model having X = 0.25;
and the brown spectrum is a model with X = 0.75. We expected that an increase
in the H abundance would lead to stronger emission, but we observed the op-
posite effect where the X = 0.25 spectrum has a stronger Hα emission line than
any of the higher abundance models. The explanation is similar to the increased
Ṁ case. In this T? range, having more H in the CSM leads to more recom-
bination to neutral hydrogen, and therefore a decrease in the strength of the H
emission lines.

The FeII λλ4924,5018,5169 lines also show increased strength for a lower
H content even if the Fe abundance remains unchanged. Changes in the H or
the Fe abundances will have an effect on both ionisation structures, ultimately
affecting the H and Fe line strengths. In addition, a change in the H abundance
also affects the temperature structure, due to the different opacity of H and He.
Taking into account the effect of the temperature on the H emission, a decrease
in T? to only 14000 K would lead to a well-fitted spectrum for the model with
X = 0.25. Similarly, a small increase in T? would lead to a good reproduction
of the observed spectrum for a model with X = 0.75. This means that we have a
poor constraint on the abundances based solely on this observed spectrum.

We also computed a model with X = 0.05 to investigate whether extremely
low values of the H abundance would fit the observed spectrum. We found a
poor fit that underestimates the Hα and Hβ emission and overestimates all FeII

emission lines. Increasing the mass-loss rate to Ṁ = 3.4× 10−3 M�yr−1 and
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decreasing the Fe abundance to one-quarter of the solar Fe metallicity, we found
a fit for most emission lines in the optical spectrum. However, the absorption
component of the NaI λ5889 is now filled by the HeIλ5876 emission line, which
is not observed. This is a good indication that we have overestimated the He
abundance and, consequently, underestimated the amount of H.

To conclude, we find a number of combinations of model parameters that
fit the observed spectrum. The mass-loss rate–temperature values are degener-
ate, but not enough to significantly affect the conclusions on the properties of
the SN 2015bh progenitor. We can confidently place our mass-loss rate in the
6× 10−4 M�yr−1 to 1.5× 10−3 M�yr−1 interval and the temperature between
13000 K and 19500 K. The abundances of H and He are extremely difficult
to determine by modelling the 12 November 2013 spectrum alone. We suggest
that the H and He abundances could be better constrained by modelling the post-
explosion spectra which simultaneously show the presence of H, HeI, and HeII

lines.

3.4 Discussion

3.4.1 Constraints on the exploding star: a warm LBV

Our CMFGEN models of the 12 November 2013 spectrum of SN 2015bh sug-
gests that the progenitor had L? = 1.8− 4.7× 106 L�, T? = 13000− 19500 K,
Teff = 8700− 10000 K, Ṁ = 0.67− 1.5× 10−3 M�yr−1, υ∞ = 1000 kms−1,
X = 0.25−0.75, and half-solar Fe abundance. We interpret the spectrum as aris-
ing from the extended photosphere and stellar wind, similar to other observed
LBVs in the Galaxy and SMC. We do not see any obvious evidence for inter-
action in 12 November 2013. Let us now compare the SN 2015bh progenitor
properties with those of different classes of evolved massive stars.

The spectral morphology of the progenitor of SN 2015bh strongly resembles
an LBV. The luminosity computed in our model of a few times 106 L� cor-
responds to typical LBV luminosities (∼ 105− 106.7 L�; van Genderen 2001;
Smith et al. 2004; Clark et al. 2009, 2005; Groh et al. 2013c). The temperature
range of our model lies in the mid-range of LBV temperatures (8000−25000 K;
van Genderen 2001). LBVs have a wide range of possible mass-loss rates stem-
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ming from quiescent stellar winds or eruptions, from 10−5 M�yr−1 to 1 M�yr−1

(Smith 2014). Our determined value of Ṁ fits well within this range. Our mod-
els indicate υ∞ = 1000 kms−1, which is higher than the velocities estimated for
LBVs in the Milky Way and Magellanic Clouds (Smith et al. 2004). One of
the highest observed velocities of an LBV outflow was during the Eta Carinae
Great Eruption (υ∞ = 600− 800 kms−1; Smith 2006). Interestingly, Izotov &
Thuan (2009) detected LBVs with fast winds (800 kms−1) in low-metallicity
dwarf galaxies; this value is more in line with our derived υ∞ for the SN 2015bh
progenitor. Our derived value of Ṁ is on the high side for LBVs in quiescence,
being similar to that of the current wind of Eta Car (Groh et al. 2012; Hillier
et al. 2001). While radiation pressure on lines and continuum could drive the
winds of Eta Car (Hillier et al. 2001) and other bona fide LBVs such as AG
Car (Groh et al. 2009b, 2011), we cannot exclude that the star possesses a dy-
namic super-Eddington wind (Shaviv 2001; Owocki et al. 2004; van Marle et al.
2009), especially in epochs when MR .−12 mag. We note that if the progenitor
of SN 2015bh is in a super-Eddington state, our previously derived Mmin is not
applicable.

Our results reinforce the suggestions from previous studies that the progenitor
of SN 2015bh is an LBV. Thöne et al. (2017) propose that the pre-explosion
spectrum is very similar to that of a quiescent LBV, based on the combined
stellar evolution and atmospheric models from Groh et al. (2014). Goranskij
et al. (2016) support the LBV progenitor scenario based on the argument that
the brightness measurements from 6 March 2008 are close to the Humphreys &
Davidson limit. Elias-Rosa et al. (2016) also conclude that the progenitor of SN
2015bh was likely a massive blue star.

The high υ∞ could instead be indicative of a Wolf–Rayet progenitor. How-
ever, the derived value of Teff for the SN 2015bh progenitor is significantly below
typical values for the Teff of WRs (30000− 150000 K; Crowther 2007; Sander
et al. 2012). A more plausible possibility is that the progenitor of SN 2015bh was
a WR star that inflated just before eruption, An increase in the envelope radius
due to the star’s proximity to the Eddington limit would in principle decrease the
effective temperature. Gräfener et al. (2012) showed through numerical mod-
els that the effective temperature of a H-poor WR (X < 0.05) can be reduced
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from 100000 K to 40000 K through envelope inflation, while LBVs of solar
abundances can have Teff as low as 16000 K when inflation takes place. While
none of the models presented in Gräfener et al. (2012) matches our SN 2015bh
properties, we cannot exclude the possibility of an inflated WR progenitor, espe-
cially since our CMFGEN model is very close to the Eddington limit in the deep
atmospheric layers (Γ∼ 0.85−0.90).

We can exclude a red supergiant (RSG) or yellow hypergiant (YHG) progen-
itor for SN 2015bh, since RSGs have temperatures of at most 6000 K (Levesque
et al. 2005; Davies et al. 2013) and YHGs are in the range 4000–8000 K (Kov-
tyukh 2007) and the wind velocities of these types of stars typically reach
100 kms−1 (de Jager 1998). Thöne et al. (2017) discusses the possibility of
a YHG progenitor based on the photometry and on the assumption that prior to
2013 the star was quiescent. While the authors raise it as a viable option, they
question the lack of dust surrounding the progenitor, which would be expected
in stars at low temperature and high υ∞.

Even if the values of Teff, L?, and υ∞ are consistent with those of supergiant
B
[
e
]

stars (sgB
[
e
]
), which typically have Teff ∼ 10000− 25000 K and L? >

104 L� (Lamers et al. 1998), the absence of forbidden lines is a clear indication
that the progenitor of SN 2015bh was not a B

[
e
]

star. Furthermore, sgB
[
e
]

stars
generally do not exhibit the large photometric variations seen in the progenitor
of SN 2015bh, and the lack of an infrared excess is also at odds with a B

[
e
]

classification.

3.4.2 Is the progenitor of SN 2015bh an interacting binary?

Since a significant fraction of massive stars are found in binary systems (Sana
et al. 2012; Sana 2017), we now explore the possibility that the SN 2015bh
progenitor had a companion star. This scenario is attractive especially because
the LBV-like properties of the progenitor of SN 2015bh (Sect. 3.3.1) before the
2015 events bear significant resemblance to those of HD 5980, in particular the
L?, T?, Ṁ, and υ∞. In addition, the similarity in the light curve variation pattern
and timescale raises the question of whether the SN 2015bh progenitor’s system
was similar to HD 5980 but later underwent a powerful, and perhaps terminal,
explosion.
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HD 5980 is a massive multiple star system in the Small Magellanic Cloud
(Koenigsberger et al. 2006). It is formed of an eclipsing pair of stars, stars A and
B, and star C, which is itself a binary (Nazé et al. 2018). The system showed
long-term variability in the light curve for ∼ 40 years and sudden variability in
1993 and 1994. The cause of the long-term variation is believed to be due to one
of the stars in the system, star A, an LBV undergoing S Doradus variability. The
properties of star A have undergone rapid changes, especially during the 1994
event, having υ∞ = 500− 2440 kms−1, unclumped Ṁ = 10−5− 10−4 M�yr−1,
Teff = 23000−43000 K, log(L/L�) = 6.3−7.05 (Georgiev et al. 2011).

Gräfener et al. (2012) suggest that star A in HD5980 could have been an in-
flated LBV during its 1994 event due to the proximity to the Eddington limit.
The increase in radius could trigger an eruption, in a similar fashion to that pro-
posed by Smith et al. (2011c) to explain the 1840 Eta Car eruption. For 2015bh,
the sudden increases in absolute magnitude in the 2008 and 2013 events could
also be triggered by envelope inflation followed by binary interaction, especially
because our models indicate that the star is likely close to the Eddington limit.

A binary scenario has also been advocated in the context of the pre-explosion
outbursts of SN 2009ip (Mauerhan et al. 2013) and SN 2015bh (Soker & Kashi
2016). If the SN 2015bh progenitor is in a binary system, the secondary star
would have to be much fainter than the primary since we do not see any evidence
of spectral lines from the companion in the optical spectrum from 12 November
2013. It would be difficult to place any constraints on the properties of a pos-
sible companion from this spectrum alone. Other LBVs confirmed to belong to
multi-star systems either exhibit specific spectral signatures, e.g. double peaked
profiles (e.g. Figer et al. 2004), or have variable multi-epoch observations (e.g.
Damineli et al. 2000; Muratorio et al. 2008; Boffin et al. 2016). A higher cadence
over a long period of time would thus be required to obtain orbital information of
the putative binary system. Future high-cadence surveys such as the Rubin Ob-
servatory Legacy Survey of Space and Time (LSST) could possibly observe the
progenitors of events similar to that of SN 2015bh and establish their long-term
photometric behaviour with unprecedented detail.

Based on the isolated locations observed for most LBVs and their mass-age
inconsistencies it has also been suggested that LBVs may result from binary in-
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teraction (merger or mass transfer; Smith & Tombleson 2015; Aghakhanloo et al.
2017). This possibility cannot be confirmed or denied from modelling the 2013
spectrum either. The association of the progenitor of SN 2015bh with a star-
forming region is also unclear (Thöne et al. 2017) as the region was dominated
by the LBV and then by the 2015bh event. If SN 2015bh is a true SN (with the
explosion taking place during the 2015B event; Thöne et al. 2017) then the LBV
could have been a mass-gainer in a binary system, as they are expected to keep
small cores which favour successful explosions (Justham et al. 2014). However
SN 2015bh has also been explained as a failed SN explosion with black hole
formation (Elias-Rosa et al. 2016).

3.4.3 Implications and comparison to other LBVs and interacting super-
novae

While it was originally thought that LBVs could not be direct progenitors of
SNe and would instead always evolve to WR stars, recent observations and
modelling have strongly suggested otherwise. Figure 3.8 shows the location
of SN 2015bh’s progenitor in the Hertzsprung-Russell (HR) diagram, together
with those of galactic LBVs and interacting SNe with similar light curves for
which determinations of L and Teff exist in the literature.The temperature range
of the SN 2015bh progenitor compares well to other LBVs, while the luminosity
places our progenitor at the high end of LBV luminosities. While the tempera-
ture of the SN 2009ip progenitor is poorly constrained, our results indicate that
the progenitor of SN 2015bh is slightly more luminous than that of SN 2009ip
even though the two light curves are extremely similar. The placement in the
HR diagram of the progenitor of SN 2015bh also points to an initial mass of
M ' 150−200 M�.

Significantly more information exists about the progenitor Ṁ and υ∞ of SNe
with light curves similar to SN 2015bh. Figure 3.9 compares the Ṁ and υ∞

derived for both terminal and non-terminal events. We can see that while they
all have similar values of Ṁ and υ∞ characteristic of LBVs, the range of values
likely indicates that these events do not have exactly the same progenitor, but
rather span a range of masses and luminosities.
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Figure 3.8: HR diagram showing the location of the progenitor of SN 2015bh as determined in
this work (red). We include the progenitor of SN 2009ip (blue; Smith et al. 2010; Foley et al.
2011), UGC2773-OT (yellow; Smith et al. 2010), and Gaia16cfr (orange; Kilpatrick et al. 2018).
For reference, we show the location of Galactic LBVs in quiescence (black squares; Groh et al.
2013c and references therein) and Geneva evolutionary tracks for single stars at solar metallicity
(Ekström et al. 2012; Georgy et al. 2012; Groh et al. 2013c).

– SN 2005gl is believed to have a M? > 50 M� LBV progenitor (Gal-
Yam et al. 2007) that ejected an outflow with Ṁ = 0.03 M�yr−1 and
υ∞ ' 420 kms−1 (Gal-Yam & Leonard 2009);

– SN 2010jl was initially thought to have originated from a > 30 M� blue star
(Smith et al. 2011b); later observations taken at a lower SN flux revealed the
progenitor detection was actually a cluster of stars, however the estimated
age of the cluster is still consistent with a > 30 M� progenitor (Fox et al.
2017); the post-explosion observations show that it also had a high Ṁ of
0.1 M�yr−1 before exploding (Dessart et al. 2015; Fransson et al. 2014);

– SN 2009ip shows almost identical photometry to SN 2015bh and signs
of LBV-like behaviour (Thöne et al. 2017); the mass-loss rate of the SN
2009ip progenitor was determined by Ofek et al. (2013a) to be in the 10−3
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to 10−2 M�yr−1 range with υ∞ ' 1000 kms−1, while Moriya (2015) sug-
gested an LBV progenitor with Ṁ = 0.1 M�yr−1 and υ∞ = 550 kms−1;

– SN 2002kg has a lower velocity of υ∞ = 320 kms−1 (Van Dyk et al. 2006;
Maund et al. 2006) and Ṁ is unconstrained;

– SN 2000ch displays the highest wind velocity in this sample (800 kms−1;
Wagner et al. 2004), which is similar to what we found for the SN 2015bh
progenitor;

– SNhunt248 is another event exhibiting a very similar behaviour to SN
2015bh in light curve, spectra and the lack of dust in its close environ-
ment; however, the SNhunt248 spectrum suggests a lower wind velocity of
< 300 kms−1 (Kankare et al. 2015).

SN2010jl

Gaia16cfr NGC2363V1

SN2002kg

SN2005gl

SN2016bdu

HD5980

SN2000ch

SN2009ip

SN2015bh

Figure 3.9: Comparison between the wind/CSM velocities and mass-loss rates of interacting
SNe similar to SN 2015bh. The dashed lines represent events without Ṁ constraints. The values
for SN 2015bh (red) are taken from this work, and the references for the other events are as
follows: SN2005gl - Gal-Yam & Leonard (2009); SN2010jl - Fransson et al. (2014); Dessart
et al. (2015); SN2009ip - Ofek et al. (2013a); SN2002kg - Van Dyk et al. (2006); SN2000ch
- Wagner et al. (2004); HD5890 - Georgiev et al. (2011); NGC2363v1 - Drissen et al. (2001);
Gaia16cfr - Kilpatrick et al. (2018); and SN2016bdu - Pastorello et al. (2018).
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3.4.4 Constraints on the post-explosion behaviour

Having previously discussed the properties of the SN 2015bh progenitor, let us
examine the possible scenarios for the post-explosion behaviour of SN 2015bh
in light of our new findings. We follow the definition of t = 0 as 24 May 2015,
i.e. at the peak of the 2015B event, as in Thöne et al. (2017). Thus, the 12
November 2013 spectrum was taken at t =−558.8 d and the peak of the 2015A
event was at t '−25 d.

We begin this subsection by briefly summarising the scenarios that have been
proposed in the literature.

- Interaction of two shells + dense CSM (Thöne et al. 2017) In this scenario, a
first thin shell with v= 700 kms−1 would be ejected years prior to 2015 B, giving
rise to the absorption component observed at t = −558.8 d (see their Fig. 13).
Then, a second shell with ' 2200−2300 kms−1 would be ejected at the time of
the 2015 A event, which could be the ejecta of a genuine SN or SN impostor. The
second shell would appear first in absorption and, about 100 days later, catch up
with the first shell and produce the 2000 kms−1 emission component by shock
excitation. These authors also proposed that at late times the 2300kms−1 shell
interacts with a dense CSM that had been previously created by the progenitor.
The Thöne et al. 2017 model reproduces the late evolution of the light curve
with a shell of mass Ms ≈ 0.005− 0.5 M� and vs = 2300 kms−1 interacting
with a CSM created by a progenitor mass-loss rate of Ṁ ' 0.005 M�yr−1. This
is 3 to 10 times higher than the Ṁ we determined from our CMFGEN models.
Radiative hydrodynamic models can be used to infer the explosion energy, mass,
energy released in the wind, and the expansion velocity of the shocked shell
given our determined wind properties and the light curve evolution. See Moriya
(2015) for a more detailed comparison to the existing literature.

- SN ejecta + fallback + CSM interaction with multiple shells (Elias-Rosa
et al. 2016) These authors propose that a ∼ 1000kms−1 shell was expelled
around 2002 or before to explain the pre-explosion spectrum. They conclude
that an outburst at the end of 2013 with material moving at 1000 kms−1 produced
the increase in luminosity observed in December 2013. They propose that the
2015 A event was a core-collapse SN that experienced large fallback of material,
thus explaining the low energy. They also infer the presence of three emission
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components in Hα, which would be an argument for core-collapse, as a multi-
component Hα is typical of interacting SNe. Then at t = 0, the newly ejected
material collides with a slow, dense CSM and produces 2015 B. After the shock
passes, the two absorption components (1000 kms−1 and 2100 kms−1) are vis-
ible again. They attribute this to at least two shells or clumps of cooler material
moving along the observer’s direction.

Our best-fitting models show that the pre-explosion spectrum from t =

−558.8 d can be formed in an extended CSM, with the emission lines being
formed over an extended region, unlike Thöne et al. (2017) and Elias-Rosa et al.
(2016) who have proposed that the pre-explosion spectrum was formed in a thin
shell. An extended CSM is also supported by the long-lasting post-explosion in-
teraction, and having extended material from the wind of the progenitor reduces
the number of shell ejections required to explain the post-explosion behaviour if
we assume this is the material the explosion ejecta interacts with. Figure 3.10a
shows our proposed geometry at t = −558.8 d based on our derived values of
R? = 5.1− 25.9× 1012 cm, T? = 13000− 19000 K, L? = 1.8− 4.7× 106 L�,
Ṁ = 0.6−1.5×10−3 M�yr−1, and υ∞=1000 kms−1. Given that the progenitor
star had similarly high luminosities for at least 20 years before the eruption, dur-
ing this period the star was most likely blowing a wind at least as dense as that
we have inferred for t = −558.8 d. This long-term wind produces an extended
CSM with RCSM & 2.57×1014 cm (see Sect. 3.2). The wind needs to be ejected
at least 30 days prior to the 12 November 2013 observations, i.e. t = −589 d,
in order to produce the observed emission. While our stationary models yield an
outflow with ρ ∝ r−2 at large distances, the extended pre-explosion CSM around
SN 2015bh is most likely inhomogeneous given the significant variability before
explosion (Thöne et al. 2017; Elias-Rosa et al. 2016; Ofek et al. 2016).

We support the suggestion from Thöne et al. (2017) that an explosion (al-
though not necessarily terminal) occurs around t ' −40 days, when a sec-
ond absorption component at −2000 kms−1 is observed in the Hα line profile.
However, we propose that the double absorption line profile is generated by a
2000 kms−1 shell expanding into an extended CSM produced by a long-term
1000 kms−1 wind. Figure 3.10b sketches how the CSM would look at this stage
according to our scenario (cf. Fig. 13 in Thöne et al. 2017).
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Figure 3.10: Sketch of the CSM geometry around SN 2015bh at selected epochs. Panels: (a)
Pre-explosion extended CSM derived in this work; (b) Expansion of the ejected shell into the
extended CSM assuming the shell is ejected at t '−40 days, hence the radius of the shell Rshell =
R? at this stage; (c) Post-explosion scenario where the star survived; and (d) Post-explosion
scenario for a supernova explosion.

At this point, it is uncertain whether the star has survived. At about t =
+26 d, the spectrum of SN 2015bh clearly shows two absorption components
at ∼ −1000 kms−1 and −2000 kms−1, and by t = 100 d Hα has the two com-
ponents in emission (Thöne et al. 2017; Elias-Rosa et al. 2016). These authors
have also reported that at t =+242 days, the two-peak emission is still present;
in our scenario the fast shell would be at 5× 1015 cm at this time. As the shell
expands, it eventually becomes optically thin at very late times (t >> 250 days).
Below, we analyse two scenarios for t >> 250 days depending on whether the
star survived or collapsed.

Scenario 1 (surviving star): We explore the scenario in which the star is still
present after the main event, as originally proposed by Thöne et al. (2017). At
first the star should be out of thermal equilibrium, and should then re-establish a
stellar wind. For t >> 250 days, we should see both emission from the optically
thin shell and from the new wind/CSM of the star inside the shell (Fig. 3.10c).
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In this case late time spectroscopy should reveal the presence of the new wind
and CSM. The star could slowly relax back to its original LBV state or become a
Wolf–Rayet star, depending how the mass of the H envelope before the explosion
compares to the mass ejected in the process (∼ 0.5 M�; Thöne et al. 2017).
Curiously, the spectrum of SN 2009ip at +581 days (Thöne et al. 2017) bares
a significant resemblance to the SN 2015bh spectrum from 12 November 2013,
showing prominent Hα and Hβ lines, multiple FeII lines, and the NaI λ5889 with
a strong absorption component. Our scenario of a surviving star is similar to that
proposed by Thöne et al. (2017), with the exception that we consider only one
high-velocity, optically thin shell expanding into an extended CSM created by
the progenitor.

Scenario 2: If the star did not survive, the 1000 kms−1 component would
have to come from outside of the 2000 kms−1 shell. Since we propose that the
1000 kms−1 component arises in the extended progenitor wind, this component
should become weak and eventually disappear for t >> 250 days. There is the
possibility that the shell is still interacting with the former CSM (Figure 3.10d),
which would further support our argument that the progenitor had an extended
wind and not a thin shell prior to 2015A. If the star exploded as a genuine SN,
2015bh would be a remarkable case of a successful core collapse of a star of at
least 35 M� at the pre-SN stage.

3.5 Conclusions

In this chapter we investigated the progenitor of SN 2015bh. This transient has
a rare pre-explosion spectrum, serendipitously obtained 1.5 yrs prior to the main
event, and an unknown fate of either a terminal SN explosion or a SN impostor.

In modelling the observed pre-explosion spectrum, we employ the radiative
transfer code CMFGEN. Our models assume extended, clumped, steady, spher-
ically symmetric wind in non-local thermodynamic equilibrium following a β -
type velocity law and having the density structure ρ ∝ r−2.

By running an extensive grid of models we conclude that the models are
degenerate and a good fit could be reproduced by stars with slightly differ-
ent physical properties. While T? and Ṁ are constrained in relatively small
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intervals of 13000 to 19500 K corresponding to Ṁ = 6× 10−4 M�yr−1 to
1.5× 10−3 M�yr−1, the H abundance shows a wide range of values. We can
fit the spectrum reasonably well for a model with X = 0.25, T? = 14000 K,
Ṁ = 10−3 M�yr−1 and for another model with X = 0.75, T? ' 15300 K,
Ṁ = 10−3 M�yr−1 . Our models also show that the emission observed in the
spectrum is generated in the CSM up to RCSM = 2.57× 1014 cm. The wind
needs to have started at least 30 days prior to the 12 November 2013 observa-
tions in order to fill out RCSM at the determined Ṁ and υ∞. The mass of material
contained in this region is MCSM = 0.5×10−4 M�.

Based on the values of our best-fit models, we propose that the progenitor of
SN 2015bh is either a warm LBV or an inflated WR star, of at least 35 M� at the
pre-explosion stage. This type of progenitor matches other SNe IIn/impostors
progenitors.

We conclude that the progenitor of SN 2015bh had a strong extended wind
which interacted with a faster shell moving at 2000 kms−1. We were not able
to determine whether the star exploded as a SN or not, but we do propose two
scenarios. In the case of a non-terminal eruption, the star could reinstate its
previous wind or become a WR, and at very late times (t >> 250 days) we
should see emission from the 2000 kms−1 shell, which has become optically
thin, and the stellar wind/CSM. In the case of a SN, the shell could be interacting
with the extended CSM, even at t >> 250 days, and possibly produce observable
signatures. The level of late-time interaction will depend on both the CSM and
the SN ejecta properties and a detailed hydrodynamics model of the entire light
curve would be needed to fully investigate this aspect. Similar conclusions have
been reached by Thöne et al. (2017) and Elias-Rosa et al. (2016) with the main
difference being that the previous works propose that the possible SN ejecta
interacts with multiple thin shells, while our work strongly supports interaction
with an extended CSM. The different scenarios investigated above can be tested
via future observations of SN 2015bh at late times. However, at the time of
writing this thesis,≈ 5 yrs after the explosion, no new observations were publicly
available.

SN 2015bh is comparable to many other events, such as SN 2009ip,
SNhunt248, and HD5980. Due to the unique pre-explosion spectrometry, we
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were able to constrain the properties of its progenitor and, by extension, add to
the still incomplete picture of SN progenitors and SN impostors. Our results
contribute to our understanding of the members of this new growing class of
events and the pre-supernova evolution of massive stars.
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Chapter 4

Massive stars after explosion
Supernovae interacting with their
progenitors at early times
The contents of this chapter were published in Boian, I., Groh, J.H., 2019, A&A,
621, A109, and in Boian, I., Groh, J.H., 2020, MNRAS, 496, 2.

This chapter explores the properties of supernovae that interact with circum-
stellar material at early times. We compute an extensive set of early-time (1–4
days) spectra using the radiative transfer code CMFGEN. We consider a range
of progenitor mass-loss rates (Ṁ = 5×10−4 to 10−2 M�yr−1), abundances (so-
lar, CNO-processed, and He-rich), and supernova luminosities (LSN = 1.9×108

to 2.5×1010 L�). In our models we identify three classes of spectra consisting
of high (e.g. HeII, OVI), medium (e.g. CIII, NIII), and low-ionisation lines (e.g.
HeI, FeII), regulated by LSN and the CSM density. We also place a lower limit of
Ṁ & 5×10−4 (υ∞/150kms−1)M�yr−1 for detection of CSM interaction signa-
tures in observed spectra. We then use the models to constrain the properties of
17 observed interacting SNe. We show these events are heterogeneous, spanning
the full range of models. Our results suggest that many progenitors of interact-
ing SNe have significantly increased mass-loss before explosion compared to the
rest of their lives. We find that the majority of these events have CNO-processed
surface abundances. In the single star scenario this points to a preference towards
high-mass RSGs as progenitors of interacting SNe, but binary evolution may im-
pact this conclusion. Our models are publicly available and readily applicable to
analyse results from ongoing or future large scale surveys.



CHAPTER 4. INTERACTING SN 4.1. INTRODUCTION

4.1 Introduction

Core-collapse supernovae and the massive stars (MZAMS > 8 M�) that produce
them are important objects in our Universe as they contribute a significant frac-
tion of the radiative, kinetic, and gravitational energy, and of the heavy elements
that we observe. However, the evolution of massive stars is not completely un-
derstood, especially at late stages. Additionally, the exact links between core-
collapse SNe and their progenitors are not well constrained either.

There are various complementary methods to determine the progenitors of
SNe. For a number of events, progenitors have been identified in pre-explosion
images (Smartt 2015; Van Dyk 2017 and references therein). However, in gen-
eral only limited photometric observations are available, with added spectrome-
try in very rare cases (e.g SN 2015bh). SN light curves and spectra can give an
indication of the ejecta mass, explosion energy and amount of synthesised Ni56,
which can then be linked to the progenitor properties such as its initial mass
(Woosley & Weaver 1986). For SNe that interact with their progenitors’ winds,
light curves can be used to constrain some of the atmosphere or wind properties
as well (e.g. Moriya et al. 2014), which also map to a progenitor class. The en-
vironments of transients constrain the ages and metallicities of the nearby stellar
populations and of the progenitor itself (Anderson et al. 2015; Xiao et al. 2019).

In addition to the techniques discussed above, early-time or ’flash’ spec-
troscopy provides substantial information on SN progenitors (Gal-Yam et al.
2014; Groh 2014; Smith et al. 2015; Gräfener & Vink 2016; Khazov et al.
2016; Yaron et al. 2017). It is known that massive stars lose large amounts
of material during their life-times through strong winds or eruptive events
(Ṁ > 10−6 M�yr−1; Smith 2014; Mauron & Josselin 2011; Vink et al. 2001;
Crowther 2007; Groh 2014). Furthermore, mass-loss might increase signifi-
cantly at very late stages as suggested by recent observational works (Smith
2006; Gal-Yam & Leonard 2009; Ofek et al. 2014; Kilpatrick et al. 2018; Boian
& Groh 2018; Pastorello et al. 2018, 2019). The enhanced mass-loss can happen
anytime from days before core-collapse (e.g. SN 2010mc, Ofek et al. 2013b)
to hundreds of years (e.g. SN 2014C, Margutti et al. 2017). Many theoretical
studies have then attempted to explain the high late-time mass-loss rates. For
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example, Yoon & Cantiello (2010) suggest that pulsations in the H-rich enve-
lope of higher mass (> 15 M�) RSGs lead to mass-loss rates that could explain
some lower-to-medium luminosity interacting events. On the other hand, gravity
waves generated by the vigorous convection of the late burning stages (Ne/O)
may be able to unbind ≈ 1 M� of material in lower mass RSGs in the final
1 month to 10 yrs prior to core-collapse (Quataert & Shiode 2012; Shiode &
Quataert 2014; Fuller 2017). Gravity waves could explain the short-lived inter-
acting SNe, however longer lived events require the addition of other mass-loss
mechanisms. Additionally, recent work from Wu & Fuller (2020) suggest that
the previous wave heating models overestimate the wave energies, and that pre-
SN outbursts should be more notable in stars under 12 M� and over 30 M�.
Smith et al. (2014) suggest that late-time mass-loss in massive stars may also be
due to hydrodynamic instabilities triggered by the explosive shell burning mod-
elled by Arnett & Meakin (2011). The core neutrino emission also increases 1
yr before explosion, and Moriya (2014) argues that the core mass lost through
this neutrino emission will lead to surface mass-loss (> 10−4 M�yr−1) in stars
close to the Eddington limit. Soker & Gilkis (2017) propose that another way to
inject energy in the envelope of a massive star, and thus enhance mass loss, is
through magnetic fields generated by rapidly rotating cores. They also suggest
that the addition of a companion star may also lead to an outburst. Binary in-
teraction has also been proposed by Chevalier (2012) as responsible for the late
stage mass-loss when a massive star and a compact object go through a com-
mon envelope phase. The possible system configurations and mass ratios may
allow for more liberty in timescale and mass ejected, however they tend to be
highly asymmetric, with most of the mass being ejected around the equatorial
plane. For very high mass stars (95−130 M�) Woosley et al. (2007) argues that
electron-positron pair production leads to explosive burning able to eject many
solar masses of material with a large range of velocities.

The variation in mass-loss rates and possible mass-loss mechanisms in mas-
sive stars creates a variety of environments for the stars to explode into. In
the cases where the CSM is dense enough, the supernova light curves and
spectra will be significantly affected. As described in detail in Chapter 1, the
fast SN ejecta (ve j = 10000 kms−1) will collide with the slow moving CSM
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(υ∞ = 10− 3000 kms−1) and it will decelerate. A fraction of the kinetic en-
ergy from the SN is efficiently converted into radiation. This has a number of
effects, including the brightening of the lightcurve due to the additional source
of energy, and the ionisation of the CSM. The CSM becomes optically thick, de-
laying the shock-breakout and modifying the shape of the lightcurve (Chevalier
& Fransson 1994; Chugai 2001; Moriya & Maeda 2014; Förster et al. 2019). A
spectrum taken at this stage will reflect the CSM properties, such as its density,
velocity, and abundances (Dessart et al. 2009; Groh 2014; Dessart et al. 2015;
Davies & Dessart 2019; Boian & Groh 2019). Using this technique, Groh (2014)
suggested that the progenitor of SN 2013cu is consistent with a Luminous Blue
Variable star (LBV) or a Yellow Hypergiant (YHG; see also Gräfener & Vink
2016). Similarly Shivvers et al. (2015) found that the progenitor of SN 1998S
could have been an LBV, YHG or massive YHG. Yaron et al. (2017) proposed
a Red Supergiant (RSG) as the progenitor of SN 2013fs (see also Dessart et al.
2017a).

Since early-time spectroscopic observations and modelling of supernovae
probe the most final stages of the star, they are a useful tool not only for linking
supernovae to their progenitors but also in improving our knowledge of late-
time massive star evolution. This is due to the fact that accurate observations
of massive stars at late stages are impaired by their low numbers and sometimes
dust-enshrouded surroundings, while modelling their evolution shows large de-
pendencies on mass-loss, metallicities, rotational velocities (Ekström et al. 2012;
Georgy et al. 2013), magnetic fields (Petit et al. 2017), and interaction with
a companion (Podsiadlowski et al. 1992; Langer 2012; Eldridge et al. 2017).
These factors play an important role in determining the ’explodability’ of a mas-
sive star (e.g., Renzo et al. 2017; Sukhbold et al. 2018), and the type and mass
of the SN remnant (Fryer & Kalogera 2001; Heger et al. 2003; O’Connor &
Ott 2011) on which our understanding of gravitational wave observations rely
(Abbott et al. 2016, 2017; Belczynski et al. 2016).

The spectral signatures of interaction between SNe and their progenitor’s
CSMs/winds are also diverse (Kiewe et al. 2012; Taddia et al. 2013; Smith
2017). Some events, oftentimes referred to as flash ionisation events (Khazov
et al. 2016), show interaction signatures for only a brief period after explosion
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(e.g. SN 2013fs; Yaron et al. 2017). In other cases the interaction can be ob-
served for longer periods after explosion, from months to years (e.g. SN 1988Z,
SN 2005ip; Stathakis & Sadler 1991; Stritzinger et al. 2012), leading to the tra-
ditional classification of type IIn SNe. In some cases, the interaction can be
so strong that the SN becomes extremely bright, earning the denomination of
Superluminous SN (e.g. SN 2006gy; Ofek et al. 2007; Dessart et al. 2015). De-
viations from a spherically symmetric CSM have also been proposed (e.g. SN
2006jc, Foley et al. 2007; PTF11iqb, Smith et al. 2015). The chemical compo-
sition of the CSM can also vary significantly, from H-dominated to completely
H-depleted, as is the case in type Ibn SNe (Pastorello et al. 2008). We broadly
refer to all of the cases described above as ’interacting supernovae’.

In our work we focus on the properties of events that show brief early-time
interaction signatures in their spectra. As stated above, they may reveal infor-
mation about the stellar activity right before collapse, and the ZAMS mass of
the progenitor if it evolved as a single star. Observationally motivated by the
currently increasing number of SNe observed at very early times due to the im-
provement in time-domain astronomy with surveys such as the Zwicky Transient
Facility (ZTF; Bellm et al. 2019), we created a publicly available library of syn-
thetic spectra of early-time interacting supernovae and employed it in fitting a
sample of observed events.

In Section 4.3 we present our grid of models that simulate the spectra of su-
pernovae shortly after explosion (approximately 1 to 4 days). Observations on
this timescale offer a good compromise between the time necessary to obtain
transient spectra and the sensitivity to low-density CSM. Similar studies could
be expanded to even later post-explosion times. Care should be taken when mod-
elling spectra that start to show emission from the interaction region and the SN
ejecta as these need to be included in the modelling. Time-series of synthetic
spectra of interacting SNe have been previously produced, however they cover
limited ranges in the other parameters such as Ṁ, LSN, or Z, for time-saving
purposes (e.g. Dessart et al. 2016, 2017a). A time series of models would be ex-
tremely useful in mapping the mass-loss history of the progenitor, and constrain
the extension of the CSM. We explore a wide range of progenitor mass-loss
rates (Ṁ = 5× 10−4 to 10−2 M�yr−1), surface abundances (solar-like, CNO-
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processed, and He-rich), and SN luminosities (L = 1.9×108 to 2.5×1010 L�),
to investigate the spectral diversity of SNe at early times. The full list of models
and their main parameters can be found in Appendix B. All the models presented
here are publicly available to the community and can be accessed on WISeRep1

(Yaron & Gal-Yam 2012).
Our models complement the extensive observational efforts that have estab-

lished the diversity of these events (e.g., Smith et al. 2011c; Taddia et al. 2013;
Khazov et al. 2016), and extend previous computational efforts (Dessart et al.
2009, 2017a; Groh 2014) to a large range of CSM abundances and densities.
Given the rapid increase in the number of observed events with the advent of
wide-field surveys, our public library of models provides the community with a
tool to estimate progenitor properties in a timely fashion.

In Section 4.4, we present a sample of 17 supernovae that have publicly avail-
able spectra showing interaction with a CSM at early times. Using our publicly
available grid of models we aim to constrain their and their progenitors’ prop-
erties, and to find diagnostic lines in the spectra that can be used for a faster
analysis of the observations.

4.2 Radiative transfer modelling

We used the non-local thermodynamical equilibrium radiative transfer code for
expanding atmospheres, CMFGEN (Hillier & Miller 1998), to compute radiative
transfer models of interacting SNe and SN impostors at early stages after the
explosion. The code is described in detail in Chapter 2 and we summaries below
the details pertaining solely to the models presented in this chapter.

In our setup we do not need to specify the source of energy, although it is
widely accepted to come from the conversion of kinetic energy as the SN ejecta
shocks the wind or CSM of the progenitor. Therefore our main input physical
parameters are the luminosity of the event LSN, the progenitors’ mass-loss rate
Ṁ, terminal wind velocity υ∞, and surface abundances, and the location of the
inner boundary Rin, which relates to the ejecta velocity and explosion time. Due
to the dense CSM these SNe are embedded in a pseudo-photosphere. Therefore

1https://wiserep.weizmann.ac.il/
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we define two temperatures, T? at the inner boundary (τ ' 10.0), and Teff at
τ = 2/3.

In our models the SN luminosities range from 1.9×108 L� to 2.5×1010 L�
which covers the typical values for core-collapse SNe. The progenitors have
mass-loss rates which are in between 5× 10−4 M�yr−1 and 10−2 M�yr−1, and
we keep a constant wind velocity of υ∞ = 150 kms−1 in order to minimise the
number of parameters affecting the morphology of the lines and to avoid making
a connection between quiescent wind parameters and pre-SN outflow properties.
We discuss the effects of lower values of υ∞ in Sect. 4.3. We compute spectra
with three different inner radii (8× 1013 cm, 16× 1013 cm, and 32× 1013 cm)
corresponding to 1.0, 1.8 and 3.7 days post-explosion if we assume a constant
SN velocity of 10000 kms−1. We also explore three different surface abundance
scenarios: solar-like, CNO-processed, and He-rich. The relative abundances in
mass fractions for each set are as follows: the solar-like case has H = 0.70,
He = 0.28, C = 3.02×10−3, N = 1.18×10−3, and O = 9.63×10−3; the CNO-
processed case has H = 0.70, He = 0.28, C = 5.58× 10−5, N = 8.17× 10−3,
and O = 1.32×10−4; and the He-rich case has H = 0.18, He = 0.80, C = 5.58×
10−5, N = 8.17×10−3, and O = 1.32×10−4. The models also include Si, P, S
and Fe at solar abundances. Table 4.1 lists the model properties for spectra 1 day
post-explosion. Due to spatial constraints we include a table with the properties
for the entire library of models in Table B.1.

While CMFGEN can produce arbitrarily high resolution spectra, spectro-
scopic observations of SNe usually have low to medium resolution (30 ≤ ∆v ≤
2000 kms−1), therefore Figure 4.1 shows our spectra convolved with a Gaussian
kernel of ∆v = 300 kms−1 (resolving power R ' 1000). The high-resolution
spectra can be found in Appendix C.1 and in our online database.

The models can be extrapolated/interpolated to different parameter spaces
using several scaling relations. Firstly the terminal wind velocities of massive
stars cover a wide range of values. However, what we are truly fitting in our
models and what can be typically constrained from observations in cases where
the lines are not resolved is Ṁ/υ∞ (but see Gräfener & Vink 2016 for addi-
tional light-travel time effects on the line morphology that may help constrain
υ∞). Therefore Ṁ can be scaled for different values of υ∞ as needed using the
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Table 4.1: Physical properties of the CMFGEN radiative transfer simulations. The columns
correspond to the SN LSN in units of 109 L� (L9), progenitor’s Ṁ in units of 10−3 M�yr−1 (Ṁ3),
flux temperature at τ = 10 (kK), and the strongest optical lines.

L9 Ṁ3 Tin Spectral Lines
Solar abundances (H: 0.70, He: 0.28

C: 3.02×10−3, N: 1.18×10−3, O: 9.63×10−3)
0.19 0.5 19.2 HI
0.19 1.0 19.1 HI, HeI
0.19 3.0 19.0 HI,HeI, [OIII]
0.19 10.0 16.2 HI, HeI, [OIII],[NII]
0.39 3.0 22.6 HI, HeI, CIII, [OIII]
0.78 3.0 26.9 HI, HeI/II, CIII/IV, NIII, [OIII]
1.5 0.5 31.9 HI, HeII
1.5 1.0 32.2 HI,HeII,CIII/IV,NIII
1.5 3.0 32.0 HI, HeII,CIII/IV,NIII,[OIII]
1.5 10.0 27.2 HI,HeII,CIII,CIV,NIII,SiIV,[OIII]
3.1 3.0 38.0 HI, HeII, CIV, OV
6.3 3.0 45.3 HI, HeII, CIV, NV, OV
25 0.5 64.4 -
25 1.0 64.4 HI, OVI
25 3.0 64.1 HI, HeII,OVI
25 10.0 55.9 HI, HeII,OVI

CNO-processed models (H: 0.70, He: 0.28
C: 5.58×10−5, N: 8.17×10−3, O: 1.32×10−4)

0.19 0.5 19.2 HI
0.19 1.0 19.1 HI, HeI
0.19 3.0 19.0 HI, HeI
0.19 10.0 16.1 HI, HeI, [OIII]
0.39 3.0 22.6 HI, HeI, NIII
0.78 3.0 26.9 HI, HeI, NIII
1.5 0.5 31.9 HI, HeII
1.5 1.0 31.9 HI, HeII, NIII/IV
1.5 3.0 32.0 HI, HeII, NIII/IV
1.5 10.0 27.3 HI HeII, NIII/IV
3.1 3.0 38.0 HI, HeII, CIV, NIV
6.3 3.0 45.3 HI, HeII, NV
25 0.5 64.4 -
25 1.0 64.4 HI, HeII, NV
25 3.0 64.1 HI, HeII, NV
25 10.0 56.1 HI, HeII, NV

He-rich models (H: 0.18, He: 0.80
C: 5.58×10−5, N:8.17×10−3, O:1.312×10−4)

0.19 0.5 19.2 HI
0.19 1.0 19.2 HI, HeI
0.19 3.0 19.1 HI, HeI, [OIII]
0.19 10.0 18.9 HI, HeI, [OIII]
0.39 3.0 22.7 HI, HeI, NIII, [OIII]
0.78 3.0 26.9 HI, HeI, NIII
1.5 0.5 32.0 HI
1.5 1.0 31.9 HI, HeII, NIII/IV
1.5 3.0 32.1 HI, HeII, NIII/IV
1.5 10.0 31.7 HI, HeII, NIII/IV
3.1 3.0 38.2 HI, HeII, NIV
6.3 3.0 45.4 HI, HeII, NV
25 0.5 64.7 -
25 1.0 64.5 HeII, NV
25 3.0 64.2 HI, HeII, NV
25 10.0 63.8 HI, HeII, NV
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mass continuity relation (Eq. 2.40). Secondly, the ionisation level of the species
present in a spectrum is in essence dictated by the temperature structure. In our
models we input the luminosity of the supernova, which relates to T? by the
Stefan-Boltzmann law (Eq. 2.7). In the process of finding a best-fit model for
an observed event, we fit the emission and absorption lines first, i.e. we find a
good fit for the temperature, and then we match the luminosity to the observed
absolute flux. Oftentimes this requires an adjustment in luminosity. When this
happens, in order to keep the same temperature, Rin is also adjusted according to
the Stefan-Boltzmann law. In addition, if the luminosity changes, the mass-loss
rate needs to be scaled in order to preserve the optical depth scales. We adopt
the relation Ṁ ∝ L3/4 from Gräfener & Vink (2016). We employ these relations
when fitting the observed spectra as will be shown in Sect. 4.4.3. Lastly, since
we have not accounted for dust extinction in the processing of the observed spec-
tra, we redden the synthetic fluxes using the Fitzpatrick (1999) parameterization
and determine the best-fit values for the colour excess, E(B−V ) and the ratio of
optical total-to-selective extinction, R(V ).

4.3 Diversity of interacting supernovae: models

Our models show that the large range of physical parameters of massive stars
before death produces a significant diversity of spectral morphologies in SNe.
For simplicity, we first focus on the trends and degeneracies identified in the
models simulating interacting SNe 1 day post-explosion (Sect. 4.3.1), and then
the entire grid of early-time models (Sect. 4.3.2).

4.3.1 Diversity of synthetic spectra 1 day after explosion

Broadly, we identify three main morphologies in transient optical spectra pro-
duced 1 day after explosion in our solar abundance models at a medium resolu-
tion of R = 1000 (Figures 4.1 & 4.2, top panel).

– High-ionisation spectra, characterised by OVI, HeII, NV, and HI emission
lines. This morphology appears at high LSN (> 6.3×109 L�) and resembles
SN 2013fs;
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– Medium-ionisation spectra, with strong HeII, CIII, NIII, NIV, CIV, and HeI

emission. These are seen at LSN between 3.9× 108− 3.1× 109 L� and
might correspond to a solar-abundance version of SN 1998S observed at
early times;

– Low-ionisation spectra, with HI, HeI, and FeII lines with P Cygni profiles.
The models with high Ṁ show [OIII] and [NII]. This spectral morphology is
present at relatively low LSN (≈ 1.9×108 L�) and resembles classical SN
IIn, such as SN 1994W, as they would have been seen at early times.

These morphologies arise from the dominant effect of LSN on Tin, and thus
on the ionisation structure of the CSM, and the strength of spectral lines from
different ions. An increase in LSN produces a more ionised CSM, and we see a
shift towards lines of high ionisation stages. Perhaps surprisingly, the HI emis-
sion decreases with increasing LSN , because the recombination rate coefficient
decreases with the increase in the electron temperature (Te) that is seen in high
LSN models. Therefore, the L = 1.9× 108 L� models show the strongest Hα

emission for a given Ṁ (Figs. 4.1 & 4.2).
The spectral classes discussed above are meant to underline the effects of LSN

on the spectrum and guide the observers. However the changes on the spectrum
are rather continuous, with cases falling in between the three described mor-
phologies. One such example is the model with L = 6.3×109 L� which shows
CIV emission lines seen mostly in the medium ionisation case, but also shows NV

emission which belongs to the highly ionised spectral morphology (Figure 4.2).
Additionally, the abundances and the mass-loss rate will also play a role in which
species are observable for each luminosity case.

We find that changing the Ṁ of the progenitor affects the ionisation struc-
ture of the CSM as well, albeit to a lower degree than changing LSN (we need
Ṁ & 0.1 M�yr−1 to generate a significant recombination of the CSM). For a
given LSN, an increase in Ṁ leads to stronger emission in all lines because of
the increased density of the CSM. Also, since the density increases while the
input of energy at the base of the wind is constant, the ionisation structure shifts
towards less ionised ions (Figure 4.1). This is reflected in the ionisation stages
seen in the spectra, for example higher NIII/NIV and CIII/CIV ratios for high values
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Figure 4.1: CMFGEN optical spectra of SNe interacting with their progenitor’s wind at early
times for solar (top panel), CNO-processed (middle), and He-rich abundances (bottom). The
models have been convolved with a Gaussian kernel of ∆v = 300 kms−1 (resolving power R ≈
1000), continuum normalised, and shifted for clarity. The labels indicate the adopted values of
Ṁ3 (10−3 M�yr−1) and L9 (109 L�), and the strongest spectral lines are identified.
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Figure 4.2: CMFGEN optical spectra of SNe interacting with their progenitor’s wind at early
times for solar (top panel), CNO-processed (middle), and He-rich abundances (bottom). The
models have been convolved with a Gaussian kernel of ∆v = 300 kms−1 (resolving power R ≈
1000), continuum normalised, and shifted for clarity. All the models in this figure have Ṁ = 3×
10−3M�yr−1. The labels indicate the adopted values of L9 (109 L�), and the strongest spectral
lines are identified.
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of Ṁ.
The differences in the spectra due to changes in abundances are strong. In

both the CNO-processed and the He-rich sets of models, we identify the same
trend of spectral morphologies with respect to LSN and Ṁ discussed above. As
expected, we find that the strengths of spectral lines change monotonically ac-
cording to the abundance of that element in the parameter range explored here.
Our models with abundances corresponding to CNO-processed material show
stronger N emission, weak C and no O lines (Figure 4.1, middle panel). The
high-ionisation models show no OVI even for high LSN. Medium-ionisation mod-
els develop strong NIV, making them similar to SN 2013cu (Gal-Yam et al. 2014;
Groh 2014). Low-ionisation models are not substantially affected in the models
displayed here, although weak NII lines could appear at certain combinations
of LSN and Ṁ. The Hα line is weaker in CNO-processed models compared to
the corresponding solar abundance model. This is caused by the higher Te of the
CNO-processed models, which stems from the decrease of radiative losses in the
CSM due to lower C and O abundances. The highest Ṁ models show the largest
difference between the two different abundances. The decrease in emissivity due
to the increase in Te strongly affects the HeII emission as well, and weakly the
HeI emission.

The He-rich models show a substantial decrease in the ratio between Hα and
HeII lines compared to the CNO-processed models (Figure 4.1, bottom panel).
This is caused by the diminished H abundance. As for the CNO-processed mod-
els, almost no O or C emission are present in any of the He-rich models. Al-
though the decrease in the H abundance also lowers the opacity and raises Te,
these changes do not substantially impact the CSM ionisation structure.

The Hα and HeII lines are the most degenerate with respect to Ṁ and LSN.
However, if both lines are detected in the spectrum, their abundances can be
well constrained if the observations cover the optical range from 3700–7500 Å,
and either flux-calibrated spectra or multi-band photometry are available. As
Figure 4.1 shows, this allows a determination of the ionisation structure of the
wind, which breaks the degeneracy. For example, while both a solar abundance,
high LSN model and a He-rich, low LSN model can have similar Hα strengths,
the HeII line will be much stronger for a higher He abundance. Analogously, HeI
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Figure 4.3: CMFGEN optical spectra of SNe interacting with their progenitor’s wind at early
times for progenitors with υ∞ = 150 kms−1 (models from Figure 4.1; black) and with υ∞ =
15 kms−1 (overplotted on the corresponding high υ∞ models; yellow). The models have been
convolved with a Gaussian kernel of ∆v = 300 kms−1 (resolving power R ≈ 1000), continuum
normalised, and shifted for clarity. The labels indicate the adopted values of Ṁ3 (10−3 M�yr−1),
and the strongest spectral lines are identified. All the models in this figure have solar abundances
and L = 1.5×109 L�.

lines can be also employed.
The Fe abundance is in general difficult to constrain from optical spectra

alone. It could be determined from the FeII lines present in the optical spec-
trum of some of the low-LSN models. In contrast, the UV region is extremely
populated by Fe lines (Figure C.1) which provides a tool for determining the
metallicities if UV data are available or for high-redshift SNe.

Additional degeneracies appear due to a larger range of possible values of υ∞

for events observed at low spectral resolution. This leads to an increased range of
possible values of Ṁ because of the mass continuity equation (ρ ∝ Ṁ/υ∞). Fig-
ure 4.3 shows solar abundance models with L = 1.5×109 L�, υ∞ = 15 kms−1,
and resolution of R = 1000 together with the corresponding υ∞ = 150 kms−1

models from Figure 4.1. Most of our models with the same density profile but
different values of υ∞ and Ṁ are barely distinguishable at R = 1000 (but see
Gräfener & Vink 2016). Noticeable changes appear only for models with high
CSM densities (Ṁ = 10−2 M�yr−1). In this case, a change in υ∞ can result in an
overlap of neighbouring spectral lines, which may lead to temperature changes
observable in the NIII/NIV and CIII/CIV ratios.
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4.3.2 Relationships from synthetic spectra of interacting supernovae

In order to have a more quantitative investigation of our modelled spectra we
have measured the equivalent width, W, of several relevant lines in the optical
range. We have chosen the ratio of the HeII λ4686 to HeI λ5876 as a proxy for
the temperature. Other ratios such as CIII to CIV or NIII to NIV would also reflect
the temperature of the SN, but these lines may not be present in the spectra
depending on the surface abundances of the progenitor. The HeI λ5876 line was
chosen due to its strength and isolation, i.e. it is not usually blended with other
lines. While the HeII λ4686 introduces several uncertainties in the calculation
of the equivalent width due to blending from the adjacent CIII and/or NIII lines,
it is the strongest HeII line in the optical range. As a proxy for Ṁ/υ∞ we have
chosen the Hβ line, again due to the guaranteed presence of H in the spectra of
type II SNe, the proximity in wavelength to the other lines used in this analysis,
and the fact that it is less sensitive to time-dependent effects than Hα. This can
also be used to find a best-fit to the observed spectra faster than by comparing
individual spectra. A caveat of using HI lines in the observed spectra would
be the possible contamination from the interstellar medium (ISM), but higher
resolution observations should circumvent this issue in cases where υ∞ is higher
than the velocity of the nebula. Note that measuring the equivalent widths using
different methods will also introduce extra uncertainties.

In Figure 4.4 we show the equivalent widths of the Hβ line vs the ratio of
the HeII to the HeI equivalent width, for the synthetic spectra in our library. The
equivalent width values for each model are given in Appendix B. By analysing
the strengths of these lines, we aim to identify possible trends and relate them to
the properties of the SN and its progenitor. We summarise our findings below in
terms of trends in mass-loss rate (represented by the size of the symbols in Figure
4.4), luminosity of the SN (colour coded in Figure 4.4), the surface abundances
(each row of panels in Figure 4.4 corresponds to a certain set of abundances),
and inner radius (each column in Figure 4.4 follows one radius).

Mass-loss rate effects: The Hβ line was chosen as a proxy for Ṁ. Figure 4.4
shows that a lower Ṁ leads to lower Hβ emission at all times, luminosities, and
abundances considered. As seen in the 1 day spectra, another effect of an in-
crease in Ṁ is the decrease in Teff for the same LSN and Rin. This can be seen
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especially in the models with 1.5×109 L�, for which the HeII/HeI ratio decreases
for increasing Ṁ.

Luminosity effects: An increase in luminosity for models with otherwise
identical properties leads to an increase in temperature. This affects the spec-
tral lines in Figure 4.4 in two main ways: the HeII to HeI ratio increases, and
the Hβ luminosity decreases. Therefore, following the models with different LSN

but the same Ṁ in Figure 4.4, for most sets of abundances and radii we see that
the models tend towards higher HeII to HeI rations and slightly towards lower Hβ

emission. This breaks for the highest LSN model, since that model is too hot for
HeII as well. Additionally, Figure 4.4 shows that the He-rich models increase in
Hβ flux after L = 1.5×109 L�. However, this is due to contamination from the
close-by HeII λ4859 line, which increases at higher LSN.

Abundance effects: The abundance effects are slightly more complex than
other parameters. The models with solar-like and CNO-processed surface abun-
dances are quite similar to each other, but not identical. The models at lower
LSN do not change much between the two cases, but the models at higher LSN

show much stronger HeII. While in this case neither the H nor the He abundances
change, the opacity changes as a result of the difference in CNO ratios, as pre-
viously explained in Sect. 4.3.1. Another reason for this discrepancy could be
the contamination of the HeII line from the near-by NIII/IV lines. Decreasing the
H abundance/increasing the He abundance shifts the models strongly toward the
left side of the plot due to the expected lower H emission. Additionally, at low
LSN the HeII to HeI ratio decreases slightly. This is due to the fact that there is
little or no HeII emission due to the low T?, but the He abundance is increasing,
therefore the HeI line increases while the HeII does not. The opposite is true at
the high LSN end, where HeII increases due to the increased amount of He, but
HeI does not due to the high T?. At medium LSN however, for high Ṁ the ratio is
lower in the He-rich models, but at low Ṁ the ratio is higher, which is probably
an effect of Teff, which is higher for lower Ṁ.

Inner radius effects: Increasing Rin will lead to a decrease in T? for a model
with the same luminosity. Increasing Rin and keeping Ṁ/υ∞ constant produces a
lower density in the wind. Therefore in Figure 4.4, the general trend between the
models at different times (i.e. different radii) is that the larger Rin models move
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downwards because a lower T? implies a lower HeII/HeI ratio, and to the left side
of the plot due to the decrease in density.

Overall, many qualitative trends can be identified in Figure 4.4, however
many degeneracies also appear and detailed modelling paired with high quality
observations are needed to break them. These types of metrics could be useful
in quickly constraining the properties of SNe interacting with their progenitors.
They can also provide a starting guide when computing detailed spectral models,
as we have in Section 4.4.3.

4.3.3 Connecting supernovae to their progenitors

Early-time spectroscopy of SN offers three valuable clues on the nature of their
progenitors: Ṁ, υ∞, and abundances. However, theoretical models in recent
years suggest a scenario in which the outflow properties and mass-loss mecha-
nisms at the pre-SN stage (e.g. Fuller 2017, and references therein) are markedly
different than those seen in post-MS massive stars in the Galaxy and Magel-
lanic Clouds (Smith 2017), which are expected to be at the He-core burning
stage. Thus, linking Ṁ and υ∞ derived from early-time SNe to classes of mas-
sive stars characterised by those values may be misleading. This is highlighted
by our lower limit of Ṁ & 5× 10−4(150 kms−1/υ∞) M�yr−1 for detection of
clear spectroscopic evidence of SN-CSM interaction. This lower limit is higher
than the typical Ṁ of almost all massive stars in the local Universe, except for
selected LBVs such as Eta Car (Groh et al. 2012) and others during S-Dor type
outbursts (Smith 2014).

For this reason, progenitor surface abundances may offer a more direct con-
nection between pre- and post-SN spectra if abundances can be used as a proxy
for the initial mass. This is generally the case for single star evolution (e.g. Groh
et al. 2013b). Binary evolution produces significantly more possible outcomes
(see e.g. Eldridge et al. 2017) because of the large range of inferred initial or-
bital periods and mass ratios of massive binaries (Sana et al. 2012; Moe & Di
Stefano 2017). Below we discuss some of the possible evolutionary connections
of single and binary stars to our early-time spectral morphology, and the key
spectroscopic diagnostics that could be used to constrain SN progenitors.

Low-mass RSGs correspond to single star initial masses of 8–15 M�, or less
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massive mass gainers in binary systems. These stars retain most of their massive
H envelope, with weak or no CNO processed material at the surface. These
progenitors would give rise to early-time post-explosion spectra resembling our
first set of models (Figure 4.1 & 4.2, top panel). They should be identifiable
using OVI λλ3811,3834 (high LSN ), or CIIIλ5697, CIVλλ5801,5811 lines and
NIII λλ4634,4640 (medium LSN ), or CIII λλ4647,4650 (low LSN ).

Massive RSGs, YHGs, BSGs, LBVs, and WN stars correspond to single star
initial masses of 15–30 M�. A range of initial periods should produce mass
gainers, donors, and merger products that would be consistent with these classes
of progenitors. They exhibit CNO processed material at the surface as a result
of rotational mixing, mass-loss, and/or binary interaction, with variable degree
of H envelope stripping. They should show no OVIλλ3811,3834 at high LSN,
possess NIV λλ4058,7109,7122 and NIIIλλ4634,4640 (medium LSN), and the
CIIIλ5697 and CIVλλ5801,5811 lines should be absent. The ratio between HeII

and H lines should provide a reliable estimate of the H and He abundances,
and thus on the nature of the progenitor. Higher He/H ratios favour late WN
progenitors (these progenitors would show an enrichment of both N and He in
their surface abundances and would produce post-explosion spectra similar to
our third set of models shown in Figure 4.1 & 4.2, bottom panel), while mild
He enrichment would be more consistent with RSGs and BSGs (their early-time
post-explosion spectra would correspond to our second set of models in Fig-
ure 4.1 & 4.2, middle panel). LBVs show intermediate He enrichment (∼ 0.65
by mass).

In the single-star scenario, early-time SN spectra should provide clear con-
straints on progenitors by measuring H, He, and CNO abundances. However, we
stress that the mass ranges and evolutionary scenarios above are model depen-
dent and not comprehensive, in particular for binary evolution.

Binary evolution should be seriously considered in the study of supernova
progenitors, as for example, Sana et al. (2012) estimate the fraction of massive
stars in binary systems is ≈ 70 %, and Zapartas et al. (2019) suggest that a
1/3 to a 1/2 of type II SN progenitors have interacted with a companion, either
through mass exchange or mergers. Population synthesis models that account for
binaries are also able to reproduce the observed SN rates (Eldridge et al. 2008,
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2017, 2018). However, differentiating between a SN progenitor that evolved as
a single star and one that interacted with a companion star based on our results
is currently challenging. One of the main difficulties in conclusively identify-
ing SN progenitors that have interacted with another object is the diversity of
possible interactions, dictated by the wide range of orbital periods and mass ra-
tios. The SN progenitor could have gained mass, donated mass, or it could have
merged with a companion. The mass transfer and the mergers can also vary in
strength and in outcomes depending on the properties of the stars in the system
(Podsiadlowski et al. 1992).

There are a number of observable effects that may hint to binary interaction,
such as the age of a star not matching the cluster, rotational velocities, radial ve-
locities, etc. Among these, the hints that would point to a SN progenitor having
interacted with a companion, that could be obtained with the help of models like
ours, would be peculiarities in the surface abundances (i.e. surface abundances
that can not be easily explained with single star evolutionary models), asymmet-
ric CSM geometries, and perhaps very high mass-loss rates (de Mink et al. 2014;
Chevalier 2012).

Unfortunately, there currently is a lack of models of binary interactions in-
volving massive stars, that predict the final surface abundances of the binary
products. Glebbeek et al. (2013) present a set of models simulating the products
of head-on mergers of stars up to 40 M�. Their models show that more massive
merger products show stronger mixing than those of lower masses, with N sur-
face enhancement. Their quoted abundances are at the onset of He-burning and
may not reflect the exact final surface abundances of the SN progenitor. Menon
& Heger (2017) perform models of RSGs merging with lower mass stars, aim-
ing to explain the properties of the peculiar SN 1987A. They find that depending
on how far into the star the secondary mixes and what fraction of material is
dredged-up from the core to the envelope, the surface abundances may show
higher or lower N/C and N/O ratios. They also find that an increase in the mass
of the primary leads to N enhancement, while an increase in the mass of the sec-
ondary lowers the fraction of surface N as the extra mass dilutes the envelope.
Justham et al. (2014) also suggest that LBVs can be the results of binary merg-
ers, and they discuss that due to a strong molecular weight gradient present at
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post-main sequence evolutionary stages, rotational mixing may be inhibited.
Similarly, the mass-loss rates and CSM densities that can be produced

through binary interaction cover a wide range. As discussed in Sect. 4.1, bi-
naries may help explain the enhanced mass-loss at pre-SN stages, but single star
scenarios are also available. The geometry of the CSM may be more telling,
as simulations of mergers involving evolved massive stars show the CSM will
preferentially have a disk-like or bipolar geometry.

4.3.4 Implications on supernova impostors

It is important to highlight that our models do not assume a terminal explosion as
the source of energy at the base of the CSM. Because of that, they can also be ap-
plied to the class of SN impostors and intermediate transients. SN impostors are
eruptive events that resemble low luminosity SNe, but are instead non-terminal
explosions of massive stars (Van Dyk et al. 2000).

It is well known that SN impostors show large spectral diversity, with some
events exhibiting ’hot’ spectra and others ’cool’ spectra (Smith 2010). While
the models presented in this chapter do not reach the lowest luminosities of SN
impostors, they could be scaled down to reproduce SN impostors’ spectra using
the relations described in Sect. 4.2, i.e. to keep a similar Tin at low luminosities,
the inner radius would need to also be decreased according to Eq. 2.7, and to
maintain the optical depth structure and line luminosities constant, Ṁ would also
have to be scaled using the relation Ṁ ∝ L3/4×υ∞ (e.g. Gräfener & Vink 2016).

Some of our low Tin models do qualitatively resemble known ’hot’ SN im-
postors such as SN 1997bs (Van Dyk et al. 2000), SN 2000ch (Wagner et al.
2004), SN 2002bu (Smith et al. 2011c) or SN 2009ip (Smith et al. 2010). When
early-time observations of SN impostors become routinely available, our mod-
els should be able to reproduce the morphology and physical conditions of these
events, allowing the determination of progenitor abundances and CSM proper-
ties.
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4.3.5 Observational challenges

Our original CMFGEN models have arbitrarily high spectral resolution. How-
ever, spectroscopic observations of transients typically have low to medium res-
olution due to the need for fast spectroscopic follow-up of faint events. This
is a continuing trend even with new surveys such as ZTF (Bellm & Kulkarni
2017), which will employ the Double Spectrograph on the Palomar 200” (resolv-
ing power of R ≈ 1000− 10000), or the Spectral Energy Distribution Machine
(R≈ 100, Blagorodnova et al. 2018) on the Palomar 60” telescope. For this rea-
son, we have convolved our spectra with a Gaussian kernel of ∆v = 1000 kms−1,
corresponding to a resolving power R ≈ 300, to account for the lower end of
spectrograph resolutions. Figure 4.5 shows the low-resolution spectra for the
models in Figure 4.1. It can be easily seen by comparing Figures 4.1 and 4.5 that
the main trends identified in the higher resolution spectra and described in the
text can still be observable at lower resolution. However, when fitting observed
events, the errors will increase as differences between spectra will be harder to
disentangle due to the lower resolution leading to blending of features. This
can be problematic especially for events with spectra characterised by medium-
ionisation lines.

4.4 Diversity of interacting supernovae: observations

In this section we focus on the properties of observed events that show brief
early-time interaction signatures in their spectra. We have compiled a sample of
observed events that show interaction with a CSM at early times. We then use
our library of CMFGEN models to fit the observed spectra and thus constrain
explosion properties, such as the luminosity and temperature, and progenitor
properties, in particular the mass-loss rate, the terminal wind velocity, and sur-
face abundances. Our results are summarised in Table 4.3 and we discuss in
detail the best-fit models for 3 representative cases in Sect. 4.4.3. We further ex-
plore the implications of our results on the bigger picture of core-collapse SNe
and the connections to their progenitors in Sect. 4.4.4.
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Figure 4.5: Low-resolution (∆v = 1000 kms−1, R≈ 300) CMFGEN optical spectra of SNe inter-
acting with their progenitor’s wind at early times for solar (top panel), CNO-processed (middle),
and He-rich abundances (bottom). The models have been continuum normalised and shifted for
clarity. The labels indicate the adopted values of Ṁ3 (10−3 M�yr−1) and L9 (109 L�), and the
strongest spectral lines are identified.
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4.4.1 Sample of observed supernovae

We have selected 17 type II SNe that show interaction signatures in their early
spectra. We looked for events with at least 1 publicly available spectrum in the
optical range (∼ 3500−8000 Å) with a good signal-to-noise ratio and relatively
well constrained explosion times. For each event, we have chosen the earliest
spectrum available, with the exception of iPTF13dqy and iPTF13ast, for which
the earliest spectra were taken less than 1 day after explosion. Because of the
rapid temperature evolution during the first day, a different set of models would
be needed to analyse those events (Groh 2014; Yaron et al. 2017). For these
two events we fit later spectra, and we also include the results from the previous
works in our analysis. All the spectra have been downloaded via WISeREP
(Yaron & Gal-Yam 2012) and are shown in Figure 4.6. For most of the events,
the explosion times are taken as the mean between the last non-detection and the
first detection. For a small number of events, namely SN 2010mc, PTF 11iqb,
SN 2013fs, iPTF14bag, the explosion times have been estimated in previous
works by fitting the light curves, and we use these values. The distances and
peak magnitudes were taken from The Open Supernova Catalog (Guillochon
et al. 2017) unless specified otherwise. The spectral observations were taken
using various instruments and therefore vary in resolution. In some cases, this
information is not available and the average full-width half-maximum (FWHM)
of the flash-ionisation lines is taken as the upper limit for the spectral resolution
in velocity space.

The quality of the results obtained from the spectral modelling relies on a
number of observable parameters, such as the distance to the event, the age of
the selected spectra relative to the explosion time, the observed brightness of the
event at the time of the spectrum, and the resolution of the spectra. Therefore we
describe below the properties of each SN and the observational setup employed
in each case, compiled from a number of publicly available resources. This
information is summarised in Table 4.2.

–PTF 09ij was discovered on 2009-05-20 at a redshift of z = 0.124 (Kasliwal
et al. 2009), which corresponds to a luminosity distance of dL = 598.7 Mpc.
The spectrum used for this work was taken on 2009-05-21, 3± 2 days post-
explosion (given the last non-detection was on 2009-05-16), with the low-to-
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medium resolution Double Spectrograph (DBSP; Oke & Gunn 1982) on Palomar
5.1m (Khazov et al. 2016). The only available photometric observation was
taken 1 day prior to the spectrum and has MR =−18.46 mag.

–PTF 10abyy: Discovered on 2010-12-03 at z = 0.0297 (dL = 134.4 Mpc),
PTF10abyy has one of the oldest spectra in our sample, obtained with the Low
Resolution Imaging Spectrograph (LRIS; R' 1000; Oke et al. 1995) at Keck I on
2010-12-09, 6.8±0.5 days post-explosion (Khazov et al. 2016). Photometrically
it is well sampled in the r-band and it resembles a type II-P lightcurve.

–PTF 10gva was discovered on 2010-05-05 in the galaxy SDSS
J122355.39+103448.9, at redshift of z = 0.0276 (Gal-Yam et al. 2010), cor-
responding to a distance of dL = 124.3 Mpc. The galaxy has a reddening of
E(B−V ) = 0.0263± 0.0008 (Schlafly & Finkbeiner 2011). The SN reached a
maximum luminosity on 2010-05-12, having mmax,R = 16.77 mag and Mmax,R =

−18.67 mag (Gal-Yam et al. 2010; Rubin et al. 2016). The SN was also detected
in the UV with Swift on 2010-05-07, and fitting the Swift photometric measure-
ments revealed a black-body temperature of 20000 K (Cenko et al. 2010). Here,
we analyse the only public spectrum, obtained on 2010-05-06 with the LRIS
instrument on Keck I, 2±1 days post-explosion.

–SN 2010mc or PTF 10tel is a well known event made famous by its pre-
SN outburst observed 40 days prior to explosion, outburst during which the star
lost ' 10−2 M� at 2000 kms−1 (Ofek et al. 2013b). The SN is located at z =
0.035 (dL = 153 Mpc) and was detected on 2010-08-20 (Ofek et al. 2013b). The
first spectrum, which we analyse in this chapter, was obtained on 2010-08-26,
8.5+0
−2.5 days post-discovery with the Gemini Multi-Object Spectrograph South

(GMOS-S; R' 3000; Hook et al. 2004) on Gemini. Having shown narrow lines
from the SN-CSM interaction for a prolonged amount of time, SN 2010mc is
classified as a SN IIn.

–PTF 10uls was discovered on 2010-09-07 at z = 0.0479 (dL = 201 Mpc).
While it is well sampled photometrically (only r-band), with a lightcurve that
closely resembles those of PTF12gnn and iPTF13dqy, it has only one pub-
licly available spectral observation, obtained on 2010-09-10 with the Mayall RC
Spectrograph on Kitt Peak 4m (R ' 1000, De Veny 1992), 3± 0.5 days post-
explosion (last non-detection on 2010-09-06; Khazov et al. 2016).
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–PTF 11iqb was discovered on 2011-07-23 (Parrent et al. 2011) by PTF in
the galaxy NGC 151, at a distance of 50.4 Mpc (redshift z = 0.0125; Smith
et al. 2015) and has a reddening of E(B−V ) = 0.0284 mag (Schlegel et al.
1998). While PTF11iqb is observationally well sampled both in photometry
and spectroscopy (Smith et al. 2015), we analyse the earliest spectrum of this
event, obtained on 2011-07-24, 2.1+0

−1.1 days post-explosion, with GMOS. The
narrow lines resulting from the interaction of the SN ejecta with the CSM are not
resolved, but late-time spectra of higher resolution place a constraint of υ∞ ≤
100 kms−1 on the terminal wind velocity (Smith et al. 2015). Additionally,
Smith et al. (2015) also derive from lightcurve fitting a mass-loss rate of 1.5×
10−4 M�yr−1 lost in about 8 years prior to collapse in a disk-like geometry, and
a blackbody temperature of 25000 K.

–PTF 12gnn was discovered on 2012-07-09 at a redshift of z= 0.0308, which
corresponds to a luminosity distance of dL = 139.5 Mpc. The last non-detection
was on 2012-07-07. A spectrum was obtained on 2012-07-12 with the Kast in-
strument (Miller 1994) at the Lick Observatory, 4±1 days post-explosion (Kha-
zov et al. 2016). At peak, this SN had MR =−17.9, and its lightcurve resembled
iPTF13dqy.

–PTF 12krf was first detected on 2012-11-04 at z = 0.0625 (Khazov et al.
2016), i.e. dL = 289.6 Mpc. A spectrum was obtained 4±1 days post-explosion
(last-non detection 2012-11-02), on 2012-11-07 using the DBSP. Photometri-
cally it is sparsely observed, and mainly around maximum light (MR = −18.86
mag).

–SN 2013cu: Also known as iPTF 13ast, this type IIb SN has been well stud-
ied due to its very early-time spectrum obtained 15.5h post-explosion (Gal-Yam
et al. 2014; Groh 2014). This SN resides in the UGC 9379 galaxy, at a distance
of 108 Mpc (z = 0.02534), and was discovered on 2013-06-03 (Gal-Yam et al.
2014). Groh (2014) modelled the 15.5 h spectrum in a similar fashion to the
work performed in this thesis and obtained L = 1010 L�, Ṁ ' 3×10−3 M�yr−1,
υ∞' 100 kms−1, and 46% H, 52% He, and N-enhanced/C-depleted abundances,
implying an LBV/YHG progenitor. These values are in relative agreement with
the values analytically derived by Gal-Yam et al. (2014). In this work we analyse
the spectrum obtained 3 days post-explosion, on 2013-05-06, which still shows
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interaction signatures, covers a wider range of wavelengths allowing us to probe
more species and better constrain the abundances, and helps us build a temporal
evolution. The spectrum modelled in this chapter was obtained with the Alham-
bra Faint Object Spectrograph and Camera (ALFOSC; ALFOSC User Manual
2018) on the Nordic Optical Telescope (NOT).

–SN 2013fr: SN 2013fr (SNhunt213) was discovered on 2013-09-28 by the
Catalina Sky Survey in the galaxy MCG+04-10-24 at z = 0.021 (d = 87.0±1.6
Mpc; Bullivant et al. 2018). A spectrum was obtained on day 4 with EFOSC
(Smartt et al. 2015) at a resolution of R ' 355. By day 7 the narrow lines have
subsided. The lightcurve and spectral evolution suggest a type II-L SN of low
velocity and possibly low explosion energy, with late-time IR excess suggesting
strong pre-explosion mass-loss rates (Bullivant et al. 2018).

–SN 2013fs: is also known as iPTF 13dqy and it is one of the best studied
SNe in our sample due to its very early discovery, only 3 hours after explo-
sion. It resides in a nearby galaxy, NGC7610, at a distance of d = 50.95 Mpc
(z = 0.011855; Yaron et al. 2017). iPTF13dqy is also currently the SN with the
earliest observed post-explosion spectrum. Yaron et al. (2017) obtained a spec-
trum only 6 hours post-explosion, and using radiative transfer modelling they
suggested the SN had a luminosity of 2.0−3.5×1010 L�, and was produced by
a Red Supergiant (RSG) with Ṁ = 2.0−4.0×10−3 M�yr−1, υ∞ = 100 kms−1,
and solar surface abundances. Morozova et al. (2017) fits the multi-band light
curves of this event and suggests the progenitor was a RSG with MZAMS =

13.5 M�, Ṁ = 0.15− 1.5 M�yr−1 and υ∞ = 10− 100 kms−1. Dessart et al.
(2017a) place a constraint on the amount and extension of the material ejected
pre-SN (' 0.01 M� and ' 2× 1014 cm) using multi-gourp radiation hydrody-
namics and radiative transfer models. Moriya et al. (2018a) explore the effects of
wind acceleration on the light curve of this event and derive a mass-loss rate of
' 10−3 M�yr−1 and υ∞ = 10 kms−1. Bullivant et al. (2018) present additional
observations during the first 100 days, including photometry, spectroscopy and
spectropolarimetry. While we include the fit to the earliest spectrum computed
by Yaron et al. (2017) in the discussion, additionally we analyse a later spec-
trum, obtained 21 hours post-explosion, on 2013-10-07 with ALFOSC on the
NOT. The narrow lines disappear after ' 2 days, after which the SN resembles a
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typical type II-P.
–iPTF 14bag: Discovered on 2014-05-18 at a redshift of z = 0.116 (dL =

557.2 Mpc), PTF14bag has only one publicly available spectral observation, on
2014-05-21 with the Dual Imaging Spectrograph (DIS; DIS User Manual 1995)
at the Apache Point Observatory (APO-3.5m; Khazov et al. 2016) at a medium
resolution of R' 1000. The epoch of the spectral observation is estimated as 3.1
days post-explosion (Khazov et al. 2016). The flux at discovery was mR = 20.48
mag (WISeREP), but no other photometric observations are publicly available.

–SN 2014G: Also known as iPTF14fe, this SN was discovered on 2014-01-
14 in the host galaxy NGC 3448 at z = 0.004503 (Nakano 2014). The host of
SN 2014G is placed at d = 24.4±9.0 Mpc, and has a total extinction coefficient
of E(B−V )tot = 0.254±0.072 (Bose et al. 2016) or E(B−V )tot = 0.21±0.11
(Terreran et al. 2016). The SN reached a maximum luminosity of mmax,U = 13.65
mag and Mmax,U =−17.85 mag on 2014-01-18 and the lightcurve evolution fol-
lowed that of a typical type II-L. This SN was monitored for over 1 year having
multiple photometric measurements from the UV to the NIR and several spec-
tra over the optical range (Terreran et al. 2016; Bose et al. 2016). The spectra
show narrow emission lines from the SN-CSM interaction for the first 9 days
post-explosion. We analyse the first spectrum, which was taken on 2014-01-14,
2.5±1.7 days post-explosion with the Andor iDus DU440 (300 kms−1, Terreran
et al. 2016; Rafanelli & Siviero 2012). Late time spectroscopic features suggest
a possible bipolar CSM (Terreran et al. 2016), but polarimetry measurements
were inconclusive (Bose et al. 2016). The strength of the [OI] λλ6300,6363
lines point to a progenitor of MZAMS = 15−19 M� (Terreran et al. 2016), while
semi-analytic models of the lightcurve, place the progenitor around 9 M� and
630 R�.

–SN 2016eso: Also known as ASASSN-16in or PS16ejl, this SN was de-
tected by the All Sky Automated Survey for Supernovae (ASAS-SN) on 2016-
08-08 in the galaxy ESO 422-G19 at z= 0.016 (dL = 71.9656 Mpc; Brimacombe
et al. 2016). The last non-detection was on 2016-08-04 (Stanek 2016). A spec-
trum was obtained on 2016-08-09, 3±2 days post-explosion with the EFOSC2
instrument (R = 355, Smartt et al. 2015), showing signatures of interaction be-
tween the SN and the CSM. The photometric observations are sparse and there
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is a large gap around the peak.
–SN 2018cvk: SN 2018cvk (ASASSN-18nx, Gaia18dii) was discovered on

2018-06-25 in the galaxy ESO 233-G7 at z= 0.02473 (dL = 111.51 Mpc; Brima-
combe et al. 2018). A spectrum was obtained on 2018-06-29 with the Good-
man Spectrograph (Clemens et al. 2004) at the Southern Astrophysical Research
(SOAR) Telescope at a resolution of R' 2800. Given the last non-detection was
on 2018-06-23 (Nicholls et al. 2018), this spectrum is 5±1 days-old. Photomet-
rically it only has a few post-peak G-band detections.

–SN 2018khh (ASASSN-18abz, Gaia19aup) was discovered on 2018-12-20
(Brimacombe & Stanek 2018) in 2MASX J22031497-5558516 (z = 0.0229,
dL = 103.1 Mpc) around its peak and has a few photometric points in the G-band
and 1 spectrum obtained with the Goodman spectrograph at SOAR on 2018-12-
21. The last non-detection was on 2018-12-17 (Brimacombe & Stanek 2018),
making the spectrum 3±1 days-old.

–SN 2018zd (Gaia18anr, ATLAS18mix) was discovered on 2018-03-02 (Ita-
gaki 2018) and has been well sampled photometrically in multiple filters (Miko-
lajczyk & Wyrzykowski 2018; Zhang et al. 2020). Its host is at a redshift of
z = 0.002979, i.e. dL = 13.214 Mpc. In this work, we analyse the spectrum ob-
tained with the Folded Low Order whYte-pupil Double-dispersed Spectrograph
(FLOYDS-N, R' 300−500, Sand 2014) at the Faulkes Telescope North (FTN)
on 2018-03-06, at least 4 days after the explosion. Fitting the r-band LC, Zhang
et al. (2020) suggest that the explosion took place only 3.6 h before the first
detection.

4.4.2 Empirical relationships

Based on Sect. 4.3.1, we expect the early-time spectra of supernovae interacting
with their progenitors to fall into three main classes based on the ionisation level
of the species present in the events, i.e low ionisation, medium ionisation, and
high ionisation. A high ionisation spectrum may show emission from highly
ionised species such as HeII, NV, OV, OVI, while the low ionisation end will
develop strong HeI, NII, and/or FeII, with NIII, NIV, CIII, and/or CIV appearing in
between depending also on the abundances. These classes can then be mapped
back to the SN properties, such as the temperature and luminosity. Additionally,

128



CHAPTER 4. INTERACTING SN 4.4. RESULTS: OBSERVATIONS

                    H𝛾      HeII  H𝛽                       CIV HeI          HeII/H𝛼 HeI    HeI/NIV

Figure 4.6: Normalised optical spectra of the observed events analysed in this thesis. We also
included a spectrum of SN 1998S for comparison. The spectra have been shifted for clarity, the
labels on the right indicate the names of the events and the estimated post-explosion age of the
spectrum, and the locations of the strongest lines are marked at the top.
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the strengths of the lines can also be related to the mass-loss rate of the progenitor
and/or the surface abundances. The observed spectra are shown in Figure 4.6,
broadly ordered from high ionisation (red) at the bottom of the figure to low
ionisation (purple) at the top.

For a more quantitative classification of our sample of supernovae we compile
a phase diagram similar to Figure 4.4, where we use the equivalent width, W, of
the Hβ line as a proxy for Ṁ/υ∞, and the ratio of the W of HeII λ4686 to the W
of HeI λ5876 as a proxy for the temperature.

To measure the equivalent widths of the lines listed above, the observed spec-
tra were first normalised. We have approximated the continuum emission in the
optical range by fitting a polynomial function specific to each of the observed
spectra and divided the observed spectrum by that function. We estimate the
normalisation method introduces and error of 5% in the W values. The equiv-
alent widths were then measured in the 4841 - 4881 Å range for the Hβ λ4861
line, 5856 - 5896 Å for the HeI λ5876 line, and 4666 - 4706 Å for the HeII λ4686
line. The errors are taken as the averaged standard deviation of the flux measured
over several wavelength ranges where no obvious emission lines are present.

Figure 4.7a shows the equivalent widths of the selected lines for all the super-
novae in our sample. We can see that some of events are clearly low ionisation
SNe (e.g. SN 2010mc), clustering in the bottom right corner, i.e. low HeII/HeI

ratios. They also show distinctively stronger HI emission than the higher ioni-
sation events, which could be due to two factors. Firstly the lower temperatures
lead to higher recombination rates and therefore stronger HI emission lines. Sec-
ondly these SNe could have higher H abundances in the CSM to begin with. The
majority of the observations, however, seem to tend towards the top half of the
plot, but show no other obvious trend. The exact locations on the plot are also
unknown for some of these events, since they might not show clear emission in
one of the lines used in the analysis, most commonly the HeI emission for the
high ionisation cases or HeII for the low ionisation cases. We have instead placed
limits on the maximum W value of a line that cannot be detected in each spec-
trum by calculating the area under a Gaussian with a peak equal to the standard
deviation of the flux of each SN over an area with no evident lines and assuming
a FWHM equal to that of a Gaussian fit to the Hβ line of the corresponding SN.
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SN 2013fr does not clearly show any of the lines used for this analysis, so the
noise limit is used for all of its lines. PTF10abyy is also truncated at 5600 Å,
thus lacking the HeI line. Based on the similarity of the available spectrum to
other events we have placed it in the higher ionisation end, but its position could
also be much lower than presented in Figure 4.7a.

We have also added to Figure 4.7a the measurements of 3 other spectra of
events we do not analyse in detail here, but which have constraints on their explo-
sions and progenitors from previous works. We have added the 2 day spectrum
of SN 1998S (Shivvers et al. 2015), the 4 day spectrum of SN 2016bkv (Hos-
seinzadeh et al. 2018; Nakaoka et al. 2018), and the 6 h spectrum of iPTF13dqy
(Yaron et al. 2017). We mentioned in the previous section that our models would
not be suitable for the very early spectra of iPTF13dqy, however we do not aim
to compare this spectrum to our models or to determine its exact properties in
relation to the rest of the sample. At this stage, we are looking for broad trends in
our sample that may generally reflect the mass-loss rate and temperature distribu-
tions. It is also interesting to see how the strengths of the lines investigated here
evolve with time by comparing its position in Figure 4.7a to that of the 21h spec-
trum. Deckers et al. (in prep.) show that SN 2016bkv is fit by parameters cor-
responding to the medium to low ionisation range and has a low mass-loss rate
(Ṁ = 6×10−4 M�yr−1 and L = 5.5×108 L�), which matches its placement in
the lower left side of Figure 4.7a. Modelling the spectrum of SN 1998S revealed
L = 1.5×1010 L� and Ṁ = 6×10−3 M�yr−1 (Shivvers et al. 2015), confirming
the high-ionisation, high mass-loss rate prediction given by its top right place-
ment in Figure 4.7a. For iPTF13dqy, Yaron et al. (2017) modelled the earliest
spectrum, obtained 6 hours after explosion and found Ṁ = 2−4×10−3 M�yr−1

and L = 2.0− 3.5× 1010 L�, values which match its position in the equivalent
widths figure, in between the two previously discussed SNe on the x-axis, and
in the top half of the figure. This spectrum shows no HeI emission so an up-
per limit was calculated as previously discussed, therefore its position could be
much higher.

We also note that, while the majority of the spectra were taken around 3-4 d
post-explosion, Figure 4.7a contains events with a range of ages, from less than
1 d to ≈ 8 d. The variation in post-explosion times of the spectra is expected to
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contribute to the positions on the events in Figure 4.7a relative to each other, as
the events will cool with time and different regions of the CSM will be probed.
Additionally, the surface abundances will also affect the positions of events in
this figure, as SNe that may have for example a lower H abundance cannot be
distinguished from a low mass-loss rate from the comparisons of the equivalent
widths alone.

Comparing the figure showing the equivalent widths measured in the ob-
served events (Figure 4.7a) to the figure of the equivalent widths measured in
our models (Figure 4.7b) we can see that our grid samples the entire observed
parameter space. Overall Figure 4.7a provides a good indication of the type of
spectrum a SN interacting with its progenitor shows at early times and could
be used as an initial guide in determining Teff and Ṁ. As mentioned earlier,
care must be taken when using this method as the time of the observation, the
SN velocity, and the surface abundances of the progenitor can also influence the
strength of the employed emission lines. This method should only be used as an
initial guide and detailed modelling has to be performed in order to obtain well
constrained results.

4.4.3 Constraining progenitor and explosion properties

Here we estimate SN and progenitor properties such as LSN, T?, Ṁ, and sur-
face abundances for the events in our sample by comparing the observed spectra
to our models. For the sake of brevity, we discuss in this section the detailed
modelling of three SNe in our sample, illustrating the low-, medium-, and high-
ionisation cases. A summary of the results can be found in Table 4.3 and detailed
discussions on the best-fits of the remaining SNe in our sample can be found in
Appendix C.2. The values quoted in this section and in Table 4.3 have been
scaled following the relations described in Sect. 4.2.

SN 2018cvk is a clear example of a low-ionisation interacting SN, exhibiting
mainly HI and HeI lines. Since its spectrum was taken 5±1 days post-explosion,
we compare it to our set of models computed at the latest times post explosion
(at 3.7 days). This is not a major issue since the explosion time in our models is
estimated assuming a constant vej = 10000 kms−1, which may vary in this case,
and also the models have to be scaled up as explained in Sect. 4.2 eventually

132



CHAPTER 4. INTERACTING SN 4.4. RESULTS: OBSERVATIONS

0.0 0.5 1.0 1.5 2.0
log10WHβ

1.0

0.5

0.0

0.5

1.0

1.5

2.0

lo
g 1

0
W

H
eI
I/
W

H
eI

PTF 10gva PTF 11iqb

PTF 12krf

SN 2010mc

SN 2016eso
SN 2018cvk

iPTF 13ast

iPTF 13dqy

iPTF 14bag

PTF 10uls

PTF 12gnn

SN 2014GSN 2018khh

SN 2018zd

SN 2013fr

PTF 09ij
PTF 10abyy

iPTF 13dqy6h

SN 2016bkv

SN 1998S

(a)

0.5 0.0 0.5 1.0 1.5 2.0 2.5
log10WHβ

3

2

1

0

1

2

3

lo
g 1

0W
H
eI
I/
W

H
eI

SOL
CNO
He

8.50

8.75

9.00

9.25

9.50

9.75

10.00

10.25

lo
g 1

0
 (L

um
in

os
ity

 (L
¯
))

Figure 4.7: The equivalent width of the Hβλ4861 line vs the HeIIλ4686 to HeIλ5876 ratio for
the observed SNe (top) and the models (bottom). We have added some previously studied SNe
(empty stars): SN 1998S at 1.8 days post-explosion (blue), SN 2016bkv at 4 days post-explosion
(pink), and iPTF13dqy (SN 2013fs) at 0.6 hours post-explosion (gold). On the right, the symbols
correspond to models at 1 day (circles), 2 days (triangles), and 3 days (squares) post-explosion
for different luminosities (colour) and mass-loss rates (size, 10−3 to 10−2 M�yr−1). The different
transparency levels represent the different surface abundances, the solid symbols having solar-
like surface abundances, the semi-transparent have CNO-processed abundances, while the most
transparent symbols are the He-rich models.
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leading to a higher Rin and hence larger texp. Our models show that SN 2018cvk
has L = 1.1−5.4×109 L�, Ṁ = 3.33−7.49×10−2 M�yr−1 (υ∞ = 500 kms−1),
T? = 9900−16600 K, and Rin = 60.7−78.0×1013 cm (Figure 4.8, top panel).
The luminosity was adjusted by a factor of 6.0 and 3.6 respectively, in order to
fit the absolute flux of the observations (assuming a distance of 111.51 Mpc) and
the spectral energy distribution (SED) is best-fit by a colour excess of E(B−
V ) = 0.05 (RV = 3.1), and E(B−V ) = 0.2 for the higher LSN model (Figure
4.8, bottom panel). Our best-fit model slightly overestimates the HI lines and
underestimates the HeI lines. The HeI have a clear narrower component which
might be due to contamination from the ISM. It may also be that the He to H
ratio is slightly underestimated in our model, but it would not be as high as in
the He-rich models. The abundances at the stellar surface could be either CNO-
processed or solar-like. The two models differ by the presence of a NIIλ5754
line in the CNO case (due to the increased N abundance) and stronger FeII lines
in the 4900−5400 Å region in the solar-like case. The different strengths of the
FeII lines are due to slight differences in the T structure in the outer wind caused
by differences in the cooling rates, where coincidentally the FeII lines are also
formed. However none of these lines are above the SNR of the spectrum (Figure
4.8 middle panel) making the distinction between the two abundance scenarios
difficult. Figure 4.8 (middle panel) also shows that the He abundance falls in
between 28% and 50%. SN 2018cvk is comparable in luminosity and mass-
loss rate to the other low-ionisation spectra in our sample (SN 2016eso and SN
2010mc; Appendix C.2). Due to the high mass-loss rates and relatively low
LSN we believe SN 2018cvk might exhibit interaction signatures for a prolonged
period of time, perhaps belonging to the classical SN IIn category.

iPTF13ast/SN 2013cu at 3 days post-explosion presents emission lines char-
acteristic of a medium-ionised spectrum, such as NIII, CIII and SIV. The best-
fit model for this spectrum falls in between a model with L = 1.5× 1010 L�,
Rin = 71.5×1013 cm, T? = 19900 K, Ṁ = 6.7×10−3M�yr−1 and a model with
L= 2.5×1010 L�, Rin = 64.0×1013 cm, T? = 23800 K, Ṁ = 5.7×10−3M�yr−1

(Figure 4.9, top panel). The terminal wind velocity cannot be well constrained
using this spectrum alone since the lines are not resolved, therefore we adopt
the velocity from Groh (2014) of υ∞ = 100 kms−1. It can been seen in Figure
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Figure 4.8: The observed spectrum of SN 2018cvk (dark purple) and the closest fitting mod-
els. Top: Normalised spectra of the two closest models. The models have L = 1.14× 109 L�,
Rin = 78.0× 1013 cm, Ṁ = 7.49× 10−2 M�yr−1, υ∞ = 500 kms−1, T? = 9919 K, and CNO-
processed surface abundances (black), and L = 5.4× 109 L�, Rin = 60.7× 1013 cm, Ṁ =
3.33×10−2 M�yr−1, υ∞ = 500 kms−1, T? = 16620 K, and CNO-processed surface abundances
(grey), respectively. Middle: Closest fitting models with different surface abundances. The
models with solar (brown), CNO-processed abundances and 28% He (dark orange), and 80%
He (gold) have the same properties as the black model in the top panel, except for the surface
abundances (and a slight difference in T?due to the difference in opacity). The model with 50%
He (orange) is closer in properties to the grey model in panel (a), except for the abundances.
Bottom: Absolute flux of SN 2018cvk and the models from the top panel. Assuming a distance
of d = 111.51 Mpc, the best-fit is given by a colour excess of E(B−V ) = 0.1, and R(V ) = 3.1
for the black model, and E(B−V ) = 0.2, R(V ) = 3.1 for the grey model.
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4.9 (top panel) that the lower T? model slightly underestimates the HeII lines,
while the higher T? model overestimates both HeII and NIII. Both models in Fig-
ure 4.9 (top panel) have CNO-processed surface abundances and 28% He and
they clearly overestimate HI emission. Figure 4.9 (bottom panel) shows the
L = 1.55× 1010 L� model for three different surface abundance, and we can
see that the He abundance should be higher. This supports the findings from
previous works and the II-b classification of this event. The CNO lines are well
fitted by the models with CNO-processed abundance. A solar surface abundance
would strongly overestimate the CIII lines. Fitting the SED assuming a distance
of 108 Mpc reveals weak reddening, with a colour excess of E(B−V ) = 0.01
and RV = 3.1 (Figure 4.9, bottom panel). The scaling factors required for the
LSN to match the absolute flux were 5.0 and 4.0 respectively. Comparing to pre-
vious results which model the spectrum at 15.5 hours (Groh 2014; Gräfener &
Vink 2016; Gal-Yam et al. 2014), our analysis reveals slightly higher LSN and Ṁ,
and similar abundances. The LSN is expected to be higher since both spectra are
pre-peak, with the latter spectrum analysed here being taken at a brighter stage.

To discuss the spectroscopic modelling and diagnostic lines of high-
ionisation events we use SN 2014G, which shows strong HeII, CIV, NIV, and
NV features in its early spectra. Many spectra in our sample are very similar
to that of SN 2014G, such as those of PTF 10uls, PTF 10abyy, PTF 11iqb, or
SN 2018khh. Our modelling shows that SN 2014G has L = 2.2−3.7×1010 L�,
Ṁ = 33.9− 49.6× 10−3 M�yr−1, υ∞ = 500 kms−1, Rin = 39.2× 1013 cm,
T? = 29300− 33500 K, and CNO-processed surface abundances, with Y larger
than 0.28, but not as high as 0.80 (Fig. 4.10). Fitting the SED and assuming a dis-
tance of 24.5 Mpc reveals an extinction coefficient of E(B−V )= 0.17±0.03 and
RV = 3.1 (Figure 4.10, bottom panel), matching previous works. Terreran et al.
(2016) place a constraint of MZAMS = 17± 2 M� and suggest a RSG or a Yel-
low Hypergiant (YHG) with enhanced mass-loss since Bose et al. (2016) place a
constraint of 9 M� at the pre-explosion stage. They also suggest a possible bipo-
lar outflow. Our results support the RSG/YHG hypothesis. The CNO-processed
surface abundances would be expected from a more massive (∼ 20 M�) RSG, a
YHG or a BSG star. The mass-loss rate and wind velocities are however atyp-
ical of quiescent RSGs thus implying enhanced mass-loss at the pre-explosion
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Figure 4.9: The 3 day-old observed spectrum of SN 2013cu (green) and the closest fitting mod-
els. Top: Normalised spectra of the two closest models. The models have L = 2.5× 1010 L�,
Rin = 64.0× 1013 cm, Ṁ = 5.7× 10−3 M�yr−1, υ∞ = 100 kms−1, T? = 23800 K, and CNO-
processed surface abundances (black), and L = 1.5× 1010 L�, Rin = 71.5× 1013 cm, Ṁ =
6.7×10−3 M�yr−1, υ∞ = 100 kms−1, T? = 19900 K, and CNO-processed surface abundances
(grey), respectively. Middle: Closest fitting models with different surface abundances. These
models have similar properties to the grey model from panel (a) except for the solar-like (brown),
CNO-processed with 28% He (dark orange), and with 80% He (gold) surface abundances. Bot-
tom: Absolute flux of SN 2018cvk and closest fitting models from the top panel. Assuming
a distance of d = 108 Mpc, the best-fit is given by a colour excess of E(B−V ) = 0.1, and
R(V ) = 3.1 for both models.
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stages. If we take into consideration that the narrow lines were only visible for 9
days, and naively assume a constant ejecta velocity of vsn = 10000 kms−1, then
the dense CSM extends up to 77.7×1013 cm. Further assuming a stellar radius
of R = 630 R� = 4.38×1013 cm (Bose et al. 2016) and a constant wind velocity
of υ∞ = 500 kms−1 then the wind as we observe it has only blown for 0.46 years
before explosion. With a mass-loss rate of (1.4−5.0)×10−2 M�yr−1 we get a
CSM mass of (0.6− 2.3)× 10−2 M�. This implies that most of the mass was
lost prior to this pre-SN episode, which is in agreement with stellar evolution
models. These values would be underestimated if the geometry of the CSM de-
viates from spherical symmetry. Hillier & Dessart (2019) indeed derive a CSM
mass of∼ 1 M� from the lightcurve fitting. The inability to simultaneously fit all
the lines observed in the flash ionisation spectrum could point to an aspehrical
geometry. Interestingly, PTF11iqb which has a similar spectrum to SN 2014G
has also shown signs of asphericity (Smith et al. 2015).

The three spectra discussed above are representative of three distinct regimes,
namely low-, medium-, and high-ionisation. However the different classes are
not separated by a clear cut in the parameter space, but there is a rather contin-
uous distribution of properties. We have compiled our results in Figures 4.11,
4.12, and 4.13, which show the distributions of the observed distances to the
events, the ages of the spectra, and the modelled inner radii, luminosities, den-
sity parameters, temperatures, mass-loss rates and terminal wind velocities, and
we discuss them below. Overall our results show, as Figure 4.7 previously im-
plied, that the SNe in our sample span a large portion of the interacting SNe
parameter space, despite the limited number of events. The inner radii derived
from spectral modelling range from 7× 1013 cm to 2.5× 1015 cm, with most
events having 5×1014 < Rin < 1015 cm, most likely mirroring the spectral ages
distribution which peaks around 3 to 4 days (Figure 4.11). Our sample covers
evenly an extended range of luminosities, from a few 108 L� to 1012 L� (Figs.
4.11 and 4.12). In terms of temperature, the SNe go from as cool as 9900 K
(corresponding to the low-ionisation cases) to as hot as 58000 K (highly ionised
spectra), but unlike the luminosities, which are more evenly spread, most of
the T are in the 20000 to 35000 range, with most events exhibiting a medium-
ionisation spectrum(Figs. 4.11 & 4.12). We have included the density parameter,
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Top: Normalised spectra of the closest models. The models have L = 3.7× 1010 L�, Rin =
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υ∞ = 500 kms−1, T? = 29300 K, and CNO-processed surface abundances (purple), and L =
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D, defined similarly to Chevalier & Irwin (2011) as D = Ṁ
4πυ∞

, because for a sig-
nificant portion of the events in our sample, we were only able to obtain an upper
limit for the wind velocity, and hence only an upper limit for the mass-loss rate.
Most events fall around the 5× 1016g cm−1 value (Figs. 4.11 and 4.13), which
is considered a typical density for type IIn SNe (Chevalier & Irwin 2011; Smith
2017). The universally high densities in our sample suggest that the main differ-
ence between flash ionisation events and longer lived type IIn SNe is given by
the extension of the CSM rather than its density. The mass-loss rates are also
spread evenly, from 6×10−4 M�yr−1 to ' 1.0 M�yr−1. The wind velocities are
mostly around 100− 300 kms−1, but also reach values as high as 800 kms−1

(Figure 4.11).
Considering that the strength of the Hβ line and the ratio of the HeII to HeI

line were chosen as proxies for the mass-loss rate and the temperature, Figs.
4.12a and c should qualitatively mimic Figure 4.7a. Overall this holds, with
some discrepancies being introduced by the low resolution of the observations
(for many events only an upper limit for the mass-loss rate could be obtained),
by the lack of certain lines in the spectrum (in Figure 4.7a many events have
only upper limits for the equivalent widths), by the insufficient sampling of the
models, or by differences in surface abundances. For example, SN 2016bkv has
a higher T than its HeII to HeI ratio would suggest. This is a result of a slight
mismatch between the HeI strength in the best-fit model (Deckers et al., in prep.)
and that measured in the observations. SN 2013fr also seems to have a lower T
than its W values would indicate, but it’s placement at the 0 value in Figure 4.7a
is due to the noise limit being adopted for both of the He lines used, since its
spectrum does not show any clear emission line other than Hα. Figs. 4.12 a and
c also point to the expected trend that higher wind densities lead to lower T. This
is of course degenerate with Rin or the age of the spectrum.

In the case of interacting SNe, a large percentage of the luminosity is provided
by converting the SN ejecta kinetic energy into radiation due to the deceleration
in the CSM. Therefore the CSM density is proportional to the observed lumi-
nosity, described by the Ṁ ∝ L3/4

SN relation. Our results show that this relation
holds both in the Ṁ-L space (Figure 4.12b) and the D-L space (Figure 4.12d),
with some scatter given by our uncertainties and slightly different post-explosion
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the following best-fit parameters: inner radii (Rin, left column, second row), luminosities (LSN,
right column, second row), density parameters (D, left column, third row), temperatures (T?,
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Figure 4.12: Temperature, luminosity, mass-loss rate, and density relations for our SN sample.
The colour code refers to the surface abundances of the progenitor. In the right side panels
we include for illustration purposes the expected scaling between mass-loss rate and luminosity
(top), and density and luminosity respectively (bottom). All the values here are derived from
CMFGEN modelling of the observed SNe. We have included four previously studied SNe, i.e.
SN 2016bkv, SN 1998S, SN 2013cu at 1 day post-explosion (SN 2013cu*), and SN 2013fr at 6
h post-explosion (SN 2013fr*) as described in Sect. 4.4.2. All the values can be found in Table
4.3.

times.
In terms of surface abundances, the majority of our events are fit well by the

assumption that the progenitor had CNO-processed surface abundances, which
is to be expected for evolved massive stars. A small number of events (15.7 %)
show solar-like surface abundances, with another 26.3 % having either solar-like
or CNO-processed abundances. According to our modelling, the only event that
could have a CSM significantly depleted in H is SN 2013cu, which is a rea-
sonable result since this event has been classified as a type IIb SN. Our models
show no clear correlation between the surface abundances and other SN or pro-
genitor properties (Figure 4.12b). This has broader implications on massive star
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Figure 4.13: Mass-loss rate vs terminal wind velocity. The solid and dashed lines correspond to
a wind density parameter of 5× 1016gcm−1 and 5× 1015gcm−1 respectively. The dotted lines
represent the possible locations of the events for which we only have an upper limit on the wind
velocity. Colour codes as in Figure 4.12.

evolution which will be discussed in detail in Sect. 4.4.4.
We can also infer how these events evolve over the first few days by com-

paring the pre-existing results for the very early spectra of SN 2013fs and
SN 2013cu with our properties obtained from fitting slightly older spectra (15
h later for 2013fs, and 2 days later for 2013cu). We can see the events evolve
rapidly, decreasing in T, due to the expanding radius, but increasing in LSN since
all the spectra were taken pre-photometric-peak in both cases. Surprisingly, the
density of the CSM increases slightly with time in both cases as well (Figure
4.14). Assuming υ∞ = 100 kms−1, the material seen in the two observations
would have been ejected 0.5 years and 2 years prior to collapse for 2013cu, and
0.4 years and 0.8 years respectively, for SN 2013fs. Depending on the mass of
the star the two timescales might correspond to different burning stages. The
timescales calculated here are reminiscent of the envelope instabilities induced
via gravity waves by the turbulent Ne and O burning, as derived by Fuller (2017).

There are also a number of events that stand out from our analysis. The low-
ionisation events (SN 2010mc, SN 2018cvk, SN 2016eso) seem to be isolated
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Figure 4.14: Temporal evolution of the wind density parameter with time for SN 2013fs (left)
and SN 2013cu (right). The bottom axis is the post-explosion time at which the spectrum was
obtained, while the top axes represent the times at which the material would have been ejected,
with respect to the explosion epoch, assuming the two limits of the wind velocity.

from the other events, clustering in the high Ṁ low-to-medium LSN corner of
Figure 4.12b. This shows that their low temperatures are not a result of very
low luminosities, but rather of their high mass-loss rates. They may be part of
the classical type IIn class, and they may show interaction for a longer period of
time than their medium and high ionisation counterparts. Follow-up spectra of
these events should be obtained in order to test this hypothesis. They also have
in common a linearly declining lightcurve.

PTF 10abyy is a very unusual event. First of all its spectrum is incomplete,
missing the red side containing the HeI line, which could have had an effect on
our results. However, the available part of the spectrum is very similar to other
medium-to-high ionisation events, as can be seen from the T determination in
Figure 4.12a as well. Not only does PTF 10abyy seem to have a much higher
LSN and Ṁ than the other events, but it does so while having one of the oldest
spectra in our sample, i.e. at a similar age to the other events it could have been
even more extreme. The main reason for the unusually high LSN is the scaling
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factor that had to be applied in order to match the absolute flux. Therefore we
theorise that the distance quoted in literature might be inaccurate. PTF 10abyy
also has the highest υ∞ in our sample, of 800 kms−1. Even more puzzling are
the properties that point to the progenitor of PTF 10abyy as having been a RSG
star, i.e. its IIP-like lightcurve, its extended radius (Rubin et al. 2016), and its
possible solar surface abundances.

For PTF 10gva, there is a discrepancy between our derived T?, which is in
the 33600 to 47500 (or Teff ' 30000− 40000) and the 20000 K temperature
obtained by Cenko et al. (2010) using a black-body fit to UV measurements ob-
tained one day after the spectrum, which may be explained by the fast T evolution
at early times post-explosion.

4.4.4 Connecting supernovae to their progenitors

Since the SN properties depend on those of the progenitor, connecting the two
stages sheds light on the evolution of massive stars. In this section, we compare
the SN types of the events in our sample to the pre-explosion properties derived
from our analysis. For this analysis we have included the previously studied
SN 1998S, and SN 2016bkv, bringing the total number of events to 19.

Our sample is dominated by type II-P SNe ( 47%), followed by type II-Ls
(32%), and 1 type IIb. 16% of our events did not have enough photometric points
for a lightcurve classification, and are generically classified as type II (Figure
4.15). These rates qualitatively match previously observed and modelled rates
of type II SNe (Li et al. 2011; Smith et al. 2011a), with the exception that when
considering all type II SNe the type II-b SNe are more common than the type
II-L. This could have several causes, as for example, some of the events in our
sample could evolve into type II-b SNe but there are no publicly available spectra
to confirm this, we have selected a sample of SNe that show relatively strong H
lines thus disfavouring type II-b SNe in our sample, and CSM interaction can
produce faster-declining light curves (Hillier & Dessart 2019), leading to more
interacting events being classified as II-L SNe.

The mass-loss history of a SN progenitor is expected to be connected to the
SN class. Depending on the mass of the H envelope available at the time of the
explosion, SNe range from type II-P SNe, where most of the envelope is retained,
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Figure 4.15: Relative rates of SN types in this sample and the surface abundances of their pro-
genitors derived from modelling their post-explosion spectra. The absolute number of events for
each type is included in brackets.

to type II-b, which have very little H left, all the way to type I core-collapse
SNe, whose progenitors have lost all of their H envelope. Modelling the spectra
of interacting supernovae can place good constraints on Ṁ and υ∞ at the very
late evolutionary stages, but linking these values to a progenitor type would not
give an accurate representation of the SN-progenitor connections. Comparing
our results of the mass-loss rates and wind velocities to those of typical evolved
massive stars it is obvious that most of the interacting SN progenitors have much
stronger winds, clearly supporting the scenario of strongly enhanced mass-loss
at the pre-SN stage.

The surface abundances can be used to link SNe to their progenitors with
more accuracy. Not only does the H envelope mass vary between the differ-
ent SN types, but the amount of CNO-processed material at the surface of a
massive star is expected to increase with ZAMS, if the star followed single star
evolution (Ekström et al. 2012). While type II-P supernovae are the most com-
mon in our sample, the progenitors prefer CNO-processed surface abundances.
If all type II-P SNe originate from RSGs, and only the more massive RSGs
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(' 15M�) exhibit CNO-processed material at the surface (Groh et al. 2013c),
then our sample shows shows a clear preference for more massive progenitors.
Our results also show that all the events that definitely had solar-like surface
abundances are type II-P SNe, which follows the RSG - type II-P scenario, but
a number of events for which the CNO fractions could not be constrained are
also present in type II-L and type II SNe. The only SN with a significantly low
H abundance is SN 2013cu which exploded as a type II-b SN, confirming the
aforementioned scenario. These results should be interpreted carefully, keeping
in mind the impacts of binarity, uncertainties in the modelling, and uncertainties
in the observed masses of SN progenitors. For example, 1/3 to 1/2 of type II
SN progenitors (including type II-P) have interacted with a binary companion
(Zapartas et al. 2019). Binary interaction can lead either to mass exchange or
mergers, thus modifying the observed surface abundances of the resulting SN
progenitors and the mapping to their initial masses. Additionally the mixing of
chemical elements in post-main sequence stars may not be fully captured in the
stellar evolution models. Farrell et al. (2020a) have also suggested that, due to
the weak dependence of RSG luminosities on the envelope mass, the masses
of the observed type II-P progenitors have much larger errors than previously
estimated.

The mass-loss rates however do not seem to correlate to the surface abun-
dances, and hence to the stellar mass in the single star scenario, as for example,
SN 2018zd is a type II-P SN with solar-like surface abundances, but is placed in
the higher end of the Ṁ or D parameter space (Figs. 4.12 b and d). SN 2013cu,
which has a H-depleted CSM and therefore is expected to have had high Ṁ, ex-
hibits lower Ṁ or similar Ṁ to many H-rich events. This may mean that the
mechanism responsible for the enhanced mass-loss at the pre-explosion stage
does not depend on the stellar mass.

We recognise the limitations of our results due to the small sample of events
and uncertain classification of the light curves and we are hopeful that a simi-
lar analysis of the upcoming larger number of early-time interacting supernovae
will further improve our understanding of the final stages of massive star evolu-
tion and the SN-progenitor connections. Better photometric coverage and higher
resolution spectroscopy would also be beneficial in reducing uncertainties, such
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as the lightcurve classification and in particular the derived mass-loss rates, re-
spectively.

4.5 Conclusions

In this chapter we firstly presented a systematic investigation of spectra that sim-
ulate SNe interacting with their progenitor’s wind at early times after explosion.
Secondly, we have compiled a set of 17 observed SNe showing interaction with
a CSM at early-times and using a library of CMFGEN synthetic spectra, we have
constrained the progenitor and explosion properties of these events.

In our models we covered a large range of SN luminosities (L = 1.9×108−
2.5×1010 L�), progenitor mass-loss rates (Ṁ = 5×10−4−10−2 M�yr−1), and
progenitor surface abundance scenarios (solar-like, CNO-processed, and He-
rich). Our library contains models simulating these events at 1, 2 and 4 days
post-explosion. For the luminosity range considered here the early-time spec-
tra can be classified in three main categories based on ionisation levels. Low-
ionisation spectra show mainly HI and HeI lines. In the medium-ionisation case
CIII or NIII lines are present, while high-ionisation spectra contain HeII, NV or
OV/VI lines. Our models also show that progenitors with mass-loss rates lower
than Ṁ = 5× 10−4 (υ∞/150kms−1) M�yr−1 will not show detectable interac-
tion signatures in the post-explosion spectra. While CSM densities can be well
constrained, because of the unknown nature of pre-explosion mass loss, it is
challenging to connect them to different progenitor types. On the other hand,
changes in the surface abundances of the progenitors have observable effects on
the early-time post-explosion spectra. Early-time SN spectra thus provide con-
straints on progenitors by measuring H, He, and CNO abundances if the progen-
itors come from single stars. The effects discussed so far are also observable in
low resolution spectra, hence they could be used for linking SN to their progen-
itors. However, low resolution spectra may yield higher errors in the parameter
determinations due to the poorer constraints on the CSM velocity and progen-
itor’s mass-loss rate. Additionally, the spectra presented in this chapter can be
used to characterise not only events with properties in the parameter range pre-
sented here, but they can be adapted to fit lower luminosity events, such as SN
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impostors, or events observed at different epochs after explosion.
Modelling a sample of observed SNe that interact with their progenitors at

early times revealed the diversity present in these events. They span a wide range
of both explosion and progenitor properties. The sample of observed events
analysed in this chapter cover luminosities from 108 to 1012 L�, mass-loss rates
from a few 10−4 to 1 M�yr−1, wind velocities from less than 100 kms−1 up to
800 kms−1, temperatures from 10000 to nearly 60000 K, and solar-like, CNO-
processed, and H-depleted surface abundances. We devised empirical relations
based on the relative strengths of the H and He lines, that allow us to produce a
phase diagram of interacting SNe in order to classify these events. The relative
strengths of these emission lines can be successfully employed in estimating SN
temperatures and CSM densities. The wind densities derived from our modelling
support the recent hypothesis that many SN progenitors will have significantly
increased mass-loss rates right before explosion. Additionally there seems to be
a lack of correlation between the pre-explosion mass-loss rates and the mass of
the progenitor if it evolved as a single star. Looking at the surface abundances,
we find that the majority of these events have CNO-processed abundances. Con-
sidering that most of the SNe are type II-P, this points to a preference towards
high-mass RSGs (' 15M�) when it comes to SNe that interact with CSM in
the single star scenario. The mapping between surface abundances and initial
masses can be modified by binary interaction, which could affect the conclusion
above.

This work showcases the importance of early-time spectroscopic observations
of core-collapse supernovae in studying the late-time evolution of massive stars
and their explosive deaths, and supports the continued efforts of current and
future time-domain surveys such as the ZTF, ASAS-SN, and LSST.
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Chapter 5

Outlook
A variety of stellar explosions
In this thesis, we discussed the importance and challenges in our current study
of massive stars and their deaths, with a focus on late time behaviour and
supernova-progenitor connections (Chapter 1). For one particular event, SN
2015bh, spectra of its progenitor before explosion were obtained, and using the
radiative transfer code, CMFGEN (Chapter 2), we were able to find that the star
was a luminous blue variable surrounded by a dense extended medium (Chapter
3). However, the existence of pre-explosion spectra of known supernova progen-
itors is rare, and we have to rely on indirect methods. Supernovae that interact
with their progenitors’ winds provide an excellent medium for this, since their
spectra hold information on the progenitors’ mass-loss rate, wind velocity, and
surface abundances. In Chapter 4 we presented an extensive library of CMFGEN
synthetic interacting supernova spectra. We examined core-collapse supernovae
within typical luminosities (108 to 1010 L�), and moderate to high mass-loss
rates (5×10−4 to 10−2 M�yr−1), since our models showed that lower mass-loss
rates would not produce interaction signatures. We also looked at three sets of
surface abundances, namely solar-like, CNO-processed (with a solar ratio of H
to He), and He-rich ( 80% He mass ratio), that can be related to the initial mass of
the progenitor. These models were then used to analyse a sample of observed su-
pernovae that show interaction signatures in their early-time spectra (Sect. 4.4).
Our models showed that their main characteristic is diversity.

Interacting supernovae have been recently observed to exhibit properties well
over the ranges studied here, and therefore this work can be continued into sev-
eral different directions, some of which we discuss in this chapter.
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5.1 Superluminous Supernovae

Superluminous Supernovae (SLSNe) are a newly observed category of tran-
sients, exhibiting very high luminosities, as the name implies (' 2× 1010 L�;
Gal-Yam 2012, 2019; Moriya et al. 2018b). However, the source of their ex-
treme brightness is still under debate. As mentioned in Chapter 1, the energy
conversion due to the deceleration of fast ejecta crashing into the dense mate-
rial, i.e. SN ejecta running into a dense CSM, is an efficient mechanism and it
is expected to increase with the CSM mass (Eq. 1.6). Therefore one possible
explanation for SLSNe is that they are scaled-up versions of classical interact-
ing SNe. This hypothesis is supported by the presence of narrow emission lines
in the spectra of many SLSNe (e.g. SN 2006gy; Ofek et al. 2007; Smith et al.
2007). These events are H-rich and have been named type IIn SLSNe. The SN-
CSM interaction is the preferred mechanism to explain this subclass of events,
but can also explain the light curves of some type I (H poor) SLSNe (Sorokina
et al. 2016; Chatzopoulos & Tuminello 2019).

The research presented in this thesis, and more specifically the models in
Chapter 4 can be expanded to encompass the properties of Superluminous Su-
pernovae. The code we used in our analysis, CMFGEN, has been previously
successfully employed in the study of SLSNe (Figure 5.1; Dessart et al. 2015;
Dessart & Audit 2018), but with a focus on specific events. A wide ranging
parametric study of interacting superluminous supernova spectra could not only
help constrain the powering mechanism of these events, but also reveal the prop-
erties of their progenitors. Current light curve modelling suggests that spectro-
scopic modelling of SLSNe should consider bright events (L> 2×1010 L�) from
progenitors with extreme mass-loss rates (Ṁ > 0.1 M�yr−1). Additionally the
models will have to be shifted to later epochs, since SLSNe reach peak luminosi-
ties later than ’normal’ SNe (10− 100 days), and tend to be featureless before
the peak (Inserra 2019). The observed optical spectra of type IIn SLSNe have
shown Fe lines which can be very useful in constraining the progenitor metallic-
ity. The UV region is expected to be populated with Fe lines and CNO products,
and therefore can also be used in determining the properties of the SLSNe pro-
genitors (Figure 5.1; see also Gal-Yam 2019). In addition, the mass-loss rates
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needed to power these events could shed a light on mass-loss mechanisms in
massive stars.

Figure 5.1: CMFGEN synthetic spectra of a Superluminous Supernova powered by circumstellar
interaction, at different epochs. This model has L≈ 1010 L� at peak, and Ṁ = 0.1 M�yr−1. The
spectra are mainly populated by HI, HeI, and FeII and FeIII lines. Figure borrowed from Dessart
et al. 2015 (Figure 11).
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5.2 Low-Luminosity Supernovae

At the opposite end of the luminosity distribution of massive star explosions lie
low-luminosity supernovae. These transients are characterised evidently by low
luminosities (≈ 107−108 L�), but also low ejecta velocities (few 1000 kms−1),
and low 56Ni ejecta (< 10−2 M�; Pastorello et al. 2004; Spiro et al. 2014). As for
their high luminosity counterparts described above, their origins are still debated.
The two main proposed scenarios are low-energy explosions of lower mass mas-
sive stars (8− 12 M�; e.g. Chugai & Utrobin 2000; Lisakov et al. 2018), and
higher mass massive stars (> 25 M�) that form a black hole and suffer significant
fallback (Turatto et al. 1998; Benetti et al. 2001).

Given the high luminosities expected from CSM interaction, it was surprising
to find the first low-luminosity SN that showed interaction signatures in their
early time spectra, SN 2016bkv (Hosseinzadeh et al. 2018; Nakaoka et al. 2018).
This presents the opportunity to study the wind properties and abundances of
a low-luminosity SN progenitor and perhaps contribute towards differentiating
between the two scenarios. Based on our library of models (Chapter 4), Deckers
et al. (in prep.) fit the interacting spectrum of SN 2016bkv (Figure 5.2). In a
puzzling twist, they find that the surface abundances point to a progenitor formed
most likely through the merger of two lower mass stars. However, a massive
(20−40 M�), low metallicity, single star could not be conclusively excluded.

Not only are low-luminosity SNe rare ( 5% of all type II SNe; Pastorello et al.
2004), but to date there are only three other low-luminosity SNe with spectral
observations at an early enough epoch, similar to SN 2016bkv (Hosseinzadeh
et al. 2018). Hopefully with new facilities, now able to observe fainter objects
and have faster spectroscopic follow-up, more low-luminosity supernovae with
clear CSM interaction will be found and a systematic study can be performed.

5.3 H-poor Supernovae

In addition to luminosity variations, core-collapse supernovae also cover a wide
range of abundances. The first and most distinct difference between supernovae
is the presence or absence of H, this being the very basis of the current SN clas-
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Figure 5.2: Best-fitting CMFGEN model for the interacting spectrum of SN 2016bkv. The model
has LSN = 5.5×108 L� and Ṁ = 4.0−8.0×10−4 M�yr−1 (υ∞ = 150kms−1). Figure borrowed
from Deckers et al. (in prep.).

sification (Chapter 1). Interacting supernovae also show this distinction through
the existence of type IIn SNe, which come from interaction with a H-rich CSM,
and type Ibn SNe, where the SNe interact with a He-dominated CSM (Smith
2017).

Our library of models (Chapter 4) extends to progenitors depleted down to
20% H, and we have seen a clear example of such an event in the type IIb SN
2013cu (Chapter 4; also Groh 2014). Another H-depleted transient showing
early-time (2-3 days post-explosion) interaction, is SN 2018gjx Prentice et al.
(in prep.). Our 20% H models also provide a reasonable fit to the early-time in-
teracting spectrum of SN 2018gjx. This event seems to transition from a type IIb
to a type Ib SN, therefore strengthening the idea of a continuum of SN properties.
This also underlines the need for a fine grid of models.

Nonetheless, type Ibn SNe, where no H is present in the interacting spectrum,
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have been observed and a similar model grid would be beneficial in studying
these types of supernovae. They are quite distinct from H-rich interacting SNe,
displaying on average higher wind velocities (500− 1500 kms−1; Pastorello
et al. 2016), and stronger mass-loss rates. Not only are their wind properties
different, but their progenitors seem to have different mass-loss histories. The
light curves of Ibn SNe decline faster than those of IIn, i.e. interaction subsides
sooner, and it has been proposed that they lose mass at higher rates, but for a
shorter period of time (Moriya & Maeda 2016). Their progenitors are thought to
be Wolf-Rayet stars, or LBVs in transition to WRs, but binary companions influ-
encing mass-loss have been suggested to explain the diversity of type Ibn SNe
(Pastorello et al. 2016). Furthermore, some more peculiar type Ibn SNe, were
even proposed to have low-mass progenitors in binaries (Sanders et al. 2015;
Hosseinzadeh et al. 2019). The development of a comprehensive grid of models
for spectra of H-depleted supernovae and its application to the increasing num-
ber of observed events can help distinguish between the evolutionary channels
of their progenitors and their mass-loss mechanisms. This is something that our
group is currently developing (Allan et al, in prep.).

5.4 Connecting pre- and post-explosion properties

In Chapter 3, we modelled the rare pre-explosion spectrum of SN 2015bh and de-
termined the properties of its progenitor. In an effort of painting a more complete
picture, and hopefully finding a way to differentiate between the possible post-
explosion scenarios (terminal vs non-terminal explosion), we set towards inte-
grating our results with other methods of studying supernovae and their progeni-
tors, such as light curve modelling (Moriya & Maeda 2014). Preliminary results
however point to a discrepancy in the mass-loss rates and CSM structures, which
may be explained by further mass-loss closer to the explosion epoch. This moti-
vated the following stage of investigating this outstanding event, which is mod-
elling the interacting post-explosion spectra. Preliminary modelling of the 1 day
old spectrum reveals a progenitor mass-loss rate of 8×10−3 M�yr−1(υ∞ = 700
kms−1), slightly higher than the value derived from the pre-explosion spectrum
(Figure 5.3). The CSM the ejecta interacts with at this stage may have been lost
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Figure 5.3: The observed spectrum of SN 2015bh (red), 1 day post-explosion, and two close
models. The two models have identical properties, i.e. Ṁ = 8×10−3 M�yr−1, υ∞ = 700 kms−1,
Rin = 8× 1013 cm, except for the luminosities, which are LSN = 2× 108 L�(black) and LSN =
4×108 L�(grey), respectively (Boian 2020b).

by the progenitor anywhere between a few days to a few years before explo-
sion depending on when the explosion happened and what the ejecta velocity is,
which is not well constrained (Sect. 1.4). The varying mass-loss rate and veloc-
ity may arise from the unstable behaviour massive stars seem to exhibit at late
pre-explosion stages, similar to what we observed for SN 2013fs and SN 2013cu
in our sample of interacting SNe (Sect. 4.4.3). As we might be probing slightly
different stages of the progenitor’s life one would not anticipate identical results
from modelling the pre- and post-explosion spectra. Constraining the CSM den-
sity from post-explosion spectra may help reveal a more complete evolutionary
picture.

5.5 Supernovae type Ia-CSM

Not all stellar explosions are due to the collapse of massive stars, with one ma-
jor class of SNe, type Ia SNe, consisting of thermonuclear explosions of White
Dwarfs (WD) in a binary system. However, the nature of the companion is highly
debated. The current literature favours two channels to type Ia SNe: the single
degenerate (SD) scenario, where the companion to the WD is a non-degenerate
star (e.g. a red giant; Whelan & Iben 1973), or the double degenerate (DD)
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scenario, where the companion is another WD (Webbink 1984). Please see e.g.
Maguire 2017; Livio & Mazzali 2018; Jha et al. 2019 for in-depth reviews of
type Ia SNe.

A small fraction of SNe Ia (0.1-1%; Dilday et al. 2012) also show interaction
signatures with a H-rich CSM, and are oftentimes referred to as type Ia-CSM
supernovae (Silverman et al. 2013). The presence of H in their spectra may
confirm the SD scenario as responsible for at least some type Ia SNe (Han &
Podsiadlowski 2006; Dilday et al. 2012), however alternative explanations have
also been brought forward (e.g. Livio & Riess 2003). Additionally, their simi-
larities to interacting core-collapse SNe makes some of these events difficult to
classify in the first place (e.g. SN 2002ic - Hamuy et al. 2003; Wood-Vasey et al.
2004; Benetti et al. 2006; SN 2005gj - Aldering et al. 2006; Trundle et al. 2008;
SN 2012ca - Inserra et al. 2014, 2016; Fox et al. 2015), although Leloudas et al.
(2015) argue that only a small number of Ia-CSM are misclassified. Generally,
type Ia-CSM SNe are very bright, with peak magnitudes of −21.3≤MR ≤−19
mag (Silverman et al. 2013). They have longer rise times than typical type Ia
SNe, as expected due to the presence of the CSM. Using their early lightcurves,
their mass-loss rates have been estimated to a few 10−1 M�yr−1 (Silverman et al.
2013). Estimates using the Hα flux and/or IR observations lower these values to
10−4− 10−2 M�yr−1 (Kotak et al. 2004; Taddia et al. 2012). Their narrow HI

emission lines have similar strengths and velocities to those of type IIn SNe, but
the HeI lines are weaker in type Ia-CSM SNe (Silverman et al. 2013).

Radiative transfer models like the ones presented in this thesis could be ap-
plied to these types of events, as long as the SN ejecta is hidden (otherwise a
different, more complex modelling approach is required, where the SN ejecta
and interaction region are included). Expanding our set of CMFGEN models to
include type Ia-CSM properties would require higher luminosities, higher mass-
loss rates, and a different set of abundances depending on the origin of the CSM.
Since the source of the photons is not modelled, these models may not be able to
directly differentiate between the different explosions mechanisms. They could,
however, constrain the CSM properties which may point to a certain type of
companion star.
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5.6 Conclusion

In conclusion, we have shown that even if direct spectra of supernova progen-
itors are invaluable, the post-explosion spectra of early time interacting super-
novae can provide useful information on their progenitors and thus improve our
knowledge of massive stars and their links to these bright, explosive transients.

In our work we explored typical interacting supernovae, but they span a much
wider range of properties than what was tackled here. We discussed in this
chapter how their luminosities can range from extremely high to extremely low,
and their progenitors have widely varied evolutionary histories and circumstellar
configurations. All of these events come with their own challenges and mysteries
and the SN-CSM interaction has proven an excellent tool to help uncover them.
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Appendix A

Basics of Radiative Transfer

A.1 Derivation of the radiative transfer equation

The way radiation propagates through material is described by the radiative
transfer (RT) equation, which states that the total rate of change in intensity
is equal to the source terms minus the sink terms:

dIν

dt
=

∂ Iν

∂ t

∣∣∣
sources

− ∂ Iν

∂ t

∣∣∣
sinks

(A.1)

Switching from a Lagrangian to an Eulerian description, the total derivative
can be written as:

d
dt

=
∂

∂ t
+~v

∂

∂~r
(A.2)

Additionally ∂

∂~r = ∇ and~v = c~n for photons, making the left side of the RT Eq.:

∂

∂ t

(Iν

c

)
+∇

(Iν

c
c~n
)

(A.3)

The physical information at the atomic level is incorporated into a number of
macroscopic coefficients:
η th

ν = the thermal coefficient; the energy emitted along the line of sight
aν(~n) = the true absorption coefficient; the fraction of energy removed and con-
verted into internal energy
σν(~n) = the scattering coefficient; the fraction of energy removed and sent into a
different direction
χν(~n) = aν(~n)+σν(~n) = the extinction coefficient
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ην = η th
ν +

∮
σν(~n′)p(~n′,~n)d~n′ = the total emission coefficient

Therefore the RT Eq. becomes:

∂

∂ t

(Iν

c

)
+∇

(
Iν~n
)
= ην −χνIν (A.4)

Now ∇(Iν~n) = ∂

∂x(Iν~nx.~n)+ ∂

∂y(Iν~ny.~n)+ ∂

∂ z(Iν~nz.~n).

In plane-parallel geometry, ∂ Iν
∂ z = ∂ Iν

∂y = 0 and ~nx.~n = cosθ = µ , resulting in
the RT eq.:

1
c

∂ Iν

∂ t
+µ

∂ Iν

∂x
= ην −χνIν (A.5)

However plane-parallel geometry is not suitable for optically thick atmo-
spheres and spherical geometry is required. In spherical geometry, the RT eq.
becomes:

1
c

∂ Iν

∂ t
+µ

∂ Iν

∂ r
+

1−µ2

r
∂ Iν

∂ µ
= ην −χνIν (A.6)
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Appendix B

CMFGEN models: properties and
measured equivalent widths

Table B.1: The varying properties (i.e. the supernova luminosity, LSN, the progenitor’s mass-
loss rate, Ṁ, the temperature at τ = 10, T?, the inner radius, Rin, and the surface abundances, Z)
of all the CMFGEN models included in Chapter 4, and the equivalent widths of the Hβ , HeI, and
HeII lines of the corresponding spectra.

LSN Ṁ T? Rin Z WHβ WHeII WHeI

L� M�yr−1 K cm

1.50E+09 1.00E-02 27250 8.60E+13 SOL -117.199 -71.296 -29.574
1.50E+09 1.00E-03 32190 8.60E+13 SOL -4.469 -10.755 -0.727
1.50E+09 3.00E-03 32010 8.60E+13 SOL -26.5905 -25.44 -4.682
1.90E+08 1.00E-02 16190 8.60E+13 SOL -163.524 -8.238 -48.216
1.90E+08 1.00E-03 19130 8.60E+13 SOL -11.5 -0.268 -2.546
1.90E+08 3.00E-03 19020 8.60E+13 SOL -53.268 -1.064 -15.387
2.50E+10 1.00E-02 55970 8.60E+13 SOL -40.026 -50.356 -0.581
2.50E+10 1.00E-03 64410 8.60E+13 SOL -0.67 -2.063 -0.268
2.50E+10 3.00E-03 64060 8.60E+13 SOL -2.928 -5.781 -0.274
3.10E+09 3.00E-03 38070 8.60E+13 SOL -22.142 -35.697 -2.838
3.90E+08 3.00E-03 22620 8.60E+13 SOL -39.377 -8.209 -10.374
6.30E+09 3.00E-03 45290 8.60E+13 SOL -15.274 -21.608 -0.689
7.80E+08 3.00E-03 26910 8.60E+13 SOL -29.85 -16.522 -7.464
1.50E+09 1.00E-02 27280 8.60E+13 CNO -102.804 -81.488 -18.807
1.50E+09 1.00E-03 31860 8.60E+13 CNO -4.227 -10.575 -0.259
1.50E+09 3.00E-03 32010 8.60E+13 CNO -24.223 -32.897 -1.834
1.90E+08 1.00E-02 16120 8.60E+13 CNO -153.295 -9.345 -47.395
1.90E+08 1.00E-03 19130 8.60E+13 CNO -11.109 -0.338 -2.455
1.90E+08 3.00E-03 19020 8.60E+13 CNO -51.218 -1.702 -14.920
2.50E+10 1.00E-02 56110 8.60E+13 CNO -16.260 -29.015 -0.166
2.50E+10 1.00E-03 64410 8.60E+13 CNO 0.692 -2.038 0.115
2.50E+10 3.00E-03 64060 8.60E+13 CNO -2.404 -5.367 0.078
3.10E+09 3.00E-03 38070 8.60E+13 CNO -21.594 -33.797 -0.499
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Table B.1– continued

LSN Ṁ T? Rin Z WHβ WHeII WHeI

L� M�yr−1 K cm

3.90E+08 3.00E-03 22620 8.60E+13 CNO -37.658 -8.616 -9.555
6.30E+09 3.00E-03 45290 8.60E+13 CNO -16.455 -20.895 -0.027
7.80E+08 3.00E-03 26910 8.60E+13 CNO -27.564 -19.565 -5.690
1.50E+09 1.00E-02 31680 8.60E+13 He -36.865 -86.700 -35.469
1.50E+09 1.00E-03 31910 8.60E+13 He -0.968 -14.949 0.079
1.50E+09 3.00E-03 32070 8.60E+13 He -9.529 -39.336 -2.709
1.90E+08 1.00E-02 18930 8.60E+13 He -52.319 -9.032 -97.791
1.90E+08 1.00E-03 19170 8.60E+13 He -2.145 -0.505 -4.175
1.90E+08 3.00E-03 19080 8.60E+13 He -12.210 -1.303 -22.441
2.50E+10 1.00E-02 63760 8.60E+13 He -6.266 -41.193 -0.115
2.50E+10 1.00E-03 64510 8.60E+13 He 1.179 -2.421 0.584
2.50E+10 3.00E-03 64190 8.60E+13 He -0.325 -8.134 0.462
3.10E+09 3.00E-03 38150 8.60E+13 He -9.134 -44.653 -0.522
3.90E+08 3.00E-03 22680 8.60E+13 He -7.991 -6.378 -14.575
6.30E+09 3.00E-03 45380 8.60E+13 He -5.862 -33.163 0.219
7.80E+08 3.00E-03 26970 8.60E+13 He -7.121 -20.004 -9.279
1.25E+10 3.00E-03 39770 1.60E+14 SOL -4.796 -9.056 -0.782
1.00E+09 3.00E-03 21230 1.60E+14 SOL -12.444 -4.859 -2.788
1.00E+10 1.00E-03 37730 1.60E+14 SOL -0.730 -3.786 -0.387
1.90E+08 1.00E-02 14000 1.60E+14 SOL -110.783 -1.096 -28.822
1.90E+08 1.00E-03 14080 1.60E+14 SOL -4.189 0.352 -1.483
1.90E+08 3.00E-03 14030 1.60E+14 SOL -21.063 0.474 -6.472
1.90E+08 4.50E-03 14020 1.60E+14 SOL -37.712 0.366 -11.439
1.90E+08 6.75E-03 14010 1.60E+14 SOL -66.851 -0.075 -19.515
1.50E+09 1.00E-02 23390 1.60E+14 SOL -61.234 -23.344 -15.734
1.50E+09 1.00E-03 23710 1.60E+14 SOL -1.690 -6.267 -0.197
1.50E+09 3.00E-03 23590 1.60E+14 SOL -9.876 -7.740 -1.973
2.50E+10 1.00E-03 47460 1.60E+14 SOL 0.536 -3.130 -0.484
2.50E+10 3.00E-03 47450 1.60E+14 SOL -3.099 -6.461 -0.451
3.10E+09 1.00E-03 28200 1.60E+14 SOL -0.946 -7.140 -0.463
3.10E+09 3.00E-03 28010 1.60E+14 SOL -8.289 -11.477 -1.670
3.90E+08 3.00E-03 16710 1.60E+14 SOL -18.593 -0.342 -5.118
4.00E+09 3.00E-03 29850 1.60E+14 SOL -7.886 -13.819 -1.302
5.20E+09 3.00E-03 31890 1.60E+14 SOL -7.412 -15.264 -0.988
6.30E+09 1.00E-03 33550 1.60E+14 SOL -0.912 -3.860 -0.316
6.30E+09 3.00E-03 33380 1.60E+14 SOL -6.880 -14.750 -0.841
7.80E+08 3.00E-03 19900 1.60E+14 SOL -14.523 -2.882 -3.505
1.90E+08 1.00E-02 13940 1.60E+14 CNO -101.140 -0.745 -31.211
1.90E+08 1.00E-03 14090 1.60E+14 CNO -4.437 -0.096 -1.251
1.90E+08 3.00E-03 14030 1.60E+14 CNO -21.289 -0.110 -6.366
1.50E+09 1.00E-02 23390 1.60E+14 CNO -56.636 -24.932 -13.274
1.50E+09 1.00E-03 23460 1.60E+14 CNO -1.749 -5.678 -0.064
1.50E+09 3.00E-03 23590 1.60E+14 CNO -9.513 -7.792 -1.573
2.50E+10 1.00E-02 47110 1.60E+14 CNO -19.905 -27.957 -0.092
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Table B.1– continued

LSN Ṁ T? Rin Z WHβ WHeII WHeI

L� M�yr−1 K cm

2.50E+10 1.00E-03 47460 1.60E+14 CNO 0.761 -2.131 0.131
2.50E+10 3.00E-03 47230 1.60E+14 CNO -1.364 -3.907 0.122
3.10E+09 1.00E-03 28200 1.60E+14 CNO -0.883 -6.475 -0.186
3.10E+09 3.00E-03 28070 1.60E+14 CNO -7.491 -13.982 -0.846
3.90E+08 3.00E-03 16680 1.60E+14 CNO -18.845 -0.412 -5.024
4.00E+09 3.00E-03 29850 1.60E+14 CNO -7.366 -15.395 -0.473
5.00E+09 3.00E-03 31570 1.60E+14 CNO -7.069 -14.532 -0.303
6.30E+09 1.00E-03 33550 1.60E+14 CNO -0.942 -2.316 -0.052
6.30E+09 3.00E-03 33380 1.60E+14 CNO -6.686 -12.981 -0.184
7.80E+08 3.00E-03 19840 1.60E+14 CNO -14.305 -2.031 -3.347
8.00E+09 3.00E-03 35510 1.60E+14 CNO -6.292 -10.382 -0.090
1.90E+08 1.00E-02 13980 1.60E+14 He -20.265 -0.640 -44.201
1.90E+08 1.00E-03 14220 1.60E+14 He -1.050 -0.227 -2.219
1.90E+08 3.00E-03 14150 1.60E+14 He -4.345 -0.248 -8.821
1.50E+09 1.00E-02 23490 1.60E+14 He -13.698 -22.272 -20.596
1.50E+09 1.00E-03 23500 1.60E+14 He -0.540 -6.654 -0.190
1.50E+09 3.00E-03 23700 1.60E+14 He -2.013 -8.183 -2.390
2.50E+10 1.00E-02 47280 1.60E+14 He -8.367 -49.157 0.073
2.50E+10 1.00E-03 47530 1.60E+14 He 1.042 -2.935 0.632
2.50E+10 3.00E-03 47240 1.60E+14 He -0.325 -7.071 0.533
3.10E+09 3.00E-03 28110 1.60E+14 He -1.939 -16.069 -0.831
3.90E+08 3.00E-03 16730 1.60E+14 He -4.557 -0.277 -7.995
6.30E+09 3.00E-03 33440 1.60E+14 He -2.341 -19.637 0.112
7.80E+08 3.00E-03 19880 1.60E+14 He -2.889 -2.336 -5.509
1.90E+08 1.00E-02 9919 3.20E+14 SOL -54.334 -0.071 -7.535
1.90E+08 1.00E-03 9906 3.20E+14 SOL -1.925 0.026 0.061
1.90E+08 3.00E-03 9976 3.20E+14 SOL -8.686 0.036 -1.267
1.50E+09 1.00E-02 16620 3.20E+14 SOL -27.018 -1.738 -7.157
1.50E+09 1.00E-03 16790 3.20E+14 SOL -1.548 -1.127 -1.095
1.50E+09 3.00E-03 16790 3.20E+14 SOL -4.668 -1.024 -1.439
2.50E+10 1.00E-02 33430 3.20E+14 SOL -10.219 -19.515 -1.381
2.50E+10 1.00E-03 33550 3.20E+14 SOL -0.857 -3.093 -0.369
2.50E+10 3.00E-03 33400 3.20E+14 SOL -1.631 -4.239 -0.444
2.50E+10 7.00E-03 33500 3.20E+14 SOL -5.624 -10.848 -0.805
3.10E+09 3.00E-03 19930 3.20E+14 SOL -3.449 -3.447 -0.798
3.90E+08 3.00E-03 11880 3.20E+14 SOL -6.608 0.136 -2.227
6.30E+09 3.00E-03 23710 3.20E+14 SOL -2.506 -8.735 -0.516
7.80E+08 3.00E-03 14120 3.20E+14 SOL -5.330 0.169 -1.889
1.90E+08 1.00E-02 9919 3.20E+14 CNO -54.855 -0.081 -10.060
1.90E+08 1.00E-03 9907 3.20E+14 CNO -1.985 0.003 0.015
1.90E+08 3.00E-03 9985 3.20E+14 CNO -8.913 0.003 -1.530
1.50E+09 1.00E-02 16620 3.20E+14 CNO -27.488 -1.153 -7.019
1.50E+09 1.00E-03 16590 3.20E+14 CNO -2.040 -0.341 -1.015
1.50E+09 3.00E-03 16800 3.20E+14 CNO -4.702 -0.730 -1.284
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Table B.1– continued

LSN Ṁ T? Rin Z WHβ WHeII WHeI

L� M�yr−1 K cm

2.50E+10 1.00E-02 33500 3.20E+14 CNO -10.764 -17.134 -0.235
2.50E+10 1.00E-03 33550 3.20E+14 CNO -0.865 -1.411 -0.041
2.50E+10 3.00E-03 33400 3.20E+14 CNO -1.787 -2.686 -0.058
3.10E+09 3.00E-03 19990 3.20E+14 CNO -3.354 -2.818 -0.569
3.90E+08 3.00E-03 11880 3.20E+14 CNO -6.784 -0.069 -2.056
6.30E+09 3.00E-03 23770 3.20E+14 CNO -2.386 -7.970 -0.243
7.80E+08 3.00E-03 14120 3.20E+14 CNO -5.652 -0.271 -1.659
1.90E+08 1.00E-02 9933 3.20E+14 He -8.552 -0.035 -12.597
1.90E+08 1.00E-03 9985 3.20E+14 He -0.835 -0.014 -0.368
1.90E+08 3.00E-03 9982 3.20E+14 He -1.392 -0.004 -1.904
1.50E+09 1.00E-02 16550 3.20E+14 He -5.814 -1.258 -10.549
1.50E+09 1.00E-03 16780 3.20E+14 He -0.950 -1.211 -2.021
1.50E+09 3.00E-03 16780 3.20E+14 He -1.471 -1.150 -2.634
2.50E+10 1.00E-02 33360 3.20E+14 He -4.071 -27.505 0.031
2.50E+10 1.00E-03 33540 3.20E+14 He -0.833 -2.018 0.394
2.50E+10 3.00E-03 33450 3.20E+14 He -0.974 -4.821 0.357
3.10E+09 3.00E-03 19970 3.20E+14 He -1.376 -3.184 -1.554
3.90E+08 3.00E-03 11880 3.20E+14 He -1.553 -0.150 -3.294
6.30E+09 3.00E-03 23710 3.20E+14 He -0.809 -10.239 -0.062
7.80E+08 3.00E-03 14130 3.20E+14 He -1.708 -0.499 -3.124
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Supplemental figures

C.1 Extended CMFGEN synthetic spectra
This section contains figures of the models in Chapter 4, in the extended UV and NIR regions, and at high resolution.
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Figure C.1: Ultraviolet spectral region of the CMFGEN models shown Fig. 4.1. The models
have been continuum normalised and shifted. The labels indicate the adopted values of Ṁ3
(10−3 M�yr−1) and L9 (109 L�), and the strongest spectral lines are identified.
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Figure C.2: Similar to Fig. C.1, but for near-infrared spectral region.
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Figure C.3: High-resolution CMFGEN optical spectra of SNe interacting with their progenitor’s
wind at early times. The models have been continuum normalised and shifted. The labels indi-
cate the adopted values of Ṁ3 (10−3 M�yr−1) and L9 (109 L�), and the strongest spectral lines
are identified.
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C.2 Best-fit models of individual supernovae
This section contains the best-fitting models for the other supernovae in our sample discussed in Section 4.4, in
chronological order.
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Figure C.4: Best-fit models for PTF 09ij. Top: normalised spectra. Bottom: absolute flux. PTF
09ij falls in between a model with L = 5.7×1010 L�, T? = 29300 K, Ṁ = 22.7×10−3 M�yr−1,
Rin = 62×1013 cm, υ∞ < 250 kms−1, and CNO-processed surface abundances (black) and L =
4.3×1010 L�, T? = 26700 K, Ṁ = 14.9×10−3 M�yr−1, Rin = 66.4×1013 cm, υ∞ < 250 kms−1,
and CNO-processed surface abundances (grey). The SED was fit assuming a distance of dL =
598.7 Mpc, and the best-fit was given by a colour excess of E(B−V ) = 0.22, and relative
visibility RV = 3.1.
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Figure C.5: The 6.8±0.5 day-old spectrum of PTF10abyy and two encompassing models. Top:
normalised spectra. Bottom: absolute flux. The black model corresponds to a SN with L= 1.37×
1012 L�, Ṁ = 1 M�yr−1 (υ∞ = 800 kms−1), Rin = 2.4×1015 cm, and CNO-processed surface
abundances. The grey model has L = 5.1×1011 L�, Ṁ = 5×10−1 M�yr−1 (υ∞ = 800 kms−1),
Rin = 2.3× 1015 cm, and solar surface abundances. Fitting the SED assuming d = 134.4 Mpc,
requires E(B−V ) = 0.44, RV = 3.1 for the black model and E(B−V ) = 0.37, RV = 3.1 for
the grey model. The models also match the closest photometric measurement of MR =−18.190
mag.
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Figure C.6: The spectrum of PTF10gva and its two closest fitting models. Top: normalised
spectra. Bottom: absolute flux. The black spectrum has L = 2.0× 1011L�, Ṁ = 8.708×
10−3 M�yr−1, υ∞ = 275 kms−1, Rin = 45.25× 1013 cm, and CNO-processed surface abun-
dances. The grey model has L = 5.67×1010L�, Ṁ = 9.526×10−3 M�yr−1, υ∞ = 275 kms−1,
Rin = 48×1013 cm, and CNO-processed surface abundances. In order to match the absolute flux
a distance of dL = 124.3 Mpc, a colour excess of E(B−V ) = 0.01, and RV = 3.1 was assumed
for the black model and E(B−V ) = 0.02, and RV = 3.1 for the grey model.
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Figure C.7: The spectrum of PTF10uls and its two closest fitting models. Top: normalised
spectra. Bottom: absolute flux. The black spectrum has L = 8.75× 1010L�, Ṁ = 15.4×
10−3 M�yr−1, υ∞ = 300 kms−1, Rin = 59.9× 1013 cm, and CNO-processed surface abun-
dances. The grey model has L = 6.0× 1010L�, Ṁ = 28.3× 10−3 M�yr−1, υ∞ = 300 kms−1,
Rin = 64×1013 cm, and CNO-processed surface abundances. In order to match the absolute flux
a distance of dL = 201 Mpc, a colour excess of E(B−V ) = 0.3, and RV = 3.1 was assumed for
both models.
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Figure C.8: Closest fitting models for SN 2010mc. Top: normalised spectra. Bottom: absolute
flux. The black model has L = 1.5×109 L�, Ṁ = 10.08×10−3 M�yr−1, υ∞ = 300 kms−1, T? =
19800 K, Rin = 22.6× 1013 cm and CNO-processed surface abundances. The grey model has
L= 9.8×108 L�, Ṁ = 11.93×10−3 M�yr−1, υ∞ = 300 kms−1, T? = 16700 K, Rin = 25.3×1013

cm, and CNO-processed surface abundances. The SED was matched with E(B−V ) = 0.1, and
RV = 3.1 for the black model and E(B−V ) = 0.07, and RV = 3.1 for the grey, assuming a
distance of 153 Mpc.
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Figure C.9: Best-fit models for PTF11iqb. Top: normalised spectra. Bottom: absolute flux.
The black model has L = 3.1× 109L�, Ṁ = 0.66× 10−3 M�yr−1, υ∞ = 100 kms−1, Rin =
16× 1013 cm, and CNO-processed surface abundances, while the grey model has L = 4.0×
109L�, Ṁ = 2.0× 10−3 M�yr−1, υ∞ = 100 kms−1, Rin = 16× 1013 cm, and CNO-processed
surface abundances. The models have been convolved with a Gaussian kernel having FWTH =
300 kms−1 in order to match the resolution of the observations. Assuming a distance of 55.85
Mpc, E(B−V ) = 0.3 and RV = 3.1 fits both models.
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Figure C.10: Best-fit models for PTF12gnn. Top: normalised spectra. Bottom: absolute flux.
The black model has L = 23.3× 109L�, Ṁ = 13.3× 10−3 M�yr−1, υ∞ = 250 kms−1, Rin =
61.5×1013 cm, and CNO-processed surface abundances, while the grey model has L = 13.9×
109L�, Ṁ = 15.4×10−3 M�yr−1, υ∞ = 250 kms−1, Rin = 67.88×1013 cm, and CNO-processed
surface abundances. For the comparison to the absolute flux, assuming a distance of d = 139.5
Mpc, an extinction of E(B−V ) = 0.22 (RV = 3.1) provided the best-fit for both models.
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Figure C.11: Best-fit models for PTF12krf. Top: normalised spectra. Bottom: absolute flux. The
black model has L = 119.7×109L�, Ṁ = 36.4×10−3 M�yr−1, υ∞ = 200 kms−1, Rin = 139.5×
1013 cm, and CNO-processed surface abundances, while the grey model has L = 71.3×109L�,
Ṁ = 42.0×10−3 M�yr−1, υ∞ = 200 kms−1, Rin = 153.5×1013 cm, and CNO-processed surface
abundances. This event has only R-band photometry, and around the time the spectrum was
taken, it had MR = −18.44 mag, which is well matched by the models. For the comparison to
the absolute flux, a distance of d = 289.6 Mpc was assumed and E(B−V ) = 0.47, RV = 3.1 for
both models.
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Figure C.12: Best-fit models for the 21.1 hours spectrum of SN 2013fs (iPTF13dqy). Top:
normalised spectra. Bottom: absolute flux. This spectrum of SN 2013fs is best-fit by a model
in between L = 3.5× 1010L�, Ṁ = 4.3× 10−3 M�yr−1, υ∞ = 100 kms−1, Rin = 26.8× 1013

cm, and solar surface abundances (grey) and L = 6.3×1010L�, Ṁ = 4.0×10−3 M�yr−1, υ∞ =
100 kms−1, Rin = 4.0× 1013 cm, and solar surface abundances (black). The models have been
convolved with a Gaussian kernel having FWTH = 500 kms−1 in order to match the resolution
of the observations. To match the absolute flux a distance of dL = 50.95 Mpc was assumed, and
a colour excess of E(B−V ) = 0.1, and RV = 3.1 provided the best fit for the SED.
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Figure C.13: Best-fit models for the 4 day spectrum of SN 2013fr. Top: normalised spectra.
Bottom: absolute flux. The black model has L = 5.9×109L�, Ṁ = 46.9×10−3 M�yr−1, υ∞ =
845 kms−1, Rin = 63.2×1013 cm, and CNO-processed surface abundances, while the grey model
has L = 9.4×109L�, Ṁ = 108.9×10−3 M�yr−1, υ∞ = 845 kms−1, Rin = 55.4×1013 cm, and
CNO-processed surface abundances. For the comparison to the absolute flux, a distance of d =
87.0 Mpc was assumed and E(B−V ) = 0.33, RV = 3.1 for the black model and E(B−V ) = 0.36,
RV = 3.1 for the grey model.
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Figure C.14: Best-fit models for iPTF14bag. Top: normalised spectra. Bottom: abso-
lute flux. The best-fit models for iPTF have L = 1.5× 1011L�, Ṁ = 189.7× 10−3 M�yr−1,
υ∞ = 300 kms−1, Rin = 160× 1013 cm, and CNO-processed surface abundances (grey) and
L = 1.1× 1011L�, Ṁ = 86.3× 10−3 M�yr−1, υ∞ = 300 kms−1, Rin = 189.3× 1013 cm, and
CNO-processed surface abundances (black). In order to match the absolute flux a distance of
dL = 557.2 Mpc, a colour excess of E(B−V ) = 0.45, and RV = 3.1 were assumed for both
models.
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Figure C.15: Best-fit models for SN 2016eso. Top: normalised spectra. Bottom: absolute
flux. The black model has L = 7.0× 109 L�, R = 69.2× 1013 cm, T? = 16.6 kK, Ṁ = 1.8×
10−1M�yr−1(υ∞/835 kms−1), and CNO-processed surface abundances. The grey model has
L = 3.7×109 L�, R = 70.1×1013 cm, T? = 14.2 kK, Ṁ = 5.4×10−2M�yr−1(υ∞/835 kms−1),
and CNO-processed surface abundances. In order to match the absolute flux, we assumed a
distance of dL = 71.96 Mpc, and E(B−V ) = 0.12, RV = 3.1 for the black model and E(B−V ) =
0.04, RV = 3.1 for the grey model.
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Figure C.16: Observed spectrum of SN 2018khh and two encompassing models. Top: nor-
malised spectra. Bottom: absolute flux. The black spectrum is a model with L = 15.0×1010 L�,
Ṁ = 1×10−2 M�yr−1, Tτ=10 = 33.5 kK, Rin = 32×1013 cm, and CNO-processed surface abun-
dances. The grey model has L = 4.4× 1010 L�, Ṁ = 3× 10−3 M�yr−1, Tτ=10 = 23.8 kK,
Rin = 32×1013 cm, and CNO-processed surface abundances. The models have been convolved
with a Gaussian of FWHM = 500 kms−1. For fitting the absolute flux we assumed a distance
of dL = 103.1 Mpc, and colour extinction E(B−V ) = 0.06, RV = 3.1 for L = 15.0× 1010 L�
model and E(B−V ) = 0.02, RV = 3.1 for L = 4.4×1010 L� model.
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Figure C.17: Best-fit models for SN 2018zd. Top: normalised spectra. The black spectrum is
a model with L = 15× 1010 L�, Ṁ = 21.3× 10−2 M�, υ∞ = 835 kms−1, Tτ=10 = 33.4 kK,
Rin = 78.4×1013 cm, and solar-like surface abundances. The grey model has L = 7×1010 L�,
Ṁ = 11.9× 10−2 M�, υ∞ = 835 kms−1, Tτ=10 = 26.6 kK, Rin = 84.7× 1013 cm, and solar-
like surface abundances. Bottom: absolute flux, assuming a distance of dL = 13.2 Mpc, and
E(B−V ) = 0.19, RV = 3.1 for both models.

182



Bibliography

Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2016, ApJ, 818, L22

Abbott, B. P., Abbott, R., Abbott, T. D., et al. 2017, Physical Review Letters, 119, 161101

Aghakhanloo, M., Murphy, J. W., Smith, N., & Hložek, R. 2017, MNRAS, 472, 591
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